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Chapter 1

PREFACE

In this thesis we shall treat the astrophysical origin of the s-process. The subject,
that can at first sight appear as very specific, is actually very wide, so that we shall
concentrate on one aspect, that is we shall consider mainly the s—process which
occurs in massive stars (MS), leading to the so—called weak component.

The aim is to reach a consistent picture that can explain the solar distribution
of the s-isotopes belonging to the weak component, as well as interpret the obser-
vation of chemical abundances in the atmospheres of stars of different metallicity.
The comparison with such empirical data is a way to test the validity of the theo-
retical predictions. Indeed, the solar abundances are in most cases well known, with
typical uncertainties of about 10 %, while the latest improvements of the observa-
tional techniques using high resolution spectroscopy can provide us with abundance
determinations within 0.1-0.2 dex.

In Chapter 2 we recall the main ideas on the nucleosynthesis of the heavy nuclei,
with a particular care to what happens in the stellar interiors during both the
hydrostatic and the explosive stages. Then, in Chapter 3, we point our attention on
the s—process, starting with a description of its phenomenology, as given by the so-
called classical analysis. It is seen how the main parameters playing in the game of
neutron captures can be derived through a detailed study of the branchings on the s-
path. In the same Chapter the possible astrophysical sites for the three components
of the s—process are reviewed, and the contributions given by our group to model
the main and the strong component are presented. These involve a detailed model
for the nucleosynthesis occurring in low mass stars (LMS) in the thermally—pulsing
Asymptotic Giant Branch (TP-AGB) phase of their evolution, that has proved to
fairly account for the main component in the solar-system. Moreover, the results
of such calculations are able to lead to a good interpretation of some meteoritic
anomalies found in SiC grains, as well as to a satisfactory fit of the abundances
observed in peculiar red giants.

We have also presented a suggestion for the possible origin of the strong compo-
nent, that might be confirmed by the observations in the near future.



In the further Chapters of the thesis we deal with the s—process occurring in
massive stars. We thus start by studying the evolution of a typical massive star
of 25 My with a hydrostatic numerical code. The calculation is followed from the
Zero Age Main Sequence up to central carbon exhaustion. With the computed
model we first analyze the neutron capture nucleosynthesis during convective core
He burning. This is commonly believed to be the most probable site to account for
the production of the s-nuclei from Fe to Sr. An inspection of the effects due to the
variation of some critical reaction rates such as the 12C(a,v)'*0 and **Ne(a,n)**Mg
ones is done, and the possibility of a propagation of uncertainties caused by some
badly determined neutron—capture cross sections is underlined.

Then we investigate if subsequent nuclear stages can give some contribution
to the s-synthesis. Since the evolutionary code we had is not able to describe
what happens in the star at later stages, we considered stellar models from the
current literature for a whole range of massive stars (10-50 Mg ), and saw that in
some cases the region where the s—process has occurred during He burning is swept
by a convective C—burning shell. Here, an additional episode of neutron-capture
synthesis can occur, giving a characteristic signature to the matter that is eventually
ejected in the interstellar medium when the star explodes as a supernova.

The problem of estimating the right amount of ejected matter that has suffered
He-burning or He-burning + C-burning in each star is not easy, and one has to
carefully analyze the models. In particular, it is important to take into account
the fact that after C—burning, other nucleosynthetic stages follow: Ne, O, Si and
explosive burnings, all leading to the photodissociation of the heavy nuclei. This
means that every star of given mass is characterized by its own composition of the
ejecta.

The s—contributions from a whole generation of massive stars must then be
weighted by an Initial Mass Function on the basis of a model for the galactic evolu-
tion, in order to derive the s—yields from massive stars. This is done in Chapter 5.
But to fit the solar distribution of s-isotopes with atomic mass 60 < A < 90 we also
need the s—contributions from low mass stars, since in the atomic mass region we
are concerned with both components are actually effective. Moreover, some s—only
nuclei are also marginally produced by the p-process. As a conclusion, if we want
to fit the solar abundances of these nuclei, we must sum all the three contributions.
Despite all the uncertainties involved, it is found that our calculations can reproduce
the solar values in a very satisfactory way, so that we can conclude that massive
stars can fairly account for the weak component.

A comparison with the findings of the phenomenological approach can be per-
formed, stressing the importance of taking into account the dynamic astrophysical
prescriptions in order to have a reliable interpretation for the weak component.

The good fit to the solar s—abundances can be considered like a normalization
point to start for an investigation of the behaviour of the weak component as a

4



function of metallicity. In Chapter 6 we performed calculations of neutron captures
for metallicities lower than solar, and inferred the global trend of the mechanism as
a function of time. It is found that the s—process in massive stars can be considered
as secondary-like down to a metallicity [Fe/H|~ —2, but then its efficiency sharply
decreases, so that no s—process is thought to be effective during the early evolu-
tionary stages of the Galaxy. The observations of abundances in metal poor stars
could in principle confirm this result. However, an easy confrontation is not possi-
ble and many difficulties arise, deriving from the fact that no isotopic information
is available, and there are no s—only elements that can allow for a direct compar-
ison between the observations and the theoretical predictions. Indeed, elements
with mass number in the domain of the weak component receive contributions from
various production mechanisms that are, besides the s—process from both massive
stars and low mass stars, the r~process or equilibrium as well as explosive burning
nucleosynthesis (the e—process). Each contribution with its own evolutionary story
must be individuated if one wants to understand the behaviour of the element as a
function of time.

As for the r—process, we can estimate the r—residuals by subtracting the s
abundances from the solar ones. The site of this process is still under debate, but
the widely accepted one is attributed to the last stages of massive stars evolution,
maybe in the less massive range. On the other hand, the e—contributions can derive
from both type I and type II supernovae, and it is essential to discriminate between
these two sources, because each of them has a different evolutionary timescale.
Unfortunately, the available models of supernova nucleosynthesis are still affected by
large uncertainties, but nonetheless they can give us first approximation indications
on the production efficiency.

An interpretation of the observed abundances in stars of metal content lower
than the solar one is attempted, leading to encouraging results, a more precise
analysis having to rely on a detailed model of chemical evolution for the Galaxy. -
An analysis is presented in which our nucleosynthetic prescriptions for Cu and Zn
are coupled to such a model, to see if the recent observations of these two elements
can be explained by the theory. The first hand results we have now are suggesting
that the picture we have settled so far has a fair degree of confidence.



Chapter 2

NUCLEOSYNTHESIS OF THE
HEAVY NUCLEI

2.1 INTRODUCTION

One of the most fashinating subjects in astrophysics is the study of how and when
the various nuclei which form the matter in the Universe were synthesized, and to
trace the evolution of their abundances as a function of time. It involves many re-
lated topics, spanning from cosmology, to stellar evolution, to nuclear astrophysics,

to stellar spectroscopy, requiring a lot of interdisciplinary effort.
Three main sources of nucleosynthesis can be envisaged:

e PRIMORDIAL NUCLEOSYNTHESIS. After ~ 100 s after the Big Bang, the
physical conditions of the early Universe were such as to allow the production
of D, *He, *He, and "Li. The comparison between the predicted abundances
of these isotopes with observational data can in principle put constraints on
quantities of cosmological and particles physics interest, as the baryonic den-
sity and the number of lepton families. In fact, the possibility of the existence
of one additional neutrino type beyond the known three begins to produce
an overabundance of *He (Yang et al., 1984). Moreover, the ratio n between
the number of baryons (protons and neutrons) and the number of photons
must be confined in a narrow range in order to match all the chemical abun-
dances (Yang et al., 1984): D/H ~ 107%; *He/H ~ 10~°%; *He/H = 0.08; "Li/H
~ 10710, This range goes from 3 to 6 x 107!° and implies a total baryon density
that is lower than the critical density to close the Universe (25 = pp/p. < 0.2,
where pp is the baryon density, and p. the critical one). This happens in the
standard model for primordial nucleosynthesis, but an alternative scenario
has recently been developed, starting from the analysis of the phase transi-
tion between normal, hadronic matter and quark-gluon matter. According
to this picture, baryon density fluctuations could arise ~ 107° s after the Big
Bang. Neutrons and protons would separate because of the different mean



free path, leading to the fragmentation of the Universe into neutron-rich and
neutron—poor regions. In this case the abundances of D, *He and *He could
be reconciled with Qg = 1, but "Li is strongly overproduced. The difficulty
can be overcome when dynamic effects are considered. Indeed, if one takes
into account the overlap between the proton-rich and the neutron—rich regions
during the epoch of the nucleosynthesis, a late diffusion of neutrons from the
neutron—rich back into the proton-rich region occurs. Such a diffusion can
significantly reduce the "Li abundance to levels consistent with observations
of population I and population II stars. One interesting point in this non
standard model is the possibility of heavy elements production (Applegate,
Hogan and Scherrer, 1988; Malaney and Fowler, 1988). Actually, a first chain
of nuclear reactions leads to the synthesis of **C:

H(n, v )*H(n, v )*H(d, n)*He(t, v ) Li(n, v )*Li
®Li(e, n)''B(n, v )*B(8)*C(n, v)**C(n, v)**C.

The effectiveness of this sequence has recently received a strong support by the
new experimental determination of the ®Li(e , n) reaction rate, which was pre-
viously very uncertain (Rolfs, 1991; private communication). 10 ultimately
decays into *N. However, some *C can be processed into 22Ne via:

14C(a, v)B0(n, v )°0(8)°F(n, 7 )*°F(8)*Ne(n, 7 )" Ne(n, v )**Ne.

Starting from this *?Ne, a certain amount of iron-peak nuclei could be syn-
thesized, providing the seeds for an r—process (see below), which would be
sustained by a series of fission cycles. It was found that with a convenient
choice of parameters, the ~~abundances observed in metal-poor stars might
be accounted for. The above picture for the primordial nucleosynthesis would
explain why we do not observe zero—metallicity stars in our Galaxy. Although
this scenario is very interesting, the bulk of the heavy elements in the Galaxy
must be ascribed to the nucleosynthesis occurring inside the stars.

GALACTIC COSMIC RAYS. Based upon simple arguments concerning the
relative abundances of the elements and relevant nuclear reaction cross sec-
tions, it can be demonstrated that the synthesis of Li, Be and B is dominated
by collisions of protons and o particles with *He, 12'*C, *N and '®0 nuclei.
The most likely astrophysical site in which this can happen is spallation of
galactic cosmic rays on the interstellar matter (Walker, Mathews and Viola,
1985).

STELLAR NUCLEOSYNTHESIS. The other elements are believed to be pro-
duced by nuclear reactions taking place inside the stars. In particular, the
lighter elements, that is those up to Fe, are essentially synthesized through
fusion reactions in different stages of stellar evolution, up to nuclear statisti-
cal equilibrium and explosive processes (the combination of these latter will



generically be called the ”e—process” furtheron). On the other side, the ele-
ments heavier than Fe are chiefly obtained by neutron captures on seed nuclei
(the s— and r processes), with minor contributions by proton capture and/or
photodissociation (the p—process). This idea is supported by the fact that
the nuclear binding energy has a maximum for Fe, and hence Fe disruption is
very energy—consuming. Moreover, energy barriers at high Z make the pro-
duction of heavy nuclei through charged—particle reactions very difficult. All
the material that has been synthesized inside the stars can be mixed up to the
surface and chemically enrich the interstellar medium thanks to various ex-
pulsion mechanisms such as mass loss by stellar winds, ejection of a planetary
nebula, or a supernova explosion.

In the next Section an outline of the most important nucleosynthetic processes
occurring inside the stars will be presented, including the hydrostatic as well as
the explosive stages. The main characteristics of neutron-capture processes and
v —process will also be reviewed.



2.2 STELLAR NUCLEOSYNTHESIS

2.2.1 Hydrostatic Stages

During the hydrostatic stages of thermonuclear burning, reactions occur on long
time scales, involving stable nuclei. In the following we shall outline the different
subsequent phases, with the main reactions involved:

e H-burning: conversion of H into *He through the pp—chain and/or the CNO-
cycle; in this last case C, N, O seeds are needed and because of the different
reaction time scales involved, they are completely converted into *N;

e He-burning: the main reactions are a (2a, v )**C and *C(a, v )'®0, the rate
of this latter being still poorly known. As a consequecence, the ratio C/O at
the end of He-burning is not well determined, and this introduces uncertainties
in the further evolution of the star;

e C-burning: 2C burns essentially through 2C(**C, « )**Ne and **C(**C, p)**Na,
releasing o particles and protons. Most of the ?*Na is processed as **Na(p,
a )*°Ne;

e Ne-burning: **Ne(y, o )%0; °Ne(er, v )**Mg; **Mg(e, v )*®Si;

o O-burning: *0(*°0, «)?Si; **0(1°0, p)*'P; **0(*¢0, n)3'S(B7)* P. Most of
the 3'P is destroyed by (p, « ) reactions to *8Si;

o Si-burning: it involves photodissociation reactions that liberate particles which
are captured again by nuclei, leading to the synthesis of iron-peak isotopes;

e NSE: when the temperature is high enough (Ty ~ 5), a thermodynamic equi-
librium is reached, with an equilibrium abundance distribution around Fe. It
is common to refer to this phase as NSE (Nuclear Statistical Equilibrium); the
physical conditions needed to have NSE are found either in the inner layers
of a type II supernova (SNII) close to the mass cut that separates ejecta from
the young neutron star, or in the interior regions of white dwarfs models ex-
ploding as type I supernovae (SNI). Model-independent calculations of NSE
distributions were carried out by Hartmann, Woosley and El Eid (1985), at a
typical freeze—out conditions (freeze—out is reached when nuclear transmuta-
tion stops because of the decrease of the temperature), for a variety of neutron
excesses:

N; - 2
n= ZTXi-

T

They found that the best situation to fit the nucleosynthesis constraints is a
multizone mixing scenario where the chemical abundances are averaged over
the interval (0, Nmaz) With 0.165 < 9pae < 0.175.



2.2.2 The s—process

The s—process nuclei are built up starting from Fe seeds along the valley of sta-
bility in the chart of nuclides (Figure 2.1): stable nuclei capture neutrons on long
timescales (102 — 10°® yr), while unstable isotopes usually decay, because they have
beta decay rates greater than their neutron capture rates.

At some points in the chain however, there are nuclei whose rates are compa-
rable; in this case a branching on the s—process path occurs. Here the competition
between capture and decay depends upon the physical conditions, and so the study
of branching points can give information on the neutron density, the temperature,
and the electron density during the nucleosynthetic event, and also test the kind of
neutron irradiation that was responsible for it.

In the classical scenario this ”slow” neutron capture process happens when neu-
tron densities are small (~ 10° cm™®), as it is found during the hydrostatic He-
burning phases of stellar evolution. Actually, the s—process is a composite mech-
anism, that involves three components and different astrophysical sites, as will be
discussed furtheron in this thesis.

If we look at the plot of the solar-system abundances versus atomic number
(Figure 2.2), peaks are found when isotopes with a "magic” number of neutrons:
N = 50, 82, 126 are considered. These nuclei have particularly stable nuclear
configurations, with closed neutron shells. As a consequence, they have small cross—
sections and act as bottlenecks for the neutron flow, building up large abundances
when experiencing a neutron exposure. The accuracy with which these small cross
sections are determined is crucial to understand how the s—chain develops.

2.2.3 Explosive Stages

In order to study the explosive nucleosynthesis, reaction rates on unstable nuclei
have to be known. These are very difficult to measure experimentally, so that most
of the cross sections are predicted on the basis of statistical model calculations,
with typical errors of a factor 2. It goes without saying that the resulting picture
is affected by a large uncertainty. Explosive nucleosynthesis occurs in novae and
X-ray bursts, and in type I and type II supernovae.

The classical scenario for SNI deals with a CO white dwarf which is part of a
binary system. The CO white dwarf is thought to be the endpoint of the evolution
of a star with mass M < 8 Mg, and is accreting mass from the companion. When
the amount of transferred matter has reached a critical point, ignition will occur
under degeneration conditions, and cause a thermonuclear runaway. Since the ini-
tial configuration of every SNI is the same, that is the starting mass corresponds
to the Chandrasekhar’s mass (M ~ 1.4 Mg ), the nucleosynthesis will be roughly
constant. The explosion mechanism can essentially follow two paths: carbon det-
onation or carbon deflagration. In the first case the burning front propagates in a
supersonic way, while in the second one the propagation is subsonic. The results

10



of the nucleosynthesis tend to favour the carbon deflagration scenario, even if some
difficulties are still present, that are probably due to the fact that only parametric
studies of the mechanism have been done up to now (Thielemann, 1989).

Figure 2.3 indicates the physical conditions (maximum temperature and density)
attained during the propagation of the deflagration front as a function of the radial
mass coordinate. Zones of different explosive burning conditions are indicated.

Figure 2.4 displays the resulting nucleosynthesis after explosive processing: in
the inner 0.8 Mgy only Fe-group nuclei are produced.

In order to understand the chemical abundances in our Galaxy, we must know
the composition of the supernova ejecta. Figure 2.5 shows the ratio of abundances
produced in such a SNI event to solar abundances, normalized to *®Fe. It is evident
that Fe group nuclei are produced two times more with respect to their solar values
than the intermediate nuclei from Si to Ca. The major problem in these calculations
is the strong overabundance of *®®2Ni and **Fe. Let us stress again that the same
chemical pattern should characterize the ejecta of every SNI.

As for SNII, their progenitors are believed to be massive stars (M > 8 Mg ),
that end their evolution with central Fe—cores. Gravitational collapse, core bounce
and propagation of a shock wave are the mechanisms that lead to the explosion.
We shall not enter the details of such a process, but concentrate on the explosive
nucleosynthesis instead (Thielemann, 1989).

The passage of the shock front through the Si, O, Ne, C, He and H burning shells
increases the temperature and density and accelerates the nuclear reactions, as well
as makes possible additional reactions. In the following we shall present the case of
a star with a He core of 6 My studied by Nomoto and Hashimoto (1988) and by
Thielemann, Hashimoto and Nomoto (1990); it corresponds to a star of roughly 20
Mg on the Main Sequence. This is just the right mass that the SN1987A progenitor
should have had.

Figure 2.6 shows the chemical structure of such a star after explosive processing,
that is found to affect only the inner 2 Mg of the star.

In Figure 2.7 the composition of the SN ejecta is displayed in comparison to
solar abundances, normalized to ?®Si. However, in order to understand how the
solar-system abundances can be reproduced, one has to perform an average of the
contributions of a whole generation of massive stars over the Initial Mass Function.
Anyway, Woosley and Weaver (1986) found that when dealing with the nucleosyn-
thesis of the main species, a typical supernova can be identified, whose mass is in
the range 20-30 Mg . As Figure 2.7 shows, nuclei heavier than P are on average
produced by a factor of 2 to 4 less than 28Si. They are due to explosive processing,
while all elements lighter than P originate from hydrostatic burning. The over-
abundances of *®1%2Nj are strongly dependent on the position of the mass cut.
The problem is that with an artificially induced shock wave we do not know where
the correct mass cut between the ejecta and the neutron star remnant is. In order
to match the total amount of *®Ni estimated from observations of SN1987A4, i.e.
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0.07+£0.01 Mg, in the 20 Mg model the mass cut must be at roughly 1.6 Mg .

2.2.4 The rprocess

On the contrary, astrophysical sites must exist where ”rapid” neutron captures on a
time scale of some hundred milliseconds lead to the formation of very neutron-rich
nuclei, that undergo a series of beta decays towards the stability valley as soon as
the neutron irradiation stops. This is the mechanism of the r~process which requires
large neutron densities (~ 10*° ¢cm™®) and for which three main astrophysical sites
have been suggested:

o the very neutronized mass zones close to the mass cut between the neutron star
and type II supernova ejecta, which obtained a high neutron to proton ratio
due to electron captures during the collapse. The fact that no stellar supernova
model] has shown to contain regions where a sufficiently high neutron excess
can be reached (Thielemann, Hashimoto and Nomoto, 1990) to reproduce
the solar r—abundances has led to the suggestion that only a small range of
massive stars (around 10 Mg ) might actually be responsible for the r~process
(Mathews and Cowan, 1990). This can have important implications from the
point of view of the chemical evolution of the Galaxy, as we shall see later;

¢ the He-burning regions where s—processing is effective; the passage of the
shock front through these regions can accelerate the neutron-producing re-
actions, leading to quite high neutron densities. The problem here is that
the calculations made so far have found that the neutron pulse is not strong
enough to explain the solar r~abundances;

e the expelled material during neutron star collisions or disruptions: during the
expansion, in the neutronized matter the density decreases and neutrons can
decay into protons, allowing for the build-up of heavy elements in the Fe-
group. These are still sorrounded by free neutrons, and can act as seeds for
the r—process.

Let us notice that the last two scenarios imply a delayed activation of the r—
process, since either the production of s—seeds or the formation of neutron stars has
to be awaited. On the contrary, we know that the r~process must have been active
from the very early stages of galactic evolution, because there are observations
of r—elements in very metal-poor stars. Indeed, the first scenario that has been
presented above, implying a ”primary” nature for the r—process (a concept that
will be discussed in details in Chapter 6), appears to be the most likely ome.

The nuclear information needed in order to perform r—process calculations in-
cludes neutron—capture cross sections, beta decays, beta—delayed neutron emission
rates, and for nuclei with Z > 80 also beta~delayed fission and neutron—induced fis-
sion rates. Up to now there exists only very sparse experimental information about
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nuclei in the r—process path, and this again implies a certain amount of uncertainty
on the whole picture. Presently, the best way to determine the r—contributions to
the solar-system abundances of stable isotopes is through the s—analysis. Indeed,
r—residuals can be estimated by subtraction of the s—contributions from the solar
values.

As for the phenomenology of the process, the r—isotopes with a magic neutron
number have longer half-lives because they are more stable, so they pile up and
determine the r—peaks in Figure 2.2 that slightly precede the s—peaks.

2.2.5 The p—process

There are also some proton-rich nuclei that are out of reach from both s— and
processes. They are attributed to the so—called p—process, where ”p” stands for
proton—capture and/or photodisintegration. Since it has been demonstrated that is
very difficult to produce the heaviest p-isotopes through proton—captures, the most
likely scenario is the so—called ”y —process”, that is nuclear photodisintegration
involving (v, n), (v, p), and (v, a ) reactions. The possible astrophysical sites that
have been envisaged so far are the following;:

o explosive H burning (Audouze and Truran, 1975);
o hydrostatic O burning in massive stars (Arnould, 1976);
e explosive O burning in type II supernovae (Woosley and Howard, 1978);

e type I (or certain type II subclasses) supernovae exploding through C defla-
gration (or detonation) (Howard, Meyer and Woosley, 1991).

The last three mechanisms start on s—seeds left in the interiors of the stars by the
s—process that took place during He burning. '

One major problem affecting the results of the p—nucleosynthesis is the strong
dependence of the results on the temperature, that generally goes from 2 to 3 x10°
K: with a low T only the heaviest p-nuclei can be obtained, while a high T can
produce the low mass ones; but if T is too large, everything can be dissociated.
Moreover, the process is also greatly affected by another parameter, that is the
expansion time scale characterizing the explosion (a1 s).

In spite of the still unknown details of the process, the most recent calculations
of the p—process in the oxygen burning layers of massive exploding stars by Rayet,
Prantzos and Arnould (1990) have shown to fit the solar abundance p-pattern
within a factor 3 for 60 % of the p-isotopes, the main difficulty concerning the
underproduction of the Mo and Ru isotopes due to the lack of sufficient seeds. On
the other side, the explosion of a carbon-oxygen white dwarf seems also a very
promising candidate, because here we have more s—seeds. The problem of this
picture is the tendency to overproduce Se, ®Kr and 84Sr.
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New improved calculations of the "y —process” are still needed and are of paramount
importance to estimate the p—contributions to the synthesis of the s—nuclei. At the
‘same time, a good evaluation of the s-seeds from which the process starts is es-
sential. In particular, Howard is now analysing the p-process from SNI using as
s—seeds our prescriptions for low mass TP-AGB stars (see § 3.3).
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Chapter 3

ANALYTICAL AND
ASTROPHYSICAL MODELS
FOR THE s—PROCESS

3.1 INTRODUCTION

In the previous Chapter we introduced the s—process as one of the mechanisms that
can account for the production of isotopes heavier than iron. Actually, most of the
heavy elements receive both s— and r—contributions, but there are specific cases of
s-only and r—only isotopes. Indeed, if the cascade of beta decays following a rapid
irradiation meets a stable nucleus that is out of reach for the s—chain, this one will be
an r-only nucleus (see Figure 2.1). At the same time it will shield a corresponding
stable isobar from the r—process, so that this latter will be affected only by the s—
flow, resulting in a s—only isotope. The aim of s—process calculations in the classical
context is precisely to reproduce the solar-system abundance distribution of s—only
nuclei.

The fact that the s— and r—processes are distinct mechanisms is confirmed by the
correlation existing between the product of neutron capture cross section and the
solar abundance oV, versus the atomic mass A for the s-isotopes, which has not
the counterpart for the r~isotopes. Clayton et al. (1961) demonstrated that a single
neutron irradiation was not suitable for reproducing the empirical o N, curve. Some
years after Seeger et al. (1965) found that an exponential distribution of neutron
exposures on seed material better fitted the solar data.

With new improvements on n—capture cross sections and solar-system abun-
dances, it was soon realized that three components are necessary to correctly de-
scribe the s—process in the solar-system (Ward and Newman, 1978):

e the main component, which is responsible for the synthesis of the isotopes
with atomic mass number 4 > 90;
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o the weak component, that accounts for the formation of isotopes in the atomic
mass range 60-90;

e the strong component, that is required to reproduce the s—abundances at the
lead—peak.

In the following we shall first deal with the phenomenological description of the
s—process, presenting the results of the so—called classical analysis.

Then we shall introduce the astrophysical models that have been suggested so far
for the three s—components. We spend only few words on s—processing in massive
stars as the origin of the weak component: it will be considered in details in the
following Chapters. On the contrary, the recent results obtained by our group on
the main component in low mass stars on the AGB are more extensively examined.
Finally, possible interpretations for the strong component are described.
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3.2 THE CLASSICAL APPROACH

The classical analysis of the s—process is a phenomenological approach which treats
the neutron capture mechanism according to an analytical formulation, under a set
of simplified assumptions and without taking account of the astrophysical prescrip-
tions. In the classical model any time dependence for temperature and neutron
density is neglected. By this simplification, the classical approach offers an empir-
ical tool that not only can describe the observed s—process abundances, but can
also provide estimates for the mean physical conditions during the s—process. Be-
ing completely independent of stellar models, the classical analysis can be used to
constrain the results obtained by them.

The first attempts to reproduce the solar-system distribution of s—only nuclei
were made adopting a continuous neutron flux, with an exponential distribution of
neutron exposures for all the components. Later on, single flux models for the weak
and the strong components were developed.

In the following we shall briefly present the mathematical formulation on which
the classical analysis is based.

3.2.1 The Exponential Exposure Distribution Model

Owing to the neutron-capture event, the abundance of an isotope with atomic
weight A changes according to:

dN,(A)
di

= A4 = 1N, (A = 1) = [Aa(4) + As(4)]N,(4), (1)

where A\g = In2/7y/, is the beta—decay rate if the nucleus A is radioactive, and ),
is the neutron capture rate:

An = na(t) < ov >;

N, is the neutron density, and < ov > is the product of the neutron capture cross
section times the relative velocity of neutron and target, averaged over a Maxwell-
Boltzmann distribution:

<ov>= /ooo'v ®(v) dv,
0

P(v)dv = (7—;;%75 (1)2 exp[— (3—)2] cl_v

with

vr v vr

vy is the thermal neutron velocity:

( ZKT) 1/2
Vr = 3
. Hn
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with wu, being the neutron reduced mass. Since for many nuclei the differential
cross section o ~ v~!, the product ov is almost independent of the temperature,
and so it is convenient to define < ¢ >=< ov > /vp. Usually, the maxwellian
averaged neutron capture cross section is given at the reference thermal energy
of 30 keV, corresponding to typical He burning conditions, where neutrons are
classically believed to be released in stellar interiors. However, there are nuclei
for which consistent deviations from the 1/v law are found. In these cases, the
energy—dependence of < ¢ > must be carefully examined. Recently, Beer, VoB and
Winters (1991) have performed calculations of < ¢ > trends for a large number of
isotopes. As an illustrative example, the behaviour of ®Fe cross section is shown in
Figure 3.1. This kind of information is particularly important when the possibility
of n—captures at temperatures far away from 30 keV is considered, as in the low
temperature phase of a thermal pulse in low mass stars, or during carbon burning
in massive stars (see § 3.3 and 4.4).

In order to find an analytic solution to the set of coupled differential equations
(1), the classical analysis must make some assumptions:

¢ depending on the relative value of A\, and g, radioactive nuclei are treated as
stable nuclei or they are completely neglected; branching points are treated
in a separate way;

e the temperature is kept constant in order to deal with well defined cross
sections and decay rates;

e a steady neutron flux is assumed.

Then, if we define the time integrated neutron fluz T as:

T= /nn(t) vy dt,
the system of equations becomes:

d_f\%f}l = o(A — 1)N,(A — 1) — c(A)N,(4), (3.1)

and can be solved analytically in terms of an exponential distribution of neutron
exposures 7 of the kind:

p(T)dr = Gexp(—7/7) dr,

where p(7)dr is the number of iron seed exposed to an integrated flux 7 in the
interval dr. If the neutron irradiation is long enough, equilibrium between produc-
tion and destruction can be reached for a large number of isotopes far from the
"magic”-nuclei, and in this case equation 3.1 leads to a constant oN, value. In
a more general context, the oN, product will be a smooth function of the atomic
number, as it is found when the solar abundances are considered.
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For a two—component (weak + main) distribution of the form:

N,
p(T) = i 56695?(“7/7‘01) + I
To1 To2

NEG

exp(—T/To2),

the classical (unbranched) solution is given by (Clayton and Ward, 1974):

o(A)N, (4) = 15 ﬁ [1+ k }_1+f2N56 f[ [1+

To1 1=56 O-(i)TO]- To2 1=56

]“1 (32)

o(1)Toz

if a-recycling among the isotopes of lead and bismuth is neglected. f; is the fraction
of the iron seed nuclei Njs that have been subjected to the i—component of the
exponential distribution of exposures; 7; is the mean neutron exposure. Both f;
and 7p; must be determined by fitting the empirical o N, values in the following way:
the main component is determined by a least square fit in the A > 100 range, where
the contribution of the weak component is negligible. Once the parameters f, and
To2 have been found, another fit for 4 < 97 allows f; and 7o; to be obtained.

Note that in equation 3.2 only those nuclei with small cross sections can give
significant contributions and will play a major role in modelling the o N, curve. As
we said before, these are nuclei with a magic number of neutrons.

According to the best fit calculations by Kappeler, Beer and Wisshak (1989),
the parameters are:

KT(keV))“zmb_l

£ =1.6%, 7o = (0.068 = 0.007) ( 5

for the weak component, and

KT(keV))l/z _—

f2=(0.043 £0.002)%, 7o, = (0.30 + 0.01) ( 5

for the main component. Figure 3.2 shows the resulting oIV, curve, that is now
considered accurate to £ 10% : the contribution of the weak component is clearly
recognizable for 4 < 90.

In the same paper, a possible exponential distribution scenario for the strong
component was also given, where a very low fractional seed abundance

f=12x10"*%
experiences a neutron—capture process with a very high mean neutron exposure

To = 7.0 mb™ 1.
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3.2.2 The Neutron Absorption

It is important to notice that not all the neutrons that are released by the neutron
source are captured by Fe seeds. Indeed, during the mechanism of neutron captures,
we can distinguish two classes of neutron absorbers: the seeds, that is iron and its
progeny, and the light nuclei. While the first class actually works to give rise to
the s—process, the second one acts as neutron poison. The neutron economy of the
process must be discussed in terms of the relative importance of neutrons released
versus those captured by poisons. This is particularly true for the weak component,
where it is the strong neutron absorption by light nuclei that prevents isotopes with
A > 90 to be efficiently produced.

It is common to describe the s—process efficiency by calculating the number of
neutrons captured per *°Fe seed nucleus (Clayton et al., 1961):

209 A—A,..)N,(A 209 _ A -1
SN e 1
fNsq Ama, o(A)ro o

7j=56 ] )TO

e ( Aseed ) =

where the last term results from using an exponential distribution of neutron ex-
posures p(7). Settling A,..4=56, typical values that were found according to the
exponential exposure distribution approximation are:

n, =11.2 £ 0.7
for the main component;
n.=14+04
for the weak component, and
n. 2 150

for the strong one.

3.2.3 The Branching Analysis

As we already said in the previous Chapter, when an unstable nucleus on the s—path
is found whose decay-rate is comparable with the neutron capture rate, a bifurca-
tion of the neutron flow results. The analytic description of the s—nucleosynthesis
occurring at these branching points is due to Ward, Newman and Clayton (1976);
it is very useful to define the branching factor:

Ag-

RV (3.3)

I3

that is the fraction of the neutron flow that goes through the 8- decay channel
instead of the neutron capture one. In the same way we can define f+ for the 8+
(or electron capture) weak interactions. Of course, the possibility exists that both
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processes are involved in a branching. In this case all the rates must appear in the
denominator of 3.3.

The classical analysis describes the neutron flow through a branching nucleus
by means of propagators. Let us consider a simple case in which a nucleus with
atomic mass number A and Z protons (A4,Z) can either capture a neutron or 3~
decay into the (A, Z + 1) nucleus. Then, for the neutron—capture channel we have:

oN(4,7) = ((4,2)eN(4A —1,7),

where

1 1
(4,2) = [1 " 4,2) oA Z

is a propagator. For the beta decay channel the solution is instead:

f-(4,2)
1- f—(A7Z)

)]_1 oN(A-1,2)

aN(A,Z%—l)zn(A,Z—P-l){ }O‘N(A,Z),

with

~1
1) = e .
(4,2 +1) [1 + 100 (A, Z + I)J

The neutron density is derived from the analysis of branchings that do not
depend or very little depend on temperature. In these cases Az- has a well-defined

value, and f_ can be obtained by a fit to the empirical oV, curve. Then equation
3.3 allows to infer A,, that is the neutron density.

Several branchings of this kind have been studied so far to derive information
on the main component. It is clear that a more reliable estimate of the physical
parameters involved is attained when a combination of all branchings is considered,
because in this way the uncertainties are reduced. The present situation can be "
summarized as in Table 3.1 (see Kappeler et al., 1990a). From the Table an average
of :

n, = (3.441.0) x 10%cm ™2

is obtained, which is not too far from n, = (2.0%53) x 10® cm~® that was derived
by Beer (1991) on the basis of refined calculations.

From the branchings that are sensitive to the temperature we can have an esti-
mate of the temperature conditions that are likely to play during the s—nucleosyn-
thesis. A summary of these thermometersis given in Table 3.2 (see Kappeler et al.,
1990a). The resulting average thermal energy is:

KT =29+5keV

[corresponding to an average temperature of (3.3 & 0.5) x 10® K], which is a bit
higher than the value of 25 keV found by Beer, using a lower neutron density.
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There are also two branchings that can be studied in order to obtain the electron
density during the s—process. As a matter of fact, the electron capture rates in the
highly ionized stellar plasma are dominated by capture of continuum electrons, and
hence depend on the electron density. Since the electron to baryon ratio is almost
exactly 0.5, we can calculate the mass density from a branching whose unstable
nucleus is characterized by such a density dependent electron capture rate. On the
basis of the couples ***Dy/?**Ho and *™Hf/™Ta, an electron density

ne ~ 2 x 10%7em ™3

is inferred, which corresponds to a matter density of p ~ 6 x 10° g cm 2.

As a general result of the branching analysis in the classical approach, one has to
notice that, within present uncertainties, the above solutions for n,, and KT satisfy
all cases, in agreement with the assumption of a steady process. However, there
is one exception, which provides the only stringent evidence for a pulsed s—process
(Ward and Newman, 1978; Beer, 1986): the branching at 35Kr.

The criterion, whether a branching is sensitive to a pulsed s—process, is that the
total lifetime of the branch point isotope,

T = ()‘n + ’\ﬁ)—l7

must be comparable to the pulse duration A¢. Only the lifetimes of ®Ni, "Se
and **Kr are sufficiently long to feel the effect of s—process pulses, if At is greater
than 3 yr, as derived from the study of the *!Sm branching (Beer and Macklin,
1988). Since **Ni and "Se essentially belong to the weak component, the necessity
of using a pulsed neutron flow for the main is determined by the branching at %K.
It is found that a problematic overproduction of 3Kr and 8Rb can be avoided
only under the assumption of a pulsed s—process. Moreover, it is also possible to
constrain the pulse duration, which must fall in the range 3-20 yr.

3.2.4 The Single Flux Model for the Weak and the Strong
Components

The classical description of the weak component is very difficult, because it involves
few s—only isotopes and only two branching points (at Se and ¥Kr), both of which
being strongly contamined by the main component. A safe analysis of branchings
to derive the physical parameters of the weak component is thus not possible, and
this lack of information leads to large uncertainties on the classical model.

We saw above what a description in terms of an exponential distribution of
neutron exposures predicts for the weak component, but in this formulation some
problems arise, because to reproduce the two s—only isotopes °Ge and 7®Se a strong
overproduction of **Fe, **Co, *»**Ni and of the s-only isotopes **Mo, Ru and
'%*Pb results. As a consequence, a new model was searched for, and Beer (1986)
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and Beer and Macklin (1989) found that a single-exposure s—process gives a better
fit to the empirical data in the A < 90 range. Figure 3.3 shows the product of
capture cross section and s-process abundance as a function of mass number 4,
when a single flux s—process is chosen for the weak component. The fit to the
empirical data is clearly superior with respect to that obtained with an exponential
distribution of neutron irradiations which was displayed in Figure 3.2.

The most recent calculations by Beer (1991) show that, by adjusting the model
to the s~only isotopes °Ge and "®Se, the parameters of the weak component that
also allow to reproduce the 3°Kr/®?Kr solar ratio are:

nn, = 1.8 x 10%em ™3,

(KT = 30keV) = (0.194 £ 0.028)mb™ !,
KT =20 keV,
F = (0.546 + 0.381)%,
n,=4.4+0.9.

Unfortunately, the whole picture is affected by many difficulties. Indeed, as we
shall see later, the neutron density and temperature conditions are completely out
of any astrophysical scenario. This means that the phenomenological treatment is
not suited to completely determine the physical parameters involved in the process.

The strong component of the s—process, concerning only the lead—peak isotopes,
is also very difficult to investigate. A single flux model has been applied to this
component too, and it was found that the fraction of iron seed that is needed in
order to reach the lead and bismuth atomic weights is 0.9 x 10™%, and the time
integrated neutron flux is given by 7 > 2.5 mb~? (Beer, 1986).
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3.3 THE ASTROPHYSICAL MODELS

3.3.1 The Neutron Sources

Observations of surface abundances in red supergiant stars have revealed correlated
s—elements and carbon enhancements. This strongly supports the idea that the
s—process occurs during the helium burning stages of stellar evolution, and that
the processed material is then brought to the surface by some dredge—up or mixing
mechanism. The best candidate nuclear reactions that can produce neutrons during
He-burning are the **C (o, n) 0 and **Ne (a, n) **Mg reactions (Cameron, 1955;
Burbidge et al., 1957; Reeves, 1966).

The first one becomes efficient at relative low temperatures (T ~ 1.5 x 10® K),
but requires some mixing of protons with carbon to be possible in order to get *C
through the chain:

PC(p,7) PN (B v) P°C.

On the contrary, *Ne is naturally obtained at the beginning of He burning,
when all the "N which was synthesized by the CNO cycle during the preceding
hydrogen burning phase is transformed into '®0 first, and into ??Ne then, via the
reaction path:

YN (e, v) BF (87 v) 0 (ar, v) 2*Ne.

The ?Ne neutron source starts to be effective when higher temperatures are
reached (T > 2.5 x 10® K). It operates also during carbon burning, provided that
not the whole ?*Ne supply has been exhausted during the He burning episode.
Furthermore, at the low temperatures (T< 8 x 10® K) characterizing core carbon
burning in stars less massive than ~ 15 Mg, Arnett and Thielemann (1985) found
that the reaction sequence **C(p,y )"*N (8%)**C(a,n)*0, sustained by protons and
o particles from the *C+!2C fusion reaction, is a powerful neutron source. But as
we shall see later on, this last possibility is not interesting when we want to study
the chemical enrichment of the interstellar medium, since the inner core does not
participate to it.

Other neutron sources could also be found in massive stars, such as the 12C (12C,
n) **Mg reaction during carbon burning, or the *0 (**0, n) 'S one during oxygen
burning. But these reactions require such high temperatures (T > 10° K) that it
is plausible that all the nuclei beyond Fe will be photodissociated, since the (v, n)
reaction rates begin to exceed the neutron capture rates.

3.3.2 The Weak Component

It has long been recognized that massive stars during the central He—burning stages
of their lives’ can produce heavy nuclei up to 4 ~ 90 through the *?Ne (e, n) ?*Mg
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neutron source (Couch, Schmiedekamp and Arnett, 1974; Lamb et al., 1977; Gallino
and Busso, 1985; Arnett and Thielemann, 1985; Busso and Gallino, 1985; Prant-
zos, Arnould and Arcoragi, 1987; Langer, Arcoragi and Arnould, 1989; Prantzos,
Hashimoto and Nomoto, 1990).

The efficiency and the details of the process were not always in agreement, but
this is due to the fact that the nucleosynthesis mechanism depends on so many
evolutionary as well as nuclear parameters, which are continuously improving with
time. In any case, it is a general result that during He burning in massive stars
the neutron density is small, around 10° cm ™2, much smaller than the one which is
predicted by the classical model for the weak component. The point is that such a
low n, has important consequences on the pattern followed by the neutron captures,
leading in particular to a very high overabundance of the s-only isotope 3°Kr. This
was indicated as a major difficulty of such a scenario (Prantzos, Hashimoto and
Nomoto, 1990). We shall see that the problem is easily overcome when a full
analysis of the s—process that includes both the weak and the main component at
the same time is performed.

The possibility of neutron captures during carbon burning has been considered
in the past, with no definitive answer to the question, due to the large uncertainties
affecting this evolutionary phase. As a matter of fact, the way carbon burning de-
velops depends on the stellar evolutionary code, that is on the input physics (rate
of the 1?C(a,7)'°0 reaction, treatment of convection, rate of neutrino losses). The
result is that for a star of a given mass we can have both models in which central C
burning is radiative, and models where it is convective. Generally speaking, convec-
tion is favoured by a higher C/O ratio at the end of He-burning. In any case, since
we are interested in the understanding of the weak component in the solar-system,
we do not care about core C burning and the possibility of s—processing there,
because the region of the star where it is happening is likely to be trapped into
the stellar remnant after the supernova explosion. The phase we must considered
instead is shell C~burning, that according to the most updated evolutionary mod-
els (Nomoto and Hashimoto, 1988; Woosley, 1990, private communication), could
spread convectively over almost all the CO core. If neutron captures can be effective
during this stage, they will alter the s-process results of the previous He-burning
episode.

In the following Chapters we shall discuss the weak component and its repro-
duction by massive stars, with a careful attention to the nuclear inputs.

3.3.3 The Main Component

The main component was traditionally ascribed to the convective thermal insta-
bilities which develop in the He shell of intermediate mass stars (3< M/Mg <8),
during the Asymptotic Giant Branch (AGB) phase of their evolution. Neutrons are
released through the Ne (a , n) ** Mg reaction, and the overlapping of the recurrent
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convective pulses provides an exponential distribution of neutron exposures as the
one classically required to reproduce the solar—system distribution of the s—elements

(Ulrich, 1973; Iben, 1975; Truran and Iben, 1977; Cosner, Iben and Truran, 1980).

This scenario has been argued against later on in the light of both theoretical
and observational arguments. Indeed, the too high n, that is found in such models
leads to a nucleosynthesis path which is right-shifted in the chart of nuclides, in
comparison to what would be expected for a classical s-process. In addition, the
relative overproduction factors of some s—nuclei do not match the solar ratios. More-
over, the observational counterparts of such bright red supergiant models have not
been found in significant number in the Magellanic Clouds, and no strong overabun-
dances of **Mg and **Mg isotopes have been observed in those stellar atmospheres
showing enhancements of s—process elements, as would be caused by the operation
of the ?*Ne(a,n)**Mg reaction.

All these difficulties have urged towards the search of a better candidate, and
the attention has fallen on the low mass stars (LMS, 1 < M/My < 3), in the same
thermally-pulsing phase. But in low mass stars o —captures on ?2Ne cannot be the
main neutron source because of the lower temperatures involved. However, Iben
and Renzini (1982a,b) showed that at least for low metallicity stars (Z = 0.001)
an alternative neutron source can be provided by the *C (a , n) %0 reaction. As
a matter of fact, following a thermal pulse, the outer edge of the He—processed,
carbon rich zone expands to such temperatures that carbon recombination occurs.
This leads to an increase of the opacity, and a semiconvective region develops Just
below the envelope, which mixes hydrogen-rich matter with carbon-rich material.
During the subsequent evolution this region heats up and '2C is converted into 3C
and **N by an incomplete CN cycle. A **C-rich pocket of 2 10~* My forms, which
will be ingested by the next growing pulse, allowing the liberation of a neutron
flux. Sometimes in between two successive thermal pulses the convective envelope
penetrates inward into the stellar structure, and carries out to the surface a certain
amount of matter that has seen He-burning and s-processing. The mechanism, that
is called the third dredge-up, can thus explain the C and s—enrichments observed in
some red supergiants.

A confirmation of the effectiveness of this picture was obtained by Hollowell and
Iben (1988, 1989) starting from the same stellar model of Iben (1982) and Iben and
Renzini (a 0.7 Mg, Z = 0.001 star), and including some overshooting and a time-
dependent treatment of mixing in their code. According to Hollowell (1989; private
communication), the **C-rich pocket would also form in stars of higher metallicity,
up to Z ~ 0.006.
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3.3.4 New Results of n—capture Nucleosynthesis in Low Mass
Stars

An analysis as accurate as possible of the s—nucleosynthesis occurring in low mass
stars using the above evolutionary models and the best nuclear inputs has been
done by our group. The first results were presented in Gallino et al. (1988), Gallino
(1989), and Kappeler et al. (1990a), and in the following we shall briefly outline
the most important aspects of this work.

The shape of the thermal pulse is displayed in Figure 3.4 and is assumed to be
constant in time. The Figure shows the point when the *3C-tich pocket starts to be
ingested, at a rate which is controlled by the growth of the convective instability,
and whose value is about 5 x 107% Mg /yr. The *3C nuclei rapidly burn at a mean
temperature of Ty = 1.4, and a first neutron irradiation is obtained, with the mean
neutron density that exhibits a rather fast rise to a plateau value of about 2 x 10°
cm™®., With the end of the ingestion phase, the neutron density declines according
to the burnout of the residual *C. Then, after ~ 20 yr, the pulse spreads up to
its maximum extension, and the temperature at the base of the convective He shell
increases up to T ~ 3, so that some ??Ne can burn. This allows a second neutron
burst to occur, whose maximum neutron density is 9 x 10® cm™®, but that rapidly
dies out. The first neutron exposure has a duration of about 12 yr, while the
second one is active for only about 2.5 yr. Then an interpulse period follows on a
timescale of 2 x 10° yr, during which the unstable nuclei decay, until another pulse
develops in the same manner as before. Every pulse involves a certain fraction of
matter that has already experienced a neutron exposure in the previous pulse. The
overlapping factor r between pulses depends on the core mass of the star and on
the metallicity, and it increases with time. Overlapping factors in the range 0.6-0.8
must be considered. The computations are repeated for ~ 20 identical pulses, to
be sure that all the chemical abundances have reached asymptotic conditions.

Despite such an analysis must face a number of not well known details, it has
proved to satisfactorly account for the main component in the solar-system. In
Figure 3.5 we show the best fit results that we obtained for a star of metallicity ~
1/3 of the solar one, assuming that the same mechanism for the formation of the
13C neutron source as was found for a metal poorer star applies. In the Figure,
the s—only isotopes are indicated by stars and diamonds; the latter are not affected
by branchings and can therefore be used to define the mean overabundance (solid
line). Other symbols denote relative s—process contributions of > 80 %(+), and 60
to 80 %(x), according to Kappeler, Beer and Wisshak (1989). The s-isotopes with
A < 90 receive a minor s—contribution by the main component (particularly *Kr),
but are complementary contributed by the weak s—component occurring in massive
stars, as we shall see in the next Chapters. The Figure also shows that there is a
clear problem for ®¢Kr and 3" Rb, that are heavily overproduced.
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The parameters corresponding to the Figure 3.5 are:
7o = 0.30 & 0.01mb™ 1,

as the effective exposure;

= (0.076 £ 0.007)%,

as the fraction of solar iron required as seed, and
n, = 9.6 £ 0.4,

as the number of neutrons captured per iron seed. These numbers can be compared
with those characterizing the classical fit to the solar distribution of s—isotopes (see
§ 3.2). The agreement is particularly good for the total neutron exposure 7o; this is
why both models succeed in reproducing the solar—system composition remarkably
well.

A better confrontation between the astrophysical calculations and the classical
analysis can be obtained through a detailed investigation of branchings. Let us
stress that the phenomenological model for the main component deals with constant
temperature and neutron density, while in the astrophysical context we have strong
dynamic conditions. The time dependence of both temperature and neutron density
greatly influences the behaviour of chemical abundances during the thermal pulse.
In order to clarify the point, we shall discuss the representative case of the Zr
isotopes, which are suitable to illustrate the characteristic abundance changes as
a function of n, and T, as is illustrated in Figure 3.6. We describe the situation
reached in asymptotic conditions.

Starting from Zr, the Figure shows that it is partially depleted during the rise
of the neutron density that accompanies the ingestion phase. The reason is that the
rate at which it suffers neutron captures becomes faster than its production through
the 8~ decay of ?°Y. This is ultimately due to the rather long 8~ half lives of 3°Sr
and (especially) ?°St, and to the small cross sections in this region, at the neutron
magic number 50. Indeed, a time delay is required to build a sufficient abundance
of #Sr (71, ~ 50 d) and of *°Sr (71, 2 10 yr) from ®*Sr, which has a low cross
section (< O'S?fev > = 6.2 mb). During this time, both °°Zr and its precursor, %Y,
suffer neutron captures and are partially destroyed; when a sufficient flux begins to
pass through the chain 39Sr - 89Y - 90Y - %07Zr, this latter increases again. A further
contribution to °°Zr comes on longer time scales, during the fall of the neutron
density and after *C exhaustion, due to the decay chain starting from °Sr. After
the remixing with 40 % of fresh matter with a composition equal to the initial
one, about 20 yr after the first neutron irradiation, the neutron flux generated by
the *Ne(a,n)**Mg source at high temperature is so small that the final abundance
cannot vary remarkably. Only after this second neutron burst *°Zr receives again a
sensitive contribution from the residual decay of °°Sr, in the interpulse phase. From
the phenomenological point of view, the behaviour of *°Zr in the low temperature
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phase is characteristic of those isotopes that are strongly affected by a branching
involving a rather long lived nucleus, with half-life of the same order as the duration
of the process (in this case, %°Sr).

Coming to heavier isotopes, Figures 3.6 presents the evolution of *Zr, the abun-
dance of which is practically fixed when the n, of the first exposure drops below
2 x10® cm™3. Roughly the same behaviour is obtained for the isotopes 22:9%9%Zr,
typical for cases that are not affected by s—process branchings.

The dynamic nature of the neutron irradiation is particularly evident at the
branching point **Zr, despite of its relatively short half-life (11, = 64 d). Usually
defined as an r-only nuclide, °®Zr receives at peak neutron density an important
contribution from neutron captures on %*Zr. When n,, falls below a critical value,
971 begins to be preferentially destroyed by 8~ decays, producing **Mo. Being
rather insensitive to freeze—out effects and to the second neutron burst, the %%Zr
abundance is a good indicator for the peak neutron density during the low temper-
ature phase. A similar situation occurs for the 3¥Kr branching, as will be discussed
below.

Table 3.3 presents the empirical oN, values for the s—only isotopes involved in
branchings together with the respective results obtained with the classical approach
and the low mass stars model. The general agreement between the two different
approaches seems to suggest that the constant temperature and neutron density
adopted in the classical model should correspond to some effective values of these
parameters in the stellar environment (see Képpeler et al., 1990a for a more detailed
discussion).

However, a noticeable difference between the classical analysis and the LMS
model does occur right at the few branchings that are sensitive to the peak neutron
density during the low-temperature phase of the pulse. This holds in particular
for ¥Kr and, somewhat less pronounced, for ®*Zr. In case of the ®*Kr branching,
the high neutron density during the initial low—temperature phase gives rise to
a strong production of %Kr and 8"Rb, while the flow to 3'Sr, %St is very weak.
This part of the branching receives significant contributions during the decline of
the first neutron burst and reaches its final abundance during the comparably low
neutron density in the final high~temperature phase. Because their abundances are
only sensitive to the total neutron exposure, the 3Kr and 3"Rb abundances are
pratically frozen after the first burst, showing a 50 % overproduction compared to
the average. We emphasize here that in LMS the abundances of ®*Kr and 3"Rb are
not influenced by the pulsed nature of the neutron fluence in the model, contrary
to the suggestion by the classical approach. Indeed, the bulk of both isotopes is
produced during the first neutron peak at a neutron density of about 2 x 10° cm™3,
when the total life time of ®Kr is only about 1.5 yr, much shorter than the duration
of the first peak. This important feature should be investigated further together
with complementary information from nucleosynthesis in massive stars.

A similar discrepancy is found for the branching at *Zr. Even neglecting the
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r—process contribution, the LMS model yields a 30 % excess of ?°Zr.

The above problems with the abundances of ®Kr, 8"Rb and %Zr seem to suggest
either that the relevant cross sections are slighly different, or that the true neutron
density is lower than indicated by the present models. Such a modification could
be possible for instance by decreasing the **C rate of ingestion in the pulse. In-
deed, improved calculations of s-nucleosynthesis in LMS, taking into account new
determinations of not-1/v trends for the o, . of many isotopes, and adopting a 2
times lower ingestion rate, have proved to lead to a quite fair situation, avoiding
the problems of the **Kr, ®*'Rb and ®*Zr overabundances (Gallino et al., 1991).

3.3.5 Observational Constraints from Peculiar Red Giants
and Meteoritic SiC Grains

From the observational point of view, there are supergiant stars showing a peculiar
surface composition, with correlated carbon and s—elements enhancements. They
can be divided in two classes (Lambert, 1991):

o intrinsic TP-AGB stars: they include MS, S and C (N-type) stars showing
the unstable nucleus **Tc (71, = 2x 10° yr) as a probe that they are presently
undergoing nucleosynthetic activity;

o extrinsic TP-AGB stars: they include the various classes of G and K-type Ba
stars and the cooler S stars not showing Tc, all of them being part of a binary
system. In particular, since the Ba stars are not luminous enough to have
experienced thermal pulses by their own, they are believed to have received
s—processed matter through mass transfer from the companion, which was
previously an AGB star.

In the following we shall summarize the main results that we have obtained using our
model for the nucleosynthesis in low mass stars to fit the abundance distributions
observed in the peculiar red giants (Busso, Gallino and Raiteri, 1991, and Busso et
al., 1991).

In order to compare observed distributions to model predictions we performed a
series of nucleosynthesis calculations using our low mass star model (see the previous
Section), and assuming that the mechanism for the '*C—pocket formation is effective
also in population I stars.

We then followed the evolution of surface abundances as long as material from
the He-shell is dredged to the surface in the interpulse periods, using simple de-
scriptions for the dredge-up process and for mass loss, and assuming pre-AGB pho-
tospheric CNO compositions from observations of normal giants (see e.g. Lambert,
1991). The outcome of this work was a number of atmospheric evolutionary histo-
ries which start from the first pulse and proceed up to the complete erosion of the
envelope by mass loss. Each case is characterized by:
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i) a set of parameters (like the initial metallicity, the amount of **C burnt, the over-
lapping factor r between successive pulses) which specifically control the efficiency
of the s-processing and hence the value of the asymptotic neutron ezposure 7.

ii) a set of more general stellar quantities (initial mass/envelope mass, dredged-up
mass, frequency of dredge up, interpulse duration, adopted law for mass loss) which
control the mixing history and the atmospheric evolution.

By varying the above parameters within the limits allowed by the present knowl-
edge of the AGB evolution we spanned a rather large interval in neutron exposures
(from 0.05 up to 1 mb™?), in initial metallicities (from 1/3 of solar up to solar) and
in final surface enhancements (from ~ 1 to ~ 100).

Fitting intrinsic TP-AGB stars.

The observations in MS and S giants are affected by large uncertainties, due both
to the high crowding of lines in the spectra, and to the incomplete knowledge of
their photospheres (see Gustafsson, 1989). Among s-elements, this is particularly
true for Sr abundances, which are highly sensitive to the model atmosphere and to
non-LTE effects (Smith and Lambert, 1986) and hence cannot be used safely for our
purposes. Concerning the other s-process elements, due to the above problems an
overall cautious uncertainty of + 0.3 dex has to be assumed. For C the uncertainty
is lower (<0.2 dex), while for Tc is higher, at least 0.4 dex.

The spectroscopic measurements of C stars, especially in the case of s-process
elements, are affected by even larger errors: Gustafsson (1989) evaluates them in at
least 0.4 dex in the work by Utsumi (1985) (with stronger uncertainties for elements
like Sc and La), while they are certainly higher in the older data by Kilston (1975).

With these limitations in mind, Tables 3.4 and 3.5 show two examples of fits to
intrinsic TP-AGB stars. In view of the discussed uncertainties the agreement has
to be considered as very good. From fits similar to those presented here, we derived
that MS and S star abundances are consistent with an s-process efliciency similar
to that responsible for the solar distribution (0.2 < 7 < 0.4 mb™!), while C-stars
(N-type) show, in average, higher neutron exposures (0.3 < 7 < 0.6). These results
are in agreement with previous conclusions by Lambert (see e.g. Lambert, 1991).

However the effective neutron exposure is not well constrained by the observa-
tions, which sometimes allow for more than one solution, depending on how and
when we mix the He-shell material, which has a composition evolving in time. In-
deed, the same surface abundances can in principle result either from a process
characterized by a relatively high asymptotic 7 value but with an envelope dredge-
up which is already efficient in the first pulses, where the s-processing is still incom-
plete, or from one with a lower neutron exposure but with a dredge-up which mixes
the nucleosynthesis products only in the final AGB phases, when the n-captures
have already built consistent abundances of s-nuclei. Conversely, different s-process
distributions in the photosphere can be obtained by differently mixing the same
He-shell material, as shown in Figure 3.7.
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Fitting extrinsic TP-AGB stars

For normal Ba stars uncertainties of the order of at least 0.2 — 0.3 dex are expected
for the s-process elements, from inspections of works by different authors. The
errors in G,N,0O determinations are probably lower (see e.g. Lambert, 1985).

Table 3.6 gives an example of how we can fit the observed abundances, by simply
further mixing with an unperturbed secondary atmosphere the surface distribution
typical of a C star with a relatively high neutron exposure (0.4 < 75 < 0.6). The
agreement is good, though some problems still remain for the abundance of Rb,
whose observations give values lower than those predicted. This is a well known
problem, which however depends on the large uncertainty of Rb abundance deter-
minations. One has to underline that while models based on the *C neutron source
provide expectations for Rb only a factor of 2 higher than observed, those based on
the ??Ne source give estimates higher by a factor of 10 and hence have clearly to be
excluded (see also Malaney and Lambert, 1988).

Eventually, Table 3.7 presents a fit to the observed distribution of abundances
in HR363, an MS-type giant not showing Tc. Despite the already mentioned in-
determination of the 7, values on observational grounds only, it is clear that this
star (as well as the similar source HR1105) is characterized by a neutron expo-
sure lower than those found for classical Ba stars (see e.g. the different values of
<Ba/Y> = (Np,+Nn4)/(Ny+Nz.) in HR363 and in HR774). This seems at odd
with the usual interpretation, based on their binarity, that S stars not showing Tec
are evolved Ba stars. As Table 3.7 shows we actually do not need this hypothesis
from the purely nuclear point of view: the Tc abundance can be reduced below
the observable threshold simply assuming that dredge-up occurs after a consistent
number of pulses, so that we can sample our sources when Tc is almost completely
decayed in the atmosphere. Hence, though the binary nature of this class of stars
is clearly stated, the problem of the neutron exposure suggests an alternative sce-
nario, in which they would be objects near the end of the AGB, which have seen
dredge-up only once or twice, about (0.8-1)x 10° yr ago.

This fact is better illustrated in Figure 3.8, where the surface abundance of
®Tc and **Zr is plotted as a function of time assuming dredge-up every 9 pulses.
It is clear that, while both Tc-rich and Tc-poor phases can be observed, without
the need of invoking mass transfer from a companion, **Zr would be a better test,
since for any reasonable duration of the AGB phase it should remain relatively
high. Observations of the isotopic composition of Zr in S stars without Tc should
then allow for a more decisive discrimination between the two possible evolutionary
interpretations of these sources.

Interpretation of isotopic anomalies in SiC grains

Among the carriers preserving the cosmic memory of their nucleosynthetic origin,
S5iC grains in primitive meteorites are characterized by large anomalies in C, N,
Si (Tang and Anders, 1988; Zinner, Tang and Anders, 1989) and especially noble
gases (Zinner, Tang and Anders, 1987), the isotopic ratios of which are typical of
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the s—process, suggesting their formation in the extended atmospheres of carbon
stars. These results allow us to test our models of nucleosynthesis in low mass stars
that are thermally pulsing on the AGB (Lewis, Amari and Anders, 1990; Gallino
et al., 1990a).

In order to determine the chemical composition of the stellar atmosphere, where
SiC grains form, the s—processed matter coming from the He shell was mixed into
the envelope using the same procedure already adopted for the fit to the peculiar
red giants.

The comparison between the stellar results and the meteoritic data leads to the
following conclusions:

o the excess **Ne measured in the SiC samples comes from the N chain of
reactions in the He-shell zone, without the need of the generally accepted
radiogenic contribution from ??Na;

e the isotopic anomalies shown by SiC grains are reproduced by carbon stars of
population I, with metallicity Z in the range 0.01-0.02.

The analysis of the Kr isotopes can provide further information and deserves a
special discussion. The most remarkable feature shown by Kr isotopes is the large
spread extrapolated for 3Kr/3?Kr and the smaller one for *Kr/®*Kr. Both can in
- principle be accounted for by two rather different scenarios involving either many
stars or a single star. A first possibility is that these spreads come from different
stars with a wide range of neutron exposures, up to 7 ~ 0.30 mb~!. Table 3.8
shows that both ratios do vary with the neutron exposure, the agreement between
theoretical expectations and SiC extrapolations being quite satisfactory.

We note that some discrepancy remains for 8*Kr/3?Kr; also this ratio varies, by
up to 10 %, in models with the same overlap factor and different neutron exposure,
whereas the SiC data seem to fall on a single correlation line.

A second possibility is that SiC grains reflect the conditions in one star, at
different times in its AGB history. This is illustrated in Figure 3.9, where the
evolution of Kr isotopic ratios in the He shell with pulse number mimics their
behaviour as a function of 7. The model shown in the Figure is a TP~AGB star
of [Fe/H] = -0.2, with an asymptotic neutron exposure of 7o = 0.32 mb~'. The
values between pulses 4 and 10 cover almost the entire observed range for SiC. This
analysis cannot be pursued further because the details of the mixing of s—process
material with the envelope are not yet sufficiently known. For a single star to
be the source of all the anomalies, the conditions for the formation of SiC grains
must occur early enough in the TP—AGB phase to preserve the signature of various
s—processed episodes, but avoid the very first pulses where the **Kr/**Kr ratio is
too low. Such a possibility is compatible with present results for the dredge-up
mechanism. In any case, to reproduce the whole measured range by a single star
means that the asymptotic exposure should be high (7 ~ 0.30), not very different



from that characterizing the solar—system main component and the S stars in the
Galaxy.

Despite many uncertainties, the Kr measurements in SiC grains give us some
important information. First, the low 8Kr/3?Kr ratio is a clear indication of a low
temperature in the He shell, which is characteristic of the *C source but not of the
?Ne one. Second, the large variation of the Kr/32Kr suggests a range of neutron
exposures in the He shell s—processed zone.

All these theoretical and observational positive tests would make one think that
the main component is really a well known mechanism. Unfortunately the situation
is not so well stated. As a matter of fact, a number of evolutionary models have been
run for AGB stars of different masses and metallicities, and different prescriptions
for the input physics (see Lattanzio, 1989, and Boothroyd and Sackmann, 1988), but
none of them was able to find the formation of the *C-rich pocket, while only under
some specific assumptions it was possible to find dredge—up of internally processed
matter. This is really a drawback for the understanding of the main component.

However, observations tell us that there are low mass stars showing s—overabun-
dances, so that one has to think that something is missing in our way of modelling
these evolutionary stages, and a lot of effort is still needed to clarify the situation.

3.3.6 The Strong Component

At the moment, it seems that a strong s—process mechanism has to operate in order
to give account of the 30% missing abundance of 2°*Pb, the s—only isotope at the
termination of the s—path. The most promising site for this strong component up
to now was identified in the core helium flashes experienced by low mass stars (M
< 1 Mg ) at He-ignition (Truran and Iben, 1977). This scenario has not been
investigated in details yet, and we can’t be sure that a single event rather than
more than one is needed to best fit the empirical data. We only know that the
neutron source has to be the *>C (a, n) °0 reaction, since the temperature is too
low for the alternative ??Ne source to be effective.

Another suggestion for the synthesis of 2°°Pb has very recently been advanced by
our group (Gallino et al., 1990c): according to this scenario, the strong component
might find its origin in low mass, low metallicity stars during the He—shell thermal
pulses they undergo while ascending the AGB. The mechanism in a word would be
the same that, for higher metallicities, allows the main component to be obtained,
but now the same amount of neutrons (that depends on the *C-rich pocket which
is of primary origin and thus metal independent) is to be distributed on a lower
seed content. The result is that the **Pb abundance increases dramatically as the
metal content goes down.

Figure 3.10 shows the overabundance of Pb isotopes as a function of metallicity
[Fe/H] [we use here the spectroscopic notation [Fe/H] = log (Fe/H), - log (Fe/H)p]
obtained by us. The large overproduction of *%*Pb at low [Fe/H] is quite evident.
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High resolution spectroscopy of metal poor stars would be very highly desirable,
in order to check if lead is actually enhanced, and test the validity of the above
picture. A starting collaboration with P. Frangois on this is presently under way.
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Branching point nn(108 Cm_B)
A 4+3
147N, 147,148y 3.0+£1.0
1695 170Tm 0.5-6.0
185y 186 3.5fH
1910y 1921, 4.3454

Table 3.1: Derived neutron densities for the main component

Branching point | K7 (keV)
134,135 (g > 13
B1Sm, 152Eu 29+5
154,155Eu 29 + 5
1Lu 27+ 6

Table 3.2: Derived thermal energies for the main component

Characteristic oN, oN, o,
s—only isotope | (Empirical) (Classical) (LMS)
Branching Sensitive to Neutron Density
%Mo 48.4 + 4.4 52.0 63.0
148Sm 7.73 £ 0.35 7.37 7.27
179 b 5.93 £ 0.25 5.23 5.79
18605 4.54 + 0.34 4.56 4.80
192py 4.07 £ 2.09 2.66 2.83
Branching Sensitive to Temperature
134Ba 23.5 + 4.1 28.9 25.3
152Gd 0.45 £ 0.12 0.44 0.30
154Gd 6.63 £ 0.29 6.51 6.05
17670 1.62 = 0.07 2.75 1.69

Table 3.3: Comparison of empirical oV, values with results obtained via the classical
approach and the LMS model
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Element Model Abundances Observed Abundances
7 = 0.21, D.F.= 0.014 Wallerstein and Dominy (1988)
M = 1.5 Mg Smith and Lambert (1985)

C/0 0.60 0.56

120130 o7 26

[Fe/H] 0.00 0.02 £ 0.10

[Y/Fe] 0.69 0.73 + 0.3

[Zr/Fe] 0.60 0.78 + 0.3

[Ba/Fe] 0.42 0.28 + 0.3

[Nd/Fe] 0.18 0.18 £ 0.3

log(Tc/Zr) -2.33 -2.30

log(Tc/Nb) -0.55 -0.60

log(Zr/Nb) 1.79 1.70

<Ba/Y>  0.20 0.19

D.F. = final dilution factor of He-shell matter in the envelope

Table 3.4: Fitting o' Ori (M3 III S)

Element Model Abundances Observed Abundances
T = 0.57,D.F = 0.02 Utsumi (1985)
d.u. each 5 pulses, M = 1.5 My Lambert et al. (1986)

C/0 1.20 1.14

120/8C 51 52

[Fe/H] -0.3 (-0.3 + 0.0)

[Y/Fe] 1.60 1.80+0.4

[Zr/ Fe] 1.60 1.50+0.4

[Ba/Fe] 1.81 1.754+0.4

[La/Fe] 1.80 2.20+0.4

[Nd/Fe] 1.56 1.40+0.4

[Sm/Fe] 1.41 1.50+0.4

<Ba/Y> 0.38 0.31

Table 3.5: Fitting X Cnc (C5,4)
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Element Model Abundances Observed Abundances
7 = 0.57,D.F = 0.024+0.63 Utsumi (1985)

M = 1.5 Mg Lambert et al. (1986)
[C/Fe]  0.40 0.360.1
[0/Fe]  0.010 0.10.1
120/130 30 23
[Fe/H]  -0.3 ~0.3+0.1
[Cu/Fe] 0.18 0.4140.3
[Zn/Fe]  0.11 0.21+0.3
[Ge/Fe]  0.43 0.180.3
[Rb/Fe]  1.00 0.46+0.4
[St/Fe]  1.30 1.00+0.4
[Y/Fe]  1.37 1.17+0.3
[Zr/Fe]  1.40 1.14+0.3
[Nb/Fe]  1.36 1.1940.3
[Mo/Fe] 1.28 1.24+0.3
[Ru/Fe] 1.05 0.78+0.3
n/Fe]  1.02 0.87+0.3
[Ba/Fe]  1.60 1.35+0.3
[La/Fe]  1.51 1.39+0.3
[Ce/Fe]  1.57 1.3240.3
[Pr/Fe]  1.37 1.6240.3
[Nd/Fe] 1.35 1.40+0.3
[Sm/Fe] 1.20 1.30£0.3
[Eu/Fe]  0.65 0.65+0.3
[Gd/Fe]  0.98 1.080.3
[Dy/Fe]  0.93 0.9140.3
[Lu/Fe]  0.20 0.1140.3
[Hf/Fe]  1.45 1.100.3
<Ba/Y> 0.38 0.31

Table 3.6: Fitting HR 774 (G8III-Ba3)
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Element Model Abundances Observed Abundances
7 = 0.31, D.F.= 0.014 Wallerstein and Dominy (1988)
M = 1.5 Mg Smith and Lambert (1985)
d.u. each 9 pulses
C/0 0.55 0.58
2o/ 22 17
[Fe/H] 0.00 ~0.1040.10
[Y/Fe] 0.92 0.70+0.3
[Z1r/Fe] 0.86 0.854+0.3
[Ba/Fe] 0.75 0.6440.3
[Nd/Fe] 0.47 0.77+0.3
log(Tc/Zr) -4.36 <-4.20
<Ba/Y>  0.20 0.23
Table 3.7: Fitting HR363 (M3 II S)
Ratios He shell, asymptotic SiC grains
[Fe/H]=-0.2  [Fe/H]=-0.2 | [Fe/H]=0.0 [Fe/H]=0.0
r=0.6, 79=0.17 r=0.8, 79=0.32 | r=0.6, 79=0.12 1r=0.8, 179=0.22
80Kr/82Kr | 0.038 0.032 0.045 0.036 0.02-0.05
83K /5?Kr | 0.35 0.35 0.34 0.35 0.329
84Kr/82Kr | 2.21 2.44 2.07 2.42 2.55
8K /%2Kr | 1.78 2.62 1.08 1.79 0.57-2.96

Table 3.8: Expected isotopic ratios for Kr from Pop. I AGB stars compared with
those measured in SiC grains
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Figure 3.1: The behaviour of the neutron capture cross section of *®Fe as a function
of the thermal energy
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Figure 3.2: The characteristic product of cross section times s— process abundance
versus mass number. Symbols are empirical data. In the range 4 < 90 the weak

component is shown, as obtained with an exponential distribution of neutron expo-
sures
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Figure 3.3: Product of capture cross section and s—process abundance as a function
of mass number A. Symbols are empirical data. Below 4 = 90 the superposed weak
component is effective, as given by the single flux model
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Chapter 4

THE WEAK COMPONENT:
s—PROCESSING IN A 25 M,
STAR

4.1 INTRODUCTION

As we have previously said in § 3.3, massive stars during core He burning appear
to offer the most promising scenario for the weak component, the details of the
nucleosynthetic process depending on the evolutionary models and on the set of
nuclear inputs adopted.

The hydrostatic stages of stellar evolution can be followed with the numerical
codes that have been developed since the early calculations by Kippenhan, Weigert
and Hofmeister (1967), even if there are still some physical details whose treatment
is under debate. The main sources of uncertainties at present concern the correct
formulation of mass loss and mizing criteria.

As for mass loss, even if the physical nature of the mechanism is still obscure,
observations show that stars do lose mass during their lives, the phenomenon being
particularly significant for the most massive and coolest ones. The mass loss rate
changes with the type of star and with luminosity, and is commonly given by em-
pirical relations of the kind M = f (L, R, M,...) (see Chiosi and Maeder, 1986 for
a detailed review). Brunish and Truran (1982a,b) studied the evolution of massive
stars with and without mass loss. They found that the inclusion of mass loss has
the following consequences:

e the evolutionary track in the HR diagram moves at lower luminosity and
effective temperature;

e since less energy must be radiated away, the Main Sequence phase is pro-
longued, and also the helium burning lifetime is generally increased;
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e stars move faster towards the red all along the He-burning;

e during the Main Sequence, semiconvective regions are narrower and of shorter
duration;

o in the next phases, the amplitude of convective regions is reduced;

o the mass fraction ¢, = M, /M,,; occupied by the helium core is left unchanged
when a moderate mass loss is included, because both M, and M,,: are decreas-
ing, while the maximum size the convective core reaches during He~burning
is largely unaffected by mass loss (but see Maeder, 1981a, who found that in
mass—losing models the growth of the convective core in this phase is greater
than for constant mass evolution).

Moreover, when substantial mass loss rates are considered, nuclear processed matter
can appear on the surface, and be detected spectroscopically, providing information
on the correctness of our assumptions on stellar evolution and nucleosynthesis.

Finally, the lost material which comes back to the interstellar medium takes part
in the chemical enrichment of the Galaxy.

Besides the rate of mass loss due to stellar winds, the basic problems in stellar
modeling have their origin in the poor theoretical understanding of mizing processes
occurring in the stellar interior. The mixing mechanisms acting in stars are still
not well known, and a satisfactory theoretical treatment for them is missing. As a
result, the existing stellar evolutionary codes adopt different prescriptions leading
sometimes to controversial results. A detailed analysis of this subject is beyond the
aims of this thesis; however, we shall briefly discuss the consequences of semicon-
vection on massive stars, as well as compare the classical models with those which
take account of convective overshoot.

Seminconvection is likely to occur in regions which are characterized by a gra-
dient in the mean molecular weight y, and by their being unstable according to the

Schwarzschild’s criterion:
vrad 2 vad7

where V.4 is the radiative temperature gradient and V,; = (dInT/dIn P).q the
adiabatic one. Situations where semiconvection may appear are found when the
convective core shrinks during the Main Sequence evolution, or when the H-burning
shell moves outwards during the core helium burning. In semiconvective regions the
mixing timescale is slower than in convective zones, because the u gradient fights
against convection, trying to restablish equilibrium. However, a rearrangement
of the chemical composition of the layers involved is obtained, until a neutrality
condition is reached, which is either the Schwarzschild’s one (Vo4 = Vg4), or the
Ledoux’s one:
B

V1‘ad = Va,d + mvﬂ = VL’
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where 8 = P,/ P, is the ratio between the gas pressure and the total pressure, and
V,=dlnp/dln P is the mean molecular weight gradient.

By using a diffusion approximation to semiconvection, Langer, El Eid and Fricke
(1985) and Langer (1986b) pointed out that while during the H-burning evolution-
ary phase the nuclear timescale is much greater that the semiconvective mixing
timescale, so that the Schwarzschild’s criterion for convection can be used, in the
subsequent phases the Ledoux’s criterion has to be considered and the inclusion of
semiconvection implies that less mixing is allowed in comparison to the canonical
treatment, which can greatly affect the evolutionary behaviour of the star. In par-
ticular Langer (1986b) found that the slowly mixed region on the top of the growing
convective He—burning core, which develops because of the large p—gradient at that
point, has the effect of reducing the *C concentration at He—exhaustion and to
lead to a nearly complete burning of the *Ne through the *Ne(a ,n)**Mg reaction
in the final stages of helium burning. This is supposed to increase the s—process
nucleosynthesis efficiency (see below).

Another important problem dealing with mixing processes in stars is related to
the extension of convective cores. When we follow the canonical prescription to
delimit a convective region (the Schwarzschild’s condition), we assume the bound-
aries to be positioned where the acceleration of the convective bubbles goes to zero.
But it seems reasonable that the convective elements would continue their travel
until their velocity goes to zero, penetrating (overshooting) into the adjacent re-
gions that are in radiative equilibrium. A correct treatment of overshoot has to be
non-local, and can be formulated either through the mixing lenght theory, or in
terms of diffusive processes. According to the former picture, the extension of con-
vection is parametrized as a fraction A of the local pressure scale height H,. When
overshooting is considered, several consequences are found (Bressan, Bertelli and
Chiosi, 1981; Bertelli et al., 1984, 1985, 1986; Maeder and Meynet, 1987; Alongi et
al., 1991): -

e the convective cores during H and He burnings are enlarged, the effect being
stronger for the smaller masses, and this implies that these models have larger
helium and carbon-oxygen cores, which ultimately means that the central
conditions (central temperature and density) match those of more massive
stars. In particular, the C/O ratio at the end of core He-burning will be
affected, being lowered if some overshooting is present;

e the evolutionary tracks in the HR diagram run at higher luminosities, and a
wider Main Sequence band covering a larger range of effective temperatures
is obtained;

e the total stellar lifetime is enhanced; as for the core H-burning episode, it is
prolongued, while the He~burning one is shortened. This is explained by the
fact that the higher luminosities of these models act in the direction of a faster
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evolution that during the Main Sequence phase is reversed by the availability
of a greater amount of fuel (greater core mass);

¢ semiconvective instability does never occur in models with overshooting from
the convective core.

Anyway, there are no theoretical prescriptions on the amount of overshooting which
may be present in stellar interiors, and A has to be calibrated through a careful
comparison with the observations.

Compared to those obtained from classical models, isochrones as well as syn-
thetic C-M diagrams based on models with overshoot from the core exhibit the
following features (Chiosi, Bertelli and Bressan, 1988; Maeder and Meynet, 1989;
Chiosi et al., 1989; Alongi et al., 1991):

e the main sequence width increases;

o the ages determined from turn—off, red star clump and asymptotic giant
branch (AGB) luminosities are longer;

o the blue loops observed in intermediate age star clusters can be matched if also
a moderate overshoot of the convective envelope in intermediate mass stars is
considered. Indeed, a certain amount of envelope overshoot in low mass stars, ;
while climbing along the red giant branch (RGB) toward central He ignition,
seems to be required to bring the luminosity of the bump predicted in the
theoretical RGB luminosity function into agreement with the observed one;

e the number ratio of main sequence stars to post main sequence objects is
enhanced;

o the upper limit for stars to experience thermal pulses on the AGB is decreased
from 8-9 Mg of the classical models to ~ 5 Mg, ; as a consequence, no luminous
C and M stars are expected in clusters with turn—off masses greater than = 5

Mg ;

e the transition from clusters exhibiting a well developed RGB to those which
do not occurs at = 1.6 My instead of 2 2.2 Mg as in the classical models.

These observational information can in principle be used to calibrate the amount of
overshoot, but the situation is more complicated, so that a firm conclusion is still
to be found.

An alternative way of obtaining a growth of the convective core during He burn-
ing relies on a local stability analysis, and has been called induced semiconvection
(Castellani, Giannone and Renzini, 1971a,b; Castellani et al., 1985). In few words,
the increasing chemical discontinuity that occurs at the edge of the convective core
leads to a growing discontinuity in the radiative gradient, that has not physical
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meaning (Schwarzschild, 1958). The difficulty is solved by mixing the core with
external material from the radiative region, thus enlarging the convective region.

Finally, one has to notice that other mixing mechanisms have also been suggested
to give larger convective cores, such as shear flow instabilities, meridional circulation
or turbulent diffusion

The final stages of stellar evolution, on the other side, have to be studied by
means of hydrodynamical codes, since the timescales of the nuclear processes in-
volved become very short, and problems such as formation of shock waves must be

faced.

As for the nuclear inputs, we have to notice that the **C(a,)'®O thermonuclear
reaction rate, which plays a crucial role in the stellar evolution from He burning on,
has suffered significant changes in the last years. In their most recent compilation
Caughlan and Fowler (1988, hereafter CF88) still give it with an uncertainty of a
factor 2. Also the a —capture rate on 2?Ne, the neutron source, is not well determined
(Barnes, 1982; Wolke et al., 1989; Bach et al., 1990). Another important input is
the ??Ne neutron capture cross section: the latest measurements by Winters and
Macklin (1988) and by Beer et al. (1989) suggest a value of (0.06 + 0.005) mb
(at 30 keV), much lower than the one proposed by Almeida and Kappeler (1983),
and close to the older estimate by Fowler, Caughlan and Zimmerman (1967). This
parameter is critical for the neutron economy of the s—process, because it determines
the efficiency of ??Ne as a neutron absorber (Busso and Gallino, 1985; Prantzos,
Arnould and Arcoragi, 1987).

Furthermore, the set of neutron capture cross sections and of G—decay rates of
unstable nuclides, based on the key works by Bao and Kappeler (1987) and by
Takahashi and Yokoi (1987), has been improved by a number of more recent data,
whose effects on s—processing in massive stars have not yet been investigated. In the
meantime, revised solar-system abundances were published by Anders and Grevesse
(1989; hereafter AG89); they differ in some respects from the usually adopted com-
pilation by Cameron (1982), particularly concerning the CNO abundances, on which
the amount of 22Ne present in the core H burning depends.

Taking into account the above changes, we want to re-investigate the s—process
that can occur in massive stars, using the best evolutionary models and the most
updated nuclear inputs. In this Chapter we first follow the evolution of a 25 Mg
star of Pop. I (Z = 0.02) from the Zero Age Main Sequence (ZAMS) up to carbon
burning, with different prescriptions for the **C(a,~v)*°0O reaction rate. The results
of the evolutionary calculations are discussed in § 4.2. The products of the n-
capture nucleosynthesis are presented in § 4.3 and the influence of variations in
some critical nuclear inputs is analyzed. A comparison of our results with previous
calculations of s—processing during core He burning is also made.

Then we consider the subsequent evolutionary stages and see that neutron cap-
tures during shell C burning can significantly change the s—abundances (§ 4.4).
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Finally, since our purpose is to study the chemical enrichment of the interstellar
medium in s-nuclei, in § 4.5 we evaluate the composition of the s—processed matter
which is ejected by a 25 My star.
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4.2 THE EVOLUTION OF A 25 M, STAR

The integration of the stellar structure was performed by means of an updated
version of the FRANEC evolutionary code (Chieffi and Straniero, 1989; Straniero,
1989), based on a Newton—Raphson scheme.

The adopted criterion for convective stability is the Schwarzschild’s one. Semi-
convection is not included in the code; however, adopting a fine mass zoning, in
the region of variable chemical composition a series of alternating, thin convective
and radiative shells develop, in the same manner as described by Lamb, Iben and
Howard (1976). As a consequence, a gradient of mean molecular weight results, that
mimics the introduction of semiconvection. No convective overshooting is allowed;
instead, during the growing of the convective He core, mixing of core material with
He-rich matter from the outside is obtained as the result of an increase in the opac-
ity, according to the so—called "induced semiconvection” discussed by Castellani et
al. (1985). Finally, the surface convection is treated through the mixing length
formalism, with a mixing length to pressure scale height ratio o = I/H, = 1.6, as
derived by best fitting the Sun.

The nuclear energy generation is followed through a network that includes 20
nuclides from H up to Si. Concerning the *?C(a,7)'®0 reaction rate, as already
mentioned, the latest recommended value by CF88 is given within a factor-of-two
uncertainty. It is intermediate between those previously quoted by Caughlan et al.
(1985; hereafter CFHZ85, which is 2 times higher), and by Fowler, Caughlan and
Zimmerman (1975; hereafter FCZ75, which is 1.5 times smaller). A first evolution-
ary computation was made adopting the thermonuclear reaction rates by CFHZ85;
a second run was made using for the **C(ea,v)*®O reaction the older rate by FCZ75.
Finally, a third track was run adopting the CF88 set of thermonuclear reaction
rates; in this case it was prolonged until central carbon exhaustion. Since the anal-
ysis by Thielemann, Hashimoto and Nomoto (1990) on the elemental observations
of SN1987A tends to confirm the CFHZ85 choice, we shall consider the results of
the first run as our standard case.

We followed the evolution of a 25 Mg star with a helium abundance ¥ = 0.28
and a metallicity Z = 0.02. The evolutionary track in the HR diagram is shown in
Figure 4.1, while Figure 4.2 gives a picture of the evolution of the central conditions.

4.2.1 The Core Hydrogen Burning Phase
Our model sets up on the ZAMS with log(L/Lgy ) = 4.882 and logT, = 4.582. The

convective core mass is 12.705 Mg, and the central temperature and density are
logT, = 7.565 and logp, = 0.584.

The transmutation of H into He through the CNO cycle makes the opacity de-
crease and the convective core recede; above the convective core a region of variable
steplike chemical profiles is present (see Figure 4.3). In this figure, as in the fol-
lowing figures of this kind, L, R, P, T, D stand for luminosity (Lg ), radius (Rg),
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pressure (dyne/cm?), temperature (K) and density (g cm™) respectively; En is the
rate of nuclear energy generation (erg/g/s); K the opacity (cm?/g); Rad and Ad are
the radiative and adiabatic gradients. The physical parameters are normalized to
their maximum value, shown on the right of the figure. The core H burning phase
lasts for 6.101 Myr. At central H exhaustion the central temperature and density
are: logT, = 7.901 and logp, = 1.675, and the photospheric values are log7, = 4.523
and log(L/Lg ) = 5.227. The star is left with a He core M, = 6.772 Mg .

4.2.2 The Shell Hydrogen Burning Phase

The H shell starts at a mass M, ~ 6.9 My and has an extension of ~ 5.4 Mg .
The temperature corresponding to the peak of the shell energy generation is ~ 4.07
x107 K, high enough to produce the CNO equilibrium at once. This can be seen
by looking at the N and C profiles in Figure 4.4, that show sharp peaks at a stellar
mass fraction M, /M, ~ 0.29. The star spends 1.117x10* yr in this H-shell-energy
supported, radiative core phase.

4.2.3 The Core Helium Burning Phase

He ignition takes place when log(L/Lg ) = 5.246, logT. = 4.310; the values of the
central temperature and density are: log7, = 8.164 and logp. = 2.668. A convective
core forms again, which grows very rapidly to include ~ 16% of the stellar mass
(see Figure 4.5). The structure of the star at the point of maximum penetration of
the convective envelope is shown in Figure 4.6.

When the central helium content Y, falls below ~ 0.26, the **C(a,v)*°O reaction
becomes effective, and carbon starts to be consumed. At this time the central
temperature and density are 2.128 x10® K and 7.980 x10% g/cm?, respectively.

At the end of core He burning, the values of the photospheric parameters are
log(L/Lg ) = 5.343, and logT, = 3.567, while the central ones are logT, = 8.539
and logp, = 3.524. The star is left with a carbon—oxygen core M_, = 6.295 Mg
where carbon and oxygen mass fractions are X¢ =~ 0.17 and Xp ~ 0.80, inside a
H-exhausted core M, = 8.876 My. The He core mass has increased by ~ 31%
since the end of core H burning. The whole He~burning phase lasts 0.635 Myr; the
ratio between core He burning and core H burning durations is Atg,/Atg = 0.104.

4.2.4 Effects of Variations in the *C(«,7)'*O Reaction Rate

As discussed above, we made two other different runs, with the FCZ75 rate for
the *C(a,~)'®0 reaction and by updating the code with the whole CF88 set of
thermonuclear rates. Table 4.1 points out the main differences among the various
cases at He exhaustion: the higher the rate, the lower is the final C/O ratio and
the longer the He-burning phase. This is due to the fact that *>C(a,~)!®O releases
about the same energy as the 3a reaction, with only one o —particle being involved
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instead of three. On the contrary, the CO core mass near He exhaustion and the T'
and p stratification, on which the s—process nucleosynthesis critically depends, are
only marginally affected, as already noticed by Arnett (1972a). In particular, the
core models obtained with the rates by CF88 and by FCZT75 are almost identical.

4.2.5 Comparison with Previous Works

We followed a canonical model, that is a model without mass loss and convective
overshooting. Stellar models of 15 and 25 Mg of solar composition were calculated
by a number of authors, among whom Lamb, Iben and Howard (1976), Weaver,
Zimmerman and Woosley (1978), Woosley and Weaver (1988), with different pre-
scriptions concerning the treatment of convection and other physical inputs. Evolu-
tion of pure He stars were calculated by Arnett (1972a, b; 1977) and by Nomoto and
Hashimoto (1988). A whole series of presupernova stellar models were analyzed by
Maeder (1981a,b) with and without mass loss. Evolutionary sequences for M = 15,
30 and 40 Mg stars were run by Brunish and Truran (1982a), who also considered
the effects of mass loss. Finally, Bressan, Bertelli and Chiosi (1981), Maeder and
Meynet (1987; 1989), and Langer, Arcoragi and Arnould (1989) computed models
taking into account both mass loss and overshooting.

For stars less massive than M < 30 Mg mass loss has a negligible effect on
the core structure. The introduction of overshooting tends to produce larger core
masses, leading the star to evolve at higher central temperatures and lower densities.
Nevertheless, the only relevant change concerns the relation between the initial mass
and the CO core mass (see e.g. Chiosi and Maeder, 1986): for a fixed core mass,
the central structure and hence the s—processing do not depend on overshooting, as
already stressed by Langer, Arcoragi and Arnould (1989).

Substantial differences in the outer stellar physical conditions affecting the evo-
lutionary track in the HR diagram are found by the various authors. However,
concerning the structure of the convective He core, a general consistency is found
between the above models and our findings; in particular, our T" and p stratification
is in close agreement with the results by Lamb, Iben and Howard (1976).
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4.3 NEUTRON CAPTURES DURING He BURN-
ING IN A 25 M, STAR

The computational method we used to follow the s—nucleosynthesis is discussed in
the papers by Busso and Gallino (1985) and Busso et al. (1988).

The differential equations governing the abundance changes of light (4 < 28)
nuclei are:

dY;/dt = pYy ) (Ri;Y;— RuYa)+ > (Yidjii = Yodij) +na(< ov >4, Y= < ov >4, Y3),

(4.1)
where ¥; = X;/A;. Here X, is the abundance by mass of the element 7, A4; is its
atomic mass, n, is the number density of neutrons and < ov >;, is the Maxwellian
averaged product of the n—capture cross section and of velocity. In equation 4.1,
R;; = Ny < ov >, is the rate of production of the element 7 via o —captures on the
element j; A;; is the probability of a beta decay from the element j to the element
7.

The first term of equation 4.1 takes into account («, n) and (a, 7 ) reactions,
the second one describes weak interactions, and, in the third one, the n—captures,
including (n, p) and (n, o) reactions, are considered.

In the above conditions, the neutron density is determined by assuming equilib-
rium between production and destruction in the equation:

dnn/dt = pzNAYaR?'nY} — pNan, Z < 0V S Vi (4.2)

The neutron flux generated by («, n) reactions in equation 4.1 is distributed over
the seed nuclei proportionally to their n—capture cross sectiomns.

The numerical calculations were performed taking into account, for each element,
all the competing reaction channels whose probability of occurrence is higher than
some percent. In particular, a relevant number of unstable nuclei had to be explicitly
inserted in the network to account for the competition between n—captures and beta
decays.

We divided the core mass of our 25 Mg model into different meshes (at maxi-
mum mass extension we have 60 meshes), and derived the temperature and density
gradients from the evolutionary data, as well as the temporal evolution of the con-
vective core mass and of the central temperature and density.

We started from that point during core He burning when n—captures begin to
be effective. The isotopic abundance distribution is taken from the evolutionary
calculations. In particular, **N and '®0 have been completely converted into 22Ne
through o —captures. To all the isotopes that have not been processed in the previ-
ous evolution, solar-system abundances were assigned according to AG89.

The s—processing takes place near core He exhaustion, when the central tem-
perature increases from ~ 2.2 up to ~ 3.5 x10® K, and the central density from ~

58



1000 up to ~ 3000 g/cm?® We followed the neutron captures with a nuclear network
including 450 isotopes and 41 branchings along the s—process path.

To determine the weak interaction rates of unstable nuclides included in the
network, we started from the data by Takahashi and Yokoi (1987). Given the
temperature and density stratification, we interpolated among the Takahashi and
Yokoi’s grid points in order to give for every nuclide the beta decay rates corre-
sponding to each mesh. They were then averaged in mass over the whole convective
core. The S—decay rate for *Se was taken from the most recent investigation by
Klay and Kappeler (1988), and the rates for the lighter nuclei (Z < 26) from Cosner
and Truran (1981) and from Fuller, Fowler and Newman (1982).

For the choice of the neutron capture cross sections we refer to the paper by
Kappeler et al. (1990a); they are essentially based on the compilation by Bao and
Kappeler (1987), implemented by a number of more recent data. In particular, in
the range 56 < A < 90, we have introduced the small corrections by Ratynski and
Kappeler (1988), together with the new measurements on ®¢Kr and Rb isotopes by
Beer and Macklin (1989). As for ®*Kr, according to the analysis by Kappeler et al.
(1990a), we choose for its n—capture cross section a value of 30 mb, which is close to
the present lower limit: indeed, in low mass stars this choice was found to greatly
improve the fit to solar **Kr and 3"Rb. As for ?*Ne, we adopted the 30 keV neutron
capture cross section of 0.060 mb (Beer et al., 1989). An analysis of the isomeric
states was performed according to the discussion of Kappeler et al. (1990a); due to
the rather high temperature conditions in massive stars, the majority of these states
turn out to be thermalized; exceptions are ¥Kr™ and possibly ¥Ta™. Moreover,
we also properly considered those isotopes whose n—capture cross section does not
follow the usual 1/v law, among which 2426Mg, 28:30Gj, 56.57Fe 806Gy 87G; 85.87RY,
and %Y (Walter and Beer, 1985; Bao and Képpeler, 1987; Beer and Macklin, 1989;
Kappeler et al., 1990b).

4.3.1 General Features of the Standard Case

Table 4.2 shows the values at central He exhaustion of the most important param-
eters describing the s—nucleosynthesis. The first one is the maximum value of the
mean neutron density, while the second one is the peak value of the central density.
The typical ratio between central and mean neutron density is ~ 30. Then the
value of the neutron exposure 7 at 30 keV follows:

7(30keV) = / 7in(t)ordt,

where vr is the thermal velocity at 30 keV. Table 4.2 also gives the value of n., and
the *Ne mass fraction which is burnt during s—processing, starting from an initial
value of 2.02 x 1072,

Figure 4.7 shows the temporal behaviour of the mean neutron density 7,; it
strongly increases with time up to its maximum value, and then abruptly decreases
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when o -particles disappear. During the irradiation, the mean neutron density re-
mains always very low, never exceeding 10° n cm~3. The time history of the neutron
exposure is illustrated in Figure 4.8.

The overabundances at He exhaustion are shown in Figure 4.9 as a function of
the atomic mass; they are also reported in Table 4.2, selecting those isotopes whose
overabundance is greater than 10. The following main features can be recognized:

e For A < 70 the highest production factor is found for *°K. However, this very
long lived isotope decays into *°Ca with a half-life of 1.25 x 10° yr, so that
its abundance will be further modified in the interstellar medium. Also %*Ni,
% Cu, %Zn, *Zn, *®Zn, and %°Ga have production factors greater than 100.
Other isotopes which are efficiently produced are ?2Ne, **Mg, Mg, ¢S, *°Fe,
61Ni, %Cu, whose overabundances are higher than 70.

e For 70 < A < 90, the dominant nucleus is 3°Kr followed by ™ Ga, "°Ge, Se,
"Ge, 82Kr, "8Se, 8¢Sr, Ge, ¥'Sr. The overabundances of these isotopes are
all greater than 100.

e For A > 90 the curve shows a cutoff, the heavy s—only isotopes having enhance-
ments that average around 5. There are two exceptions: 1*2Gd and '®°Ta, with
overabundances of 39 and 23 respectively. As far as '®Ta is concerned, its
way of production is under debate. According to the analysis by Képpeler,
Beer and Wisshak (1989), we followed the suggestion by Yokoi and Takahashi
(1983) that in He-burning conditions the isomeric state is not thermalized.
Hence, in our network the isomeric state (stable) and the ground state (un-
stable) are treated as separate nuclei, with a neutron capture production ratio
from ™Ta of 1:5.

The fall of the distribution beyond A = 90 is a known feature: it is due to the
poisoning action of the light elements, first of all the 22Ne daughter nucleus **Mg,
which allows only ~ 1/3 of the neutrons to be captured by iron seeds. The s—only
isotopes we are more interested in are "°Ge, "®Se, 3Kr, 8Kr, and 8¢Sr, #"Sr: among
them, only "°Ge and "Se are branching-independent. By looking at Figure 4.9 one
sees that their overabundances are spread over a rather wide interval. However,
we must recall that each of these isotopes receives a different contribution by the
main component. This problem will be analyzed in detail in the next Chapter. Also
the production of *®Fe is worth a discussion: though it is not an s—only nucleus,
Kéappeler et al. (1982) stressed that it is hardly synthesized by other processes.

4.3.2 Sensitivity to Variations of o —capture Rates

When the CF88 rates are used, the s—process occurring during core He burning gives
results close to the one obtained with the CFHZ85 rates, but the overabundances
are slightly enhanced, the neutron exposure increasing from 0.206 to 0.219 mb~2.
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A lower a-—capture rate on *C means that its competition with respect to the
?’Ne(a,n)**Mg reaction decreases, allowing more a—particles to be captured by
??Ne, thus enhancing the release of neutrons. ‘

More important are the changes due to a possible variation of the 2Ne(a,n)*Mg
rate. The recent paper by Wolke et al. (1989) shows how this rate is affected by a
very large uncertainty in the low temperature regime which characterizes He burning
conditions (below Ty ~ 0.35), while there is a clear indication in favour of a higher
efficiency of the **Ne(ar, 7 )*®Mg reaction with respect to the FCZ75 recommended
value (notice that both in CFHZ85 and in CF88 the same FCZT75 rate for the a -
captures on ?’Ne is quoted). In particular, at Ty = 0.3, its enhancement factor may
be between 2 and 50 (see Figure 4.10). Table 4.3 presents a preliminary analysis
of the problem, showing the situation at He exhaustion. The quantity n%® is
the maximum of the average neutron density, while n2°** is the maximum central
value. The second column shows the results obtained with the FCZ75 choice. As
we shall see in Chapter 5, this case gives the right overproduction factors for the
s-isotopes, that allow to reach a good picture for the chemical enrichment of the
Galaxy. Columns 3, 4 and 5 show cases where the (a yv) rate is multiplied by 5,
while the (@ ,n) one is allowed to vary. It is easy to recognize that only when the
latter rate is two times higher than in FCZ75, the amount of s—processing is close to
the FCZT5 case. Other positive solutions are found for other choices of the (e yv)
rate, by properly varying the (o ,n) one: for instance, those in the last two columns
of Table 4.3. Higher values of the (a,y) rate are not acceptable, since ?2Ne would
be consumed before providing a convenient exposure.

In summary, we found that the higher (a, ) rate suggested by Wolke et al.
(1989) can still give an acceptable result concerning the s—process, provided the («,
n) rate at low temperature (7, ~ 0.3) be slightly higher than the FOZ75 estimate.

4.3.3 Sensitivity to Other Uncertainties

Concerning the adopted set of n—capture cross sections from Fe up to Sr, one must
consider that the experimental determinations have a fairly large uncertainty, of
the order of 10% in the average. In addition, a few stable isotopes lying on the
flow, ™™ Ge and ""8Se, have only a theoretical estimate, which is uncertain by
50%. It results that, owing to the low neutron exposure, a number of isotopes
having small cross sections with respect to nearby nuclides, and correspondingly
larger abundances, e.g. ®Zn, "2™Ge, "8Se, let their uncertainty propagate along
the s-process path. For example, a decrease by 13% of the cross section of "4Ge
implies a corresponding increase of its abundance by roughly the same amount, but
also a decrease by about 5% of all heavier isotopes up to Sr. Consequently, with
the present state of the art, one is not allowed to deduce too stringent conclusions
on the s—nucleosynthesis occurring in massive stars. Of course, better evaluations
of crucial cross sections in this atomic mass range are higly desirable.
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4.3.4 Comparison With Previous s—Process Calculations.

The comparison between our results and previous works (Lamb et al., 1977; Arnett
and Thielemann, 1985; Busso and Gallino, 1985) is some hard to perform because
the evolutionary models have been improved in the meantime and a lot of nuclear
parameters have been revised. A remarkable source of differences comes also from
the adoption of the solar AG89 abundance distribution, which is characterized by
a higher CNO content with respect to the compilations by Cameron (1973, 1982),
implying that a larger 2?Ne abundance results and more neutrons can be released.
Anyway, the main feature of s—processing in massive stars is preserved: a good
efficiency in reproducing the s—only isotopes up to 4 ~ 90, even if the production
ratios among the various isotopes did show large variations in the past, owing to
the more uncertain choice of cross sections.

More recently, Langer, Arcoragi and Arnould (1989) computed the evolution of
a 15 Mg star and a 30 My one with initial composition X = 0.70, Z = 0.03, using
the Cameron’s (1982) solar—system abundances. Their models include mass loss
according to the formulation by Lamers (1981) for hot stars (7. > 6500 K) and by
Reimers (1975) for the cooler ones; the 30 M star was also run introducing a core
overshoot of [ = 0.4H,. As for the nucleosynthetic calculations, they used the higher
(but very uncertain) Almeida and Képpeler (1983) neutron cross section of 0.9 +
0.2 mb for ?22Ne. The different n. value and final overabundances are completely
explained by the different assumptions in the above physical parameters.

4.3.5 Shell He Burning

During the last stages of core helium burning, the shrinkage in mass of the convective
core leaves matter with variable chemical composition. However, owing to the
steep shrinkage of the convective core, the actual inhomogeneity is confined only
to the outer 0.5 My zone, because at this time the integrated neutron exposure is
practically frozen (see Figure 4.11).

In some of the past studies on this subject the subsequent formation of a radiative
He shell was found to affect a mass zone already involved in core He burning; its
effect would be to smooth out the composition gradient left behind in the C-O
core. Investigations of the neutron capture nucleosynthesis occurring during the He
shell phase were done by Arcoragi (1986), and by Busso et al. (1987). Arcoragi
followed this process in a 15 and in a 30 Mg star evolved by Langer (1986a),
concluding that no significant s—-processing occurs during shell He burning. Busso
et al. (1987) studied helium core masses of 4 and 8 M, in the framework of Arnett
(1972a,b) bare—core models, in which the radiative shell actually affects a mass
region previously spanned by the convective He core. They found that, in the M,
= 8 Mg model, due to the rather high temperature left after central exhaustion,
some s—process nucleosynthesis resulted during the rapid initial rise of the He shell.

We followed the development of the radiative He shell in our 25 Mg model
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under both CFHZ85 and CF88 prescriptions. The shell temperature is always low
(Ts = 1.5), so that *?Ne burning is never activated. We then conclude that the
helium shell phase cannot change the abundances obtained during the previous
core helium burning, and in evaluating the s—isotopes yields the material from the
He-processed zone must be averaged over the n, profile. The effect is a decrease
of the s—process efficiency, the more important the less He—only processed region is
left by the subsequent nuclear stages.
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4.4 NEUTRON CAPTURES DURING C BURN-
ING IN A 25 M;; STAR

When the central temperature reaches a value of ~ 7 x 10® K, carbon burning is
ignited, whose features strongly depend upon the choice of the 12C(a,v)*®0O reaction
rate, the specific treatment of convection, neutrino losses and on an appropriate
determination of the equation of state. This leads to difficulties in modelling the
most advanced phases and the supernova event.

With the FRANEC evolutionary code, core carbon burning develops as a radia-
tive stage in a 25 Mg star, both when the initial carbon content is low (~ 20%) as
a consequence of a high rate for the *C(a,v)*®O reaction (CFHZ85), and when it
is high (~ 40%), because a lower rate is used (CF88). As for the previous results,
Lamb, Iben and Howard (1976) saw that while in a 15 My star a small convective
core develops, in a 25 Mg star with X, = 0.20 at He exhaustion carbon burns
radiatively, similar to what is found in our calculations. In any case we are not in-
terested in what happens in the core, because it will not participate to the galactic
chemical enrichment, being trapped in the stellar remnant left by the supernova
explosion. Moreover, all the inner region will suffer photodissociation reactions
during O-burning that destroy the s-isotopes (Thielemann and Arnett, 1985). The
problem is then to study the C—shell phase in order to see to what extent it can
affect the CO core and how much s-processing can take place. A first evaluation
of the s—process during shell C burning has been made by Thielemann and Arnett
(1985). Since the typical temperature is of the order of 1-2 x10° K, the possibility
of a strong s—process contribution by the chain 2C(p,v)*¥N(81)*C(a,n)*®0 is to
be discarded, because it may only arise during central C burning operating at lower
temperatures. On the other hand, the shell temperature is not high enough for the
direct opening of the *C(*?C,n)**Mg channel, that works only for Ty > 1.75 (CF88).
Consequently, only the **Ne(p,v)*'Na(87)*'Ne(p,v)**Na(8+)?**Ne(a,n)**Mg chain
provides a source of neutrons, even if the *Ne nuclides are prevailingly destroyed
by p—captures. From the work of Thielemann and Arnett (1985) one can infer that
the contribution by shell C-burning to the neutron exposure is of the order of few
10~2 mb~1.

Unfortunately, we could not follow the evolution of massive stars during shell
C burning directly, because the FRANEC code has not yet been implemented to
follow the more advanced evolutionary stages; nevertheless we can evaluate the s—
nucleosynthesis during this phase relying on the presupernova models by NH88 and
Woosley and Weaver (1988).

Woosley and Weaver (1988), adopting the CFHZ85 rate and introducing both
semiconvection and overshooting, found that stars more massive than about 20 Mg
produce so little carbon during helium burning (X, = 0.12 at He exhaustion for
M = 25 Mg, ) that the following carbon and neon nuclear stages of stellar evolution
are essentially skipped. However, the radiative C—burning shell shifts away rapidly,
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affecting a large fraction of the CO core at the onset of the gravitational collapse.
On the other hand, NH88, following a He star of M, = 8 with the same CFHZ85
rate but no overshooting, found X_ = 0.19 at He exhaustion, and a small convective
C-burning core of 0.31 Mg, followed by two stages of convective shell C—burning.
The second of them spreads from 1.79 up to 5.75 Mg just before the core starts to
collapse. A similar trend was found in the models by Arnett (1972b) for M, = 8,
with initial X, = 0.36. Summing up, the products of carbon nucleosynthesis are
found inside a large part of the O-rich zone, both when the C shell burns radiatively
and when it burns convectively. How can the C shell modify the s—processed matter
left behind by He burning?

In the shell carbon burns typically at a constant temperature of ~ 1 x 10° K and
a constant density of ~ 10° g cm™3. The duration of the process, as inferred from
NHS88,is 2 x 10" s in the M, =8 model. The main nuclear network includes, besides
the C + 2C reaction, a number of o — and p—captures that are shown in Table 4.4.
In order to follow the s—process nucleosynthesis during shell C burning, the neutron—
capture network was completely revised with respect to the one constructed for He
burning. Indeed the very different physical conditions and a higher initial n, induce
a different behavior of the neutron flow at the branching points, and some important
B—decay rates as well as the astrophysical factors to be applied to the n—capture cross
sections (Holmes et al., 1976) change. This in particular affects the "®Se and *Kr
branchings, and the production of ¥°Ta: at the high temperature considered, the
isomeric states of both ¥Kr and !%°Ta are assumed to be thermalized. We have also
made a careful analysis of the behavior of neutron capture cross sections with stellar
temperature. In particular, for Ne and Mg isotopes we derived the < ov > /vsgrev
values at To= 1.0 shown in Table 4.5 (column 2). From the comparison with the 30
keV values of column 3 it appears that the effect of Ne and Mg isotopes as neutron
poison is considerably enhanced during C burning.

The results of the calculation are presented in Table 4.6, where the most inter-
esting isotopes are listed. The neutron exposure achieved is quite small: 7= 0.06
mb~*, while the number of neutrons captured per iron seed is 2.35, so that the
total n. value goes from 5.67 at He exhaustion, up to =~ 8 at the end of the shell
C-burning phase. Figure 4.12 shows the evolution of n. as a function of time, and
Figure 4.13 the temporal history of the average neutron density: it starts from a
quite high initial value of ~ 10* ¢cm™2 and then decreases exponentially. A similar
behavior was predicted by the preliminary analysis of neutron captures during C
burning by Arnett and Truran (1969). The consequence is that the neutron flow
follows a different path with respect to the He burning stage and the abundance
ratios between the s-isotopes are noticeably changed. The evolution of overabun-
dances as a function of time is shown in Figure 4.14. As can be seen, 3°Kr and 82Kr
are first depleted, but then rise again. This is due to the initial very high value of
the neutron density, that makes all the neutron flow arriving at the Se branching
go to %Se. This isotope has a low neutron capture cross section, and acts as a
bottleneck, causing a decrease of #*Kr. But then the neutron density goes down,
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and the branching factor at "Se favors the production of krypton. A plot of the
overabundances at the end of shell C—burning for all the stable nuclei involved is
drawn in Figure 4.15 as a function of the atomic mass.

With respect to the results at He exhaustion, several features can be recognized:
8Fe is lowered, while "®Se is considerably enhanced becoming the most produced
nucleus; %Kr is still high, but the ratio between its overabundance and that of
82Kr has decreased, because of the different behavior of the neutron flow at the
Se branching; %¢Sr is left almost unchanged, while 87Sr is much reduced. An
important effect is the production of a consistent amount of 3¢Kr and 3 Rb, which
are crucial isotopes in the general scenario of the s—process, as already stressed in
§ 3.3. Interestingly, there is also a good production of !¥W, as the result of a
fast decay of '®°Ta, whose isomeric state is now thermalized. The isotope ¥°Ta
itself is very much produced during the n-irradiation, but it completely decays
before the final explosion, while *2Gd is only slightly depleted. Together with
*Ne, **Mg and ?*Na (the products of the 12C+!?C reaction), also Mg, created by
the ?Ne(a,n)**Mg reaction, is largely enhanced. All these nuclei participate in a
different way to the process of neutron absorption. As for the other light nuclei,
good overproduction factors are obtained for ?*Ne, ®¢S and “°Ar, while Mg and
0K are more than half depleted with respect to He exhaustion. Finally, at higher
atomic mass number, consistent production of ®4Ni, ®As, 8 Br, *Rb as well as of
some isotopes of Cu, Zn, Ga, Ge, Se and Kr are found.

A short comment on the way the C shell operates should be added. According
to the NHB88 prescriptions, three different convective C burning zones develop, that
do not overlap each other. Were such an overlap effective, as indicated by previous
models of Tkeuchi et al. (1971), Arnett (1972b), and Habets (1986), a more complex
process of s—nucleosynthesis would occur, as sketched by Gallino and Busso (1985).
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4.5 s-PROCESSED EJECTA FROM A 25 Mg
STAR

We saw that C burning affects the chemical composition of the CO core. We
still have to evaluate how much He-processed matter is ejected unaltered by the
supernova.

The discussion made in § 4.3 led to the conclusion that He burning enhancements
for the s-isotopes must be calculated by performing an appropriate average over the
n. stratification left by the shrinkage of the convective core. This stratification is
clearly illustrated in Figure 4.11, which shows how the number of neutrons captured
per iron seed increases going towards the center of the star. One can recognize that
the effect of the shrinkage is confined to the outer ~ 0.5 Mg of the CO core.

Table 4.7 gives the overabundances of the interesting isotopes and the mean n,
value after this average has been computed including different amounts of stellar
mass, Mprink, starting from the outer border of the CO core. The last column shows
the same quantities in the center of the star at He exhaustion. The results of Table
4.7 can be understood by looking at the behavior of overabundances as a function
of n., as in Figure 4.16. It can be seen that, while *®Fe first increases, reaches a
plateau and then smoothly decreases, °Ge, "Se, 8°Kr, 82Kr, %St and ®'Sr suffer a
monotonic enhancement with n.. When the n. value characterizing the situation
of the center is reached, the spread among the overproduction factors is large. In
particular ®Kr is quite high with respect to all other s—isotopes. On the base of
the M, =8 presupernova model by NH88 (see Figure 4.17) we can infer that only
the outer ~ 0.25 Mg of the CO core will be ejected by the supernova unaltered,
so that for a 25 Mg star the overabundances of the He-processed s—isotopes are
those of column 3 of Table 4.7. The remaining part of the CO core has also seen C
burning. However, in the inner core of massive stars, after carbon burning, Ne, O
and Si burnings take place, followed by explosive nucleosynthesis episodes, when the
shock wave leading to the supernova explosion moves across the nuclear shells. This
shock front is not expected to modify the chemical composition of matter external to
about 2.3 My in the M, =8 model by NH88 (Thielemann, Hashimoto and Nomoto,
1990). However, the mass limit is very uncertain, and detailed calculations of the
explosion mechanism in a 25 Mg star show that the composition is changed up to
~ 3.8 My (see figure 17 in Woosley, 1986). The temperatures involved are so high
that the s-isotopes are completely destroyed by photodissociation.

As a conclusion, we can evaluate that a 25 Mg star ejects ~ 0.25 Mg of material
that has experienced s—processing during core He burning, and ~ 2.5 M of material
that bears the signature of the s—process in the C shell phase.
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“C(a,v)!%0 rate FCZ75 CFHZ85 CF88
a-captures CFHZ85 CFHZ35 CF88
Atg.(Myr) 0.560  0.635 0.568
Atg./Atgy 0.092  0.104 0.092
M7z (M) 6.037  6.295  6.037
XLt 0.47 0.17  0.40
Xmal 0.50 0.80  0.56
logTfine! (K) 8.540 8.539  8.539
logpfinal (g cm™%)  3.533 3.524  3.523

Table 4.1: He-burning conditions with different prescriptions for reaction rates.
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areT (cm™) 6.785 x10°
nPeek(ecm=3) 1.802 x107
7 (mb™1) 0.206
e 5.665
X furnt 1.062 x1072
OVERABUNDANCES
120 57.0 | %°Ga 208.6
180 84.9 | "Ga 263.9
22Ne 74.9 | °Ge 253.7
Mg 76.6 | ?Ge 190.7
Mg 96.6 | Ge 128.8
sip 28.2 | Qe 99.3
363 85.5 | ™As 59.6
¥7C1 65.8 | ®Se 212.2
OAr 47.9 | 7Se 88.6
0K 291.7 | ™Se 108.9
30Ty 15.9 | ®Br 36.6
Cr 16.5 | 3%Kr 480.7
8T 84.2 | Kr 210.3
Co 35.9 | ¥Kr 63.0
61Nj 84.6 | #Kr 52.6
62Nj 49.9 | ¥Rb 28.6
64Ni 164.5 | %6Sr 147.3
63Cu 91.8 | 8Sr 129.2
%Cu 226.3 | ®Sr 34.8
647n 41.0 | ®9Y 22.3
667n 118.9 | 1%2Gd 38.6
677n 171.7 | 189Ta 22.9
687 n 164.7

Table 4.2: Results of the s—process calculations at the end of core He burning.
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FCZT75 | (a,y)*5 | (a,y)*5 | (a,7)*5 | (,y)*10 | (a,y)*20
FCZ75 | (a,n)/5 | (an)*5 | (a,n)*2 | (a,n)*3 | (a,n)*7
AT (x10° cm™3) | 6.79 1.77 3.23 3.47 2.27 3.06
nPe* (x107 cm~%) | 1.80 0.47 1.10 1.02 0.77 1.18
7 (mb~1) 0.21 0.05 0.29 0.21 0.20 0.20
e 5.66 0.97 9.36 6.00 5.28 5.39
58Fe 84.2 72.4 48.9 80.4 89.1 88.0
0Ge 253.7 4.3 717.2 292.9 212.2 223.1
6Se 212.2 3.3 943.9 256.9 167.3 178.3
80Kr 480.7 9.4 2539.8 593.5 372.4 398.9
82Kr 210.3 5.8 1243.0 261.5 160.1 172.0
86Gr 147.3 7.9 1172.7 186.1 110.0 118.1
87Sr 129.2 7.5 1085.2 163.6 97.3 104.5

Table 4.3: Results of the s—process at He exhaustion when the a—capture rates on

22Ne are varied. The lower part of the Table gives the enhancement factors for the
isotopes indicated.

Table 4.4: Charged particle network during shell C burning

o —captures

p—captures

190(a 7 "N
ONe{a 17)* Mg
INe(a, n)*Mg
2Ne(a, n)**Mg
*Ne(ar, )M
24ng(a , v )*°Si
®*Mg(a, n)?8Si
*Mg(a, n)*Si

O(p,y )''F
*Ne(p,7 )*'Na
*'Ne(p,y )**Na
*Ne(p,y )**Na

**Na(p, 7)**Mg
»Na(p, o )*°Ne
*Mg(p, v )* Al
*Mg(p, 7)*Al
Mg(p, v )*7Al
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< ov > / V30keV | O30keV
20Nee 0.461 0.0767
22Ne 0.159 0.06
24Mg” 5.5 4.2
BMgh 7.3 6.5
Mgb 0.6 0.084

* Winters and Macklin (1989)
* Weigmann et al. (1976)

Table 4.5: Neutron capture cross sections for Ne and Mg isotopes

et (x10M em™3) | 1.672
7 (mb™1) 0.059
T, 2.354
53Fe 56.7
Ge 527.1
"6Se 763.1
80Kr 675.6
82Kr 495.9
86Kr 224.3
87Rb 292.3
8631 147.4
87Sr 57.3
15234 29.2
180y 1184.5
180wy 102.7

Table 4.6: Results of the shell C burning
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Mprink (Mg ) | 0.10 | 0.25 | 0.50 3.1 6.0 | center
58Te 75.6 94.5 | 100.5 | 87.8 | 86.0 84.2

0Ge” 5.0 11.0 | 46.8 | 212.4 | 232.6 | 253.7
6Se 3.8 7.1 31.3 | 174.2 | 192.8 | 212.2
80K 10.2 | 17.0 | 67.4 | 391.7 | 435.2 | 480.7
82K 6.1 8.5 29.8 | 171.21190.3 | 210.3
86Gr 8.2 10.8 | 24.6 | 120.0 | 133.3 | 147.3
87Sr 8.0 10.9 | 23.1 | 105.6 | 117.2 | 129.2
152034 20.6 19.6 | 21.7 | 34.5 | 36.6 38.6

180y 5.1 3.6 32.5 | 18.8 | 20.8 22.9

Tig 1.063 | 1.597 | 2.577 | 5.097 | 5.375 | 5.665

Table 4.7: Results of the shrinkage of the He convective core.
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Figure 4.1: The evolutionary track in the HR diagram for the 25 Mg star with the
CFHZ85 choice of thermonuclear reaction rates.
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Figure 4.2: The evolution of the central conditions.
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Figure 4.3: The chemical and physical structure during hydrogen burning.
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Chapter 5

THE WEAK COMPONENT:
THE REPRODUCTION OF THE
SOLAR-SYSTEM
s—DISTRIBUTION

5.1 INTRODUCTION

The purpose of this Chapter is to understand under which assumptions the weak
(and the main) component in the solar-system can be reproduced. In the atomic
mass range that we shall consider (70 < A < 90) the s—theory suffers from difficulties
deriving from the complex structure of the neutron path at the branching points ™Se
and *°*Kr, and from the present poor knowledge of the nuclear parameters involved
(Képpeler, Beer and Wisshak, 1989; Beer and Macklin, 1989; Gallino et al., 1991).
In particular, under standard prescriptions, **Kr and ®Rb are overproduced by
the main component, whereas the weak component is not well determined in the
framework of the classical analysis, since no good prescriptions for the neutron
density, temperature, and for the type of irradiation can be foreseen (see § 3.2).
However, a detailed study of the s—process in massive stars can better clarify the
two astrophysical processes that give rise to the weak and the main component.
In the previous Chapter we calculated the s—process nucleosynthesis that occurs
during both core He and shell C burning in a 25 Mg star, and evaluated the
composition of the s—processed material which is ejected by this stellar model.
Now we want to analyze the chemical enrichment of the interstellar medium in
s—nuclei. In order to do this, in § 5.2 we shall introduce basic concepts concerning
the chemical evolution of the Galaxy, and estimate the contributions of massive stars
in the framework of the Simple Model theory. The s-yields from a whole stellar
generation are derived by requiring that the solar abundance of %0 is reproduced.
Indeed, oxygen is supposed to be entirely produced by massive stars in the same
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stellar regions where the s—nuclei are synthesized.

In § 5.3 the s—contributions to the solar composition from TP-AGB low mass
stars and from the p—process are then taken into account, and the possibility to
match the solar distribution of the s—isotopes produced by the weak component is
investigated.

We shall show that, despite the complexity coming from the uncertainties in-
troduced by C burning, an overall good fit can be achieved. This result brings
important consequences for the galactic chemical enrichment, showing that stars
more massive than 50 Mg cannot participate to the s—enrichment with contribu-
tions from the CO core: they are supposed to suffer strong stellar winds, their cores
likely collapsing into black holes.

Finally, a comparison with the results of the phenomenologic approach is at-
tempted in § 5.4, underlining how the different conditions in neutron density and
temperature play in determining the shape of the neutron flow.
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5.2 s YIELDS FROM A GENERATION OF MAS-
SIVE STARS

In order to calculate the contributions to the chemical enrichment of the interstellar
medium in s-nuclei coming from massive stars, we first need to review some basic
concepts of galactic chemical evolution. (Talbot and Arnett, 1973; Tinsley, 1980;
Chiosi and Matteucci, 1984).

The chemical evolution of a galaxy is governed by the evolution of individual
stars as well as collective processes such as star formation rate, stellar mass function
and dynamics of the gas—stars system.

Each generation of stars contributes to the chemical enrichment by processing
new material in the stellar interiors, and returning to the interstellar gas a fraction
of the mass containing both processed and unprocessed matter during the various
stages of mass ejection (stellar wind, planetary nebula, SN explosion). What we
need is a complete specification as a function of the stellar mass of the fractionary
amount of each elemental species 7 returned to the interstellar medium as well as the
fraction of mass going into a remnant, thus subtracted for ever to further nuclear
processing. These data can be derived from calculations of stellar models up to the
very final stages. The basic quantities required to follow the evolution of a chemical
species can be specified in the framework of the Simple Model (see next Chapter),
following the formalism by Talbot and Arnett (1973). This has the advantage that
many important conclusions can be reached without having to consider detailed
chemical models.

According to this formalism, the evolution with metallicity Z of the abundance
of the species ¢ can be described by:

X7 ~piy,
if 4 is a primary element, and
JYiS ~ 0.5 pz(Z) y,

if 7 is a secondary element, where y = In[M,(0)/M,(t)] and M, is the mass of
the galactic gas. Let us remind that, depending on the process of nucleosynthesis
taking place inside a star, an element is considered as primary if it is built through
thermonuclear reactions starting from H burning, without the need of seed nuclei
synthesized in a previous generation of stars. On the other side, an element is
considered as secondary if it is built starting from chemical species already present
in the star at its birth. The quantity p; is the so—called yield of species 7, and is
defined as the mass of that element newly created and ejected by a generation of
stars, relative to the masslocked up in long-lived dwarf stars and compact remnant.
In the formalism of Talbot and Arnett (1973), the yields are defined through a



production matrix @);; involving all elemental species:

_ Lz 45X

1 1——f )

f being the fraction of mass ejected from a generation of stars, and
@ = [ T(m)Qs(m)dm.

@:;(m)X; is the fraction of stellar mass initially in the form of species j which is
eventually ejected as species 7 and ¥(m) is the initial mass function. For primary
elements p; are constants, while for secondary species as the s—isotopes are generally
assumed to be, they are proportional to the metallicity [p;(Z) o< Z]. At this stage
we shall adopt such general point of view, considering the s—nuclei that are produced
in massive stars as secondary species. A more detailed investigation on this point
will be performed in the next Chapter. In evaluating ¢;; we have to consider that
due to their long evolutionary times, stars less massive than about 1 Mg do not
participate in the recycling of the interstellar gas.

In order to predict the massive star contributions to the solar abundances of
the s—only isotopes we must consider that stars more massive than a certain limit
may collapse into black holes without experiencing a supernova explosion, thus not
contributing to the chemical enrichment of the Galaxy. The problem of the lim-
iting mass has been investigated by many authors in the framework of studies on
the chemical evolution of the Galaxy (Twarog and Wheeler, 1987; Matteucci, 1986;
Olive, Thielemann and Truran, 1987; Wheeler, Sneden and Truran, 1989). They
must explain why theory predicts too large an amount of oxygen if all stars between
10 and 100 Mg are included in the computation of yields. The limiting mass is not
well established; in particular, a higher slope of the initial mass function can lower
the contribution by the most massive stars. In our calculations the slope of the
initial mass function was set equal to -2, while we chose the value 50 Mg for the
limiting mass (see discussion in Chiosi and Maeder, 1986), calibrating the galactic
model in such a way as to reproduce the solar ozygen abundance. Indeed, it is in
the O-rich region that the s—only isotopes are synthesized. To correctly reproduce
the solar oxygen implies that also the s—contributions from massive stars to the
solar distribution are fixed. Let us recall that a 25 Mg star is currently consid-
ered as a typical nucleosynthetic site for primary elements produced by massive
stars (Woosley and Weaver, 1986). However, this is not true for the s—elements,
and we want to discuss this point in some more detail. A simple inspection of
the overabundances achieved by an s—only isotope such as ®Kr at He exhaustion
and after C burning, provides us a very useful information about the relative role
played by s—processing inside the O-rich zone. While O is thought to be produced
entirely by massive stars, the solar abundance of 8 Kr already receives about a 50
% contribution from the main component of the s—process, so that the average ra-
tio (32Kr/ 10)/(®*Kr/ '0)g should be 1/2; since in the oxygen rich zone we have
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0/ *0q ~80, final overabundances for 8?Kr such high as 200 (in the He processed
zone) or 500 (in the C processed one) necessarily imply that only 1/5 to 1/10 of
the O-rich region can contribute to the production of the s-elements. However,
one has to take into account that s—processing is contributed very differently in
stars of various masses, and if the above criterion is not true for a given star, it
must be true when a whole generation of massive stars is considered. In order to
make this analysis we derived the @Q;; of primary species and the remnant masses
from Woosley (1986), while the fractional masses with which every burning stage
contribute to the final yield of an s—isotope were estimated by carefully analysing
the works by NH88, Thielemann, Nomoto and Hashimoto (1990), and Woosley and
Weaver (1988). In particular, the 25 My model contributes to the s—abundances
with both He and C processed matter; the amount of He processed matter ejected
is 0.25 Mg (on which the shrinkage of the convective He core has acted), while the
C processed matteris 2.5 Mg . Let us specify that, in defining the limit up to where
the passage of the shock front destroys all the s—nuclei, we have chosen an interme-
diate solution between the results by Thielemann, Nomoto and Hashimoto (1990)
and those of Woosley (1986). Stars in the mass range from 25 to 50 Mg are likely
to behave in a different way: indeed, in these stars either ??Ne goes to exhaustion
at the end of core He burning, or C burning is radiative (Arnett, 1972b). As a
result, the O-rich zone ejected is hardly affected by s—processing during C burning.
Recent models of such massive stars are lacking, and new evolutionary calculations
are highly desirable. Finally, as far as stars between 10 and 25 Mg are concerned,
the models by NH88 show that the C processed region suffers some kind of a partial
O burning, with the consequent dissociation of the s-nuclei; moreover, at least in
the less massive ones, this zone is surely locked inside the neutron star that forms
during the explosion. Thus the s—process that occurs during C burning is found to
be important only for a small interval of stellar masses around 25 Mg . The scenario
just depicted proves to be able to satisfy the 32Kr/ °0O criterion discussed above.

For stars of different masses, the s-abundances at He—exhaustion were calculated
using a distribution of exposures that produces a central n, parameter following the
law:

ne = 10.3[1 — exp(— M, /10)],

which has been calibrated to our results of the 25 Mg star and which agrees well
with the results found by Prantzos, Hashimoto and Nomoto (1990). Moreover, we
calculated for each mass the effect of the shrinkage of the He core mass, according
to the results by NH88; the effect is particularly important for the stars of lower
mass.

For M>50 Mg, following the above discussion, we let all the CO core mass
be locked into black holes: these stars can contribute only through stellar wind
to the galactic enrichment. The wind has been characterized by a distribution of
s—isotopes as found in our models during He burning when n, = 2.6, which agrees
well with indications from Prantzos, Arnould and Arcoragi (1987).
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Having defined the parameter space of our problem, we calculated the contribu-
tions that massive stars give to the solar—system abundances of the s—only nuclei
produced by the weak component (plus **Fe). The calculation was performed by
considering the operation of the s—process first during He burning alone, and then
during both He and shell C burning, whenever it is effective. Table 5.1 shows
the results in term of ratios to the solar abundances (Anders and Grevesse, 1989):
column 2 presents the case where only He burning is included, while the case of
column 3 takes into account both He and C burnings. It is easy to recognize that
in both cases massive star contributions are quite different for the various isotopes:
in particular, the inclusion of C burning makes the spread even more pronounced.
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5.3 CONTRIBUTIONS TO THE SOLAR-SYSTEM
ABUNDANCES

The spread of our calculated s—contributions from massive stars to the solar abun-
dances shown in Table 5.1 was actually expected, since each nuclide that appears in
the Table is also produced by two other mechanisms. The first one is the s—process
taking place in the He convective shell of low mass stars climbing up the Asymp-
totic Giant Branch (see § 3.3). The secondary nucleosynthesis occurring in these
stars has recently been demonstrated to fit the main component of the s—process
(Gallino et al., 1988; Gallino, 1989; Kappeler et al., 1990a). LMS contributions to
the isotopes we are concerned with are shown in column 4 of Table 5.1; they are
taken from the best fit case of Gallino et al. (1990b).

The second mechanism is the p~process. Despite recent investigations (Howard,
Meyer and Woosley, 1991; Rayet, Prantzos and Arnould, 1990), the site for the
process to operate and the way it operates is still uncertain (see Chapter 2). The
adopted set of p~contributions was taken from Kéappeler, Beer and Wisshak (1989),
following a semiempirical analysis by Beer (1985); we can attribute a 50% uncer-
tainty to them. These values are presented in Table 5.1 (column 5). As can be seen,
the abundances of **Kr and chiefly *2Gd are greatly affected by the p—process. In
the last two columns of the Table the total contributions to the solar abundances
are shown, both in the case where massive stars are supposed to give only He-
burning contributions and in the case where also the C-shell burning products are
considered.

At this stage, it is important to stress that the overabundances we obtained are
affected by various sources of uncertainties. First of all, we can expect some uncer-
tainty in the stellar model, depending on the physical inputs we chose and on the
procedure we adopted to perform the calculations. This could affect in particular
the **Kr abundance, that critically depends on the final stages of C burning, as
shown in Figure 4.14. Moreover, a certain degree of imprecision is naturally re-
lated to the determination of both the neutron capture cross sections and the solar
abundances. Table 5.2 shows the neutron capture cross sections adopted for our
s—only isotopes, together with the uncertainties on their values (Kéappeler, Beer and
Wisshak, 1989), the solar-system number densities with their uncertainties (Anders
and Grevesse, 1989), and the resulting A(cNyp) when a 50 % indetermination on
the p-corrections is taken into account. Finally, as already discussed in § 4.3, there
is an effect of propagation of the n—capture cross section uncertainties on the flow.
It derives in particular from ®Zn, "?Ge, and "®Se, and introduces an overall uncer-
tainty of the order of 10 % or more on the final abundances of the s—only isotopes
up to 4 = 90.

Apart for the case of **Fe, which however is not an s—only isotope, the last
column of Table 5.1 shows that solar values can be reproduced inside the range of
present uncertainties in the case where both He and C burning conditions are taken

90



into account (case "He+C”). The s—only isotope °Ge appears somewhat underpro-
duced; however Anders and Grevesse (1989) noticed that the determination of the
solar abundance of this isotope is uncertain, the meteoritic value we used consider-
ably differing from the photospheric one. Adopting an average value between the
two, the solar abundance determination would be lowered by ~ 20 %, providing a
good fit for this isotope too.

When only He burning is considered in massive stars (Table 5.1, column 6)
a general agreement is found for all s—only isotopes but °Ge and "®Se, that are
underproduced. This is an argument in favour of the operation of carbon burning.

As a conclusion of the above discussion we can state that the good agreement
of the results of Table 5.1 with the solar distribution of s—isotopes implies that the
s—process in massive stars ts actually able to account for the weak component.

An alternative picture for the galactic chemical enrichment was also analyzed,
by assuming that stars more massive than 50 M participate in the s—enrichment
with CO core contributions corresponding to processed matter with an n, value of
9.51 (see also Prantzos, Arnould and Arcoragi, 1987). The contributions from such
massive stars are derived from He burning alone since, due to the high temperatures
reached, at the end of this phase *Ne is completely depleted. No s—processing in the
C shell is thus expected in these stars. Table 5.3 shows the resulting MS (column
2) as well as total (column 3) contributions to the solar values. The calibration
criterion was again to adjust the free parameters in order to match the solar abun-
dance of oxygen. It is interesting to notice that the same quantities are obtained
independently of the inclusion of matter infall to the disk. In comparison to the MS
contributions shown in Table 5.1 the situation is much worse, except for 1*2Gd. The
values of Table 5.3 put severe constraints on the chemical evolution of the Galaxy,
firmly stating that very massive stars cannot give carbon-oxygen core contributions,
unless the s-isotopes are destroyed by photodissociations in the entire O-rich region
by the passage of a supernova shock front (which is unlikely). Their CO cores are
presumably collapsing into black holes.
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5.4 COMPARISON WITH THE PHENOMENO-
LOGICAL APPROACH

We saw in Chapter 3 that the phenomenological description of the weak component
suffers from many difficulties. In particular, it strongly depends from the treatment
of the main component, and its neutron density and temperature are assumed in
analogy with this latter, without any consideration to the astrophysical prescrip-
tions.

In Table 5.4 the contributions to the solar-system abundances of the isotopes we
are interested in coming from the classical main and weak components are shown.

In the first three columns the data are taken from Kappeler, Beer and Wisshak
(1989; KBW89); both the results of the model with an exponential distribution of
neutron exposures (ee) and of the single flux model (sf) for the weak component are
presented. The neutron density adopted is 1.3 x 10® cm ™2 for the main component,
and 1.7 x 10° cm™ for the weak; the thermal energy is 23 keV for the main, and 18
keV for the weak (see also Beer and Macklin, 1989).

As can be seen, when the main and the weak contributions are added, the (ee)
case shows an overabundance of **Fe and a too low abundance of °Ge and "Se.
With the (sf) model, instead, *3Fe is less produced, and °Ge and "®Se are better
fitted, but the heavier isotopes are too low.

In the last two columns the more updated results from Beer, Walter and Kappeler
(1991; BWK91) are shown. Here the main component has been revised with respect
to the one of 1989: a pulsed model is used, together with a refined analytic treat-
ment of the best fit procedure. The physical parameters characterizing the main
are: n, = 2 x 10° cm™%, and KT = 25 keV. On the other side, in this paper the
weak component has been formulated considering the astrophysical implications:
BWEKO1 refer to the results obtained by us following the s—process in both core
He and shell C burning in massive stars, which have been presented in Chapter 4.
In the BWK91 model the weak component is thus a superposition of two different
exposures: the first one is to mimick the conditions playing during core He burning
In massive stars, with a mean neutron density of 10° cm™®, and a temperature of
25 keV; the second one takes into account the operation of shell C burning, with
an®® =1.6 x 10" cm™®, and KT = 86 keV. According to the authors, a best fit
solution is found when it is assumed that the 82 % of the matter that experienced
the first neutron exposure sees also the second one. The confrontation between
this new model for the weak component and the single flux one shows a general
rearrangement of the contributions, with a particularly heavy variation of 8¢Kr.

The results of Table 5.4 can be compared with the one we obtained by performing
computations in a true astrophysical environment, and that are shown in Table
5.1. Let us notice first of all that very different contributions are found for 3°Kr:
while from the phenomenologic point of view this isotope is produced by both the
main and the weak component, according to the astrophysical scenario its synthesis

92



must be ascribed to massive stars. This is essentially due to the fact that the
classical main component has a higher temperature (and a lower neutron density)
with respect to the s—process occurring in TP—AGB stars, so that the production
of 8°Kr at the ™Se branching is favoured. As for the weak component, the analytic
approach by BWK91 gives a greater weight to the high—temperature, high-neutron
density phase (which corresponds to our C burning), during which *Kr (but also
82Kr) is not so heavily produced. ,

The effect of the different conditions playing at the ®**Kr branching is then affect-
ing the abundances of ®Sr, 87Sr, 8Kr and ®*"Rb. A higher neutron density for the
main component as in the astrophysical case means that the neutron flow essentially
goes to *®Kr and ®"Rb, avoiding a too strong production of ®Sr and ®"Sr. Indeed,
one of the major problems in the astrophysical picture for the main component is
the overproduction of ®*Kr (see also § 3.3, and Kéappeler et al., 1990a). Let us recall
that, in order to overcome the same problem, the classical analysis assumes a pulsed
model for the main component, with a pulse duration of 3-20 yr (see § 3.2). On
the other side, we saw that C burning can produce some %Kr and 3"Rb, so that it
is explained why the analytic description of the weak component by BWKO91 finds
a larger contribution to these isotopes (and a lower one for ®¢Sr and 3"Sr) than we
do. '

A more detailed critical comparison between our results and the findings of
the phenomenologic approach is presently under way, and will be the topic of a
forthcoming paper.
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MS(He) MS(He+C) | LMS p-PROC. | TOT(He) TOT(He+C)
S8Fe 0.32 0.35 0.02 0.00 0.34 0.37
0CGe 0.41 0.57 0.14 0.10 0.65 0.81
65 0.34 0.71 0.29 0.10 0.73 1.10
80K ¢ 0.76 0.83 0.10 0.15 1.01 1.08
82Kr 0.33 0.51 0.52 0.03 0.88 1.06
86K r 0.00 0.17 1.03 0.00 1.03 1.20
8"TRb 0.00 0.22 0.88 0.00 0.88 1.10
865 0.24 0.21 0.66 0.06 0.96 0.93
87Sr 0.21 0.13 0.76 0.00 0.97 0.89
152(3d 0.08 0.06 0.45 0.33 0.86 0.84
180y 0.04 0.02 0.94 0.00 0.98 0.96
180y 0.00 0.08 0.03 — — —
Table 5.1: Contributions to the solar-system abundances
Tsokev(mb) Ac(%) Ng(atoms/10°Si) ANg(%) A(oNep)(%)
8Fe 12.8 10.0 2.52 x 10° 2.7 10.4
Ge 90 5.8 24.4 9.6 @ 12.2
76Ge 163 4.0 5.6 6.4 9.1
80Kr 251 5.8 0.999 18.0 20.3
82Kr 82 6.3 5.15 18.0 19.1
86Kt 3.7 8.6 7.84 18.0 20.0
8"Rb 21 9.5 2.11 6.6 11.6
86gr 74 4.3 2.32 8.1 9.6
87gr 100 6.1 1.51 8.1 10.1
182Gd 1010 6.4 6.6 x 1074 1.4 17.8
180y, 1728 11.0 2.48 x 1076 1.8 11.1

¢ See however discussion in the text.

Table 5.2: Physical inputs and their uncertainties
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MS TOTAL
%Fe 0.38  0.40
MGe 1.77 2.01
®Se 2.16  2.55
80Kr 5.46  5.71
82Kr 2.64  3.19
8Sr 2.55  3.27
§7Sr 245  3.21
15234 0.19  0.97
180T, 0.11  1.05

Table 5.3: s—contributions when stars more massive than 50 Mg are included

KBWSg9 BWKO91
main weak weak | main weak
(ee)  (sf) (He+C)

¥Fe | 0.02 1.12 0.17 | 0.03 0.28
MGe | 0.11 051 0.72 | 0.15 0.84
™Se | 0.23 0.60 0.67 | 0.29 0.58
9Kr | 0.38 0.54 0.33 | 0.49 0.32
Kr | 0.42 0.67 0.46 | 0.55 0.39
®Kr | 0.72 0.38 0.18 | 0.66 0.40
Rb | 0.73 0.32 0.00 | 0.65 0.05
8Sr | 0.58 0.32 0.09 | 0.93 0.04
8Sr | 0.59 0.29 0.03 | 1.01 0.01

Table 5.4: The main and weak contributions according to the phenomenological
approach
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Chapter 6

BEHAVIOUR AS A FUNCTION
OF METALLICITY AND
INTERPRETATION OF
OBSERVATIONAL TRENDS

6.1 INTRODUCTION

In the two previous Chapters we discussed the s—processing in massive stars, and
how it can fit the weak s—component in the solar system: we found that the solar
system distribution of the s—isotopes in the atomic mass range 60 < A4 < 90 is
satisfactorily reproduced when the contributions from a whole generation of massive
stars, up to >~ 50 Mg, , are considered.

In order to analyze how massive stars can account for the weak component, we
assumed that the s—process in massive stars follows a secondary behavior, as is gen-
erally believed. However, there are several points that need to be investigated when
discussing the s-yields from generations of stars of different metallicities that we
want to analyze here in more detail. First of all one must include the effect of the
observed enhancement of the so—called " -nuclei” (10, *°Ne, Mg, 88i, 328, 4°Ca,
871 plus **K) with respect to iron at metallicities lower than solar (Luck and Bond,
1985; Frangois, 1986; Magain, 1989; Bessell and Norris, 1987; Barbuy, 1988; Abia
and Rebolo, 1989; Gratton, 1990). Indeed, the observations show that the abun-
dances of these isotopes grow in the disc (the galactic phase currently characterized
by [Fe/H]> -1) as the metallicity decreases, while in the halo (the more metal-poor
galactic phase) they have a nearly flat overabundance in comparison to iron, the
case of 1°0 being probably a bit different The efficiency both of the ?2Ne neutron
source (that depends on the initial CNO abundance), and of important neutron poi-
sons is sensitive to this enhancement. Moreover, it is necessary to account for the
operation of primary poisons such as '°0, **Ne during He burning, and ?°Ne, 2*Na,
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?*Mg during C burning, which take a predominant role in population II stars. In
particular **O must be considered as the major neutron poison during He burning
at low metallicities, despite its very low < ai?,fev >=2 x 10™* mb (quoted in Bao
and Kappeler, 1987). Actually, one has to notice that this value is probably under-
estimated and that Beer, Vol and Winters (1991) suggest a value up to a factor 10
higher. The enhancement of the o —nuclei and the behavior of neutron absorbers
determine the way in which massive stars production of s—isotopes evolves in time.

The next step is to deduce (starting from a fit to the solar system composition
like the one performed in Chapter 5) the s— and e- or r—contributions to each
isotope of interest and hence to the elements as a whole. In this way, an indication is
obtained of how different production mechanisms played in building up the elements
considered.

An interpretation of the observed trends of heavy elements versus metallicity can
eventually be attempted, while a more detailed analysis needs a complete model for
the chemical evolution of the Galaxy.

In § 6.2 we briefly illustrate the procedure we adopted to obtain our results.
These are discussed in § 6.3, where also a comparison with recent results is made.
§ 6.4 deals about the debated problem of the primary or secondary nature of the
s—process, while § 6.5 faces the question of an interpretation of the abundance
observations in stars of different metallicity. Finally, in § 6.6, improved calculations
for Cu and Zn with a proper model for the chemical evolution of the Galaxy are
presented.
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6.2 COMPUTATIONS

In order to perform nucleosynthesis calculations in stars of different metallicities,
we used stellar models originally computed for a solar composition. This is an
acceptable approximation, since the fundamental evolutionary parameters affecting
the result of the s—processing, such as the central temperature and the central
density near the end of core He burning, or the relative C/O amount at that stage,
do not vary much with the metal content. To verify this point, Table 6.1 shows the
results of two evolutionary computations of a 25 Mg star with solar and 1/20 of
solar metallicity. The data refer to the end of core He burning, and were obtained
by us using the FRANEC evolutionary code. M, is the H-depleted core, while M,
is the He-depleted one. As can be seen, the effect of metallicity is quite low, and
the same would stand true for the subsequent carbon burning, as well as for the
final presupernova model.

The numerical procedure we adopted to calculate the neutron captures and the
input nuclear parameters we chose were the same as described in Chapter 4. We
briefly remind that the thermonuclear reaction rates are taken from Caughlan et
al. (1985); the weak interaction rates are derived from Takahashi and Yokoi (1987),
except for ®Se, for which the temperature-dependent f—decay rate by Klay and
Kéappeler (1988) is adopted. The neutron capture cross sections are mostly taken
from Bao and Képpeler (1987) and Beer and Macklin (1989). The < o3%eV > of
*Kr was put equal to its lower experimental limit of 30 mb, while for **Ne we
adopted < 3% >=0.06 mb, according to Beer et al. (1989). We also included
the not—1/v behavior of many important o, ,, that can especially affect the neutron
poisoning action by light nuclei, and the neutron capture on **Fe.

The nucleosynthetic calculations were started taking into account that the so
called " —rich nuclei” have shown to be overabundant with respect to iron in stars
with metallicity less than solar. The choice we made for this ”« —enhancement”
was based on the observations (see Figure 6.1), and different prescriptions should
be adopted in order to cover the whole spread of observational data. In particular,
if we consider oxygen (the most important of the « -nuclei), a linear increase of its
abundance can be assumed from [Fe/H]=0.0 down to [Fe/H]=-1, being followed by a
flat enhancement in the halo by about 0.3-0.4 dex (Sneden, Lambert and Whitaker,
1979; Gratton and Ortolani, 1986; Barbuy, 1988; Gratton, 1990). We recall that
in the standard spectroscopic notation [el/Fe] = log(el/Fe), - log(el/Fe)y. The
possibility is open for a stronger enhancement of [O/Fe] in the most metal poor stars
with [Fe/H]<-2.5, as suggested by observations of Bessell and Norris (1987), while
the linear increase of [O/Fe] for decreasing [Fe/H] down to [Fe/H]~-2, as suggested
by Abia and Rebolo (1989), has recently been questioned (see Pagel, 1991). Figure
6.2 shows the [O/Fe] versus [Fe/H] ratios derived by Abia and Rebolo (1989) (filled
circles), together with those obtained by other authors: the disagreement becomes
particularly evident at the lower metallicities.

Notice that the increase of the O abundance implies a proportional increase of
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the *Ne neutron source, since **Ne is produced by a—captures starting from N,
to which the CNO initial content is processed in the H burning phase. At the same
time, having more ?Ne, we also get more **Mg, which is a very efficient neutron
poison if the metallicity is not too low. The enhancement of the other a-nuclei
implies a growth of the neutron absorbers too. However, for metal poor stars the
main neutron poison in the core He burning phase is primary 0, largely produced
by the operation of the 2C(a,v)'®O reaction. A full discussion on the relative
importance of the neutron poisons is performed in the next section.
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6.3 RESULTS

6.3.1 Core He Burning

Table 6.2 shows the results of the s-processing in a 25 Mg star at the end of
core He burning, for different metallicities. Column 1 gives the assumed amount
of initial oxygen enhancement, while column 2 gives the corresponding adopted
enhancement of the other o —nuclei. In order not to introduce too many parameters,
we consider the same overabundance with respect to iron for all of these nuclei, even
if some differences in their behavior as a function of [Fe/H] are possibly observed
(see Lambert, 1989). In Table 6.2 the number of neutrons captured per iron seed
nucleus n,. is presented as a function of metallicity [Fe/H|. Some of the results of
Table 6.2 are also dispayed in Figure 6.3, where the curves labelled 1 are obtained
with no enhancement of the a-rich nuclei, while the ones labelled 2 are the result
of a linear increase of the enhancement down to [Fe/H]=-1, followed by a constant
[« /Fe] = 0.3 at lower metallicities. In the Figure the label "oy6 = 2/ 4” means that
the Bao and Kappeler (1987) value of 2 x 107* mb was adopted for the < g2%<" >
of 1°0; but cases are also presented with this < o3%¥ > put to zero (see discussion
below). In case 2-c16 = 24 (our standard case), n. stays within 20 % of the value
obtained for a solar metallicity down to [Fe/H]~-1.8. The corresponding variation
of the overabundances can be seen in Figure 6.4; the increase in the disc is due to
the rise of the neutron source down to [Fe/H]=-1. Then, after the peak, the effect
of the poisons plays the dominant role, and the overabundances begin to decrease.
Anyway, since this variation is much smaller than the change in metallicity, we can
conclude that a secondary-like behavior characterizes the s—process in massive stars
down to [Fe/HJ]~-2. Beyond that point the efficiency of the process is very low,
because of the neutron absorption by the primary light nuclei, first of all 0.

In order to recognize the importance of ®0O as a neutron poison, we show in Fig-
ure 6.3 what happens to 7. when this nucleus is prevented from capturing neutrons
(cases with 016 = 0). It is clear that the importance of *0 grows when [Fe/H] is
low because the other poisons that depend on metallicity (mainly **Mg) are greatly
reduced. As for the poisoning action of *?>C, it is rubbed out by an almost com-
plete effect of instantaneous neutron recycling on this nucleus, since the reaction
12C(nyy )**C is immediately followed by **C(a,n)*®0 (see also Gallino, 1989) which,
at the temperatures typical of He burning, is very efficient.

To discuss in more details how the poisons behave as a function of metallicity, we
plotted in Figure 6.5 the oY values of the most important light neutron absorbers,
as a function of time. The two cases that are shown were calculated considering an

a—enhancement of a factor 2 for both the oxygen and the other o -rich nuclei; as
for the metallicity, in panel a) it is [Fe/H]=-1.3, while in panel b) it is [Fe/H]=-2.3.
The discontinuities of the ¢} curves in the case of 2¢Mg, 170, and 5°Fe are artificial;
they are due to the fact that the n—capture cross sections of these isotopes do not
follow the common 1/v law, so that their value changes with increasing temperature.
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Since we took account of the variation of the temperature using three successive
nuclear networks, we have formally two points of discontinuity when we pass from
one network to the other. From Figure 6.5 we can easily recognize some features:

e oY ('°0) and oY (*°Ne) are essentially constant with metallicity, because *0
and ?°Ne are primary products of the star;

e in the case [Fe/H]=-1.3 the most important n—absorber at the beginning of the
process is *°Fe; but soon **Mg, whose abundance grows very rapidly due to the
operation of the *Ne(a,n)**Mg reaction, takes the dominant role. Then we
have quite an important n—-poisoning effect by %0, that only at the very end
of core He burning is overcome by ?*Mg and 2°Ne, that are efficiently produced
by a—captures on 2°Ne and ®O respectively. However, the importance of one
nucleus as a neutron poison is determined by the integral of the oY curve,
and not by the mere final value;

o if we now analyze the case with [Fe/H]=-2.3 we see that '®0O is the major
n—poison, *Mg still giving a consistent contribution at the end of the process.
This contribution will be lost in stars of lower metal content, owing to the
*Mg—dependence on metallicity.

If we now come back to Table 6.2 and consider cases that have been run with
higher O—enhancements with respect to the scenario outlined so far, we see that
the efficiency of the s—process rises. It is interesting to notice that a sequence with
n.~ constant down to very low metallicities could in principle be found, but in
order to have n.~6 at [Fe/H|=-3.3, [O/Fe] should be as large as 1.6, which seems
quite unlikely at present. We conclude that the s—process efficiency must fall in
the extreme halo. However, at these low metallicities, another contribution to the
s—nucleosynthesis could come from the operation of the **C(a,n)!®0 reaction, that
becomes effective at the end of core hydrogen burning. This possibility has recently
‘been investigated by El Eid and Baraffe (1990), who found that in very metal
poor stars s—nuclei in the atomic range 60-90 are efliciently produced through this
mechanism.

6.3.2 Shell C Burning

Table 6.3 shows the final n, values at the end of shell C burning as a function of
metallicity [Fe/H]. As can be seen, the contributions coming from C burning rapidly
decrease with metallicity, their effect being important in the disc, but not in the
halo. The fall of the additional neutron exposure at low [Fe/H] is easy to understand
since the neutron source is essentially provided by the same *?Ne(a,n)**Mg reaction
that was already responsible for the neutron release in the previous central He
burning phase. Going to low metallicities, the ??Ne content rapidly falls, so that
it is completely consumed during He burning. Figure 6.6 gives the efficiency of
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the s—process in stars of 25 M and different metal contents, at the end of shell C
burning. As in Figure 6.3, the curve labelled 1 is obtained with no a —enhancement,
while that labelled 2 is the result of our standard choice for the enhancement.

The neutron poisons acting during shell C burning are essentially **Ne, **Mg
and ?*Na, all of them being of primary nature, with a not negligible contribution
by **Mg in the disc only [see Figure 6.7, where panel a) is for solar metallicity, and
panel b) for [Fe/H]=-1.6].

We can wonder how the operation of shell C burning can modify the previous
discussion about the secondary origin of the s—process in massive stars, taking into
account that in a 25 Mg star the carbon burning shell spreads over almost all the
previous He processed region. An inspection of our results at the end of shell C
burning leads to the conclusion that the overabundances of the s—isotopes belonging
to the weak component do not depend so much on metallicity in the disc (see Figure
6.8): this means that the secondary-like behavior is satisfactorily preserved.

6.3.3 Enhancement of the o, of 1O

We have just seen the importance of 10 as a neutron poison during core He burning,
especially when stars of low metallicity are considered. The major role played by
160 relies on a very small neutron capture cross section at 30 keV of only 2x107*
mb, as quoted in Bao and Kappeler (1987), who refer to the evaluation by Allen and
Macklin (1971). We used this choice up to now. However, Beer, Vof} and Winters
(1991) have recently found that by properly treating the 434 keV resonance, the
< 0'30’“‘/ > of *0 can be up to 10 times higher than the value accepted by Bao and
Kappeler

To investigate the consequence on the s—process taking place in massive stars, we
performed calculations with the O cross section < 03%“’ >=2 %1073 mb. In th1s
case the efficiency of the s—process in the disc is slightly reduced, the overall pattern
still remaining roughly secondary-like. In particular, the reproduction of the solar
weak component is still satisfactory for all the s—only isotopes but "°Ge, whose solar
abundance is however badly determined. On the contrary, in the halo n. is so small
that pratically no s—process contributions are expected at low metallicities.

Figure 6.9 gives the n, values as well as the overabundances as a function of
[Fe/H] in the case we are dealing with. The fall of the curve in the halo is evident.

We must stress that the present uncertainty on the n—capture cross section of 1°0
is high, so that an experimental determination is strongly needed before concluding
that the weak component does not work in the halo.

6.3.4 Comparison With Previous Results

In a recent paper, Prantzos, Hashimoto and Nomoto (1990, hereafter PHN90) dis-
cussed the s—process in massive stars of different masses and composition, taking
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into account that the observed enhancement in a—nuclei is affected by a large scat-
ter, and made calculations considering three cases (see their Figure 1): case A, with
no enhancement; case B, in which [Fe/O] linearly increases with [O/H], and case
C, where it is [Fe/O]=-0.3 up to [O/H]=-1, rising afterward to the solar content.
We show the results they obtained in their cases A and C in Figure 6.3, to make a
comparison with our results easier.

In order to understand the differences, let us underline some points:

e the poisoning effect of **0 was not considered by PHN90, and this means that
their n. values are always higher than ours, especially at the lower metallicities;

e anumber of neutron capture cross sections are different: in particular, we take
into account the deviations from the simple 1/v law for the cross sections of
many important isotopes. As already mentioned, in our computations three
nuclear networks are read by the program when the central temperature is
equal to 2.5, 3.0, and 3.5 x10® K respectively. Table 6.4 compares our cross
sections with the ones adopted by PHN90: as can be seen, some of them are
strongly sensitive to the variation of the temperature. When the PHNO0 set
of neutron capture cross sections is adopted, the efficiency of the s—process is
slightly reduced;

e PHNY0 have a strong neutron poisoning effect by primary *C and *’Ne. But
one has to take into due consideration the neutron recycling effect by **C;
as for *°Ne, following Winters and Macklin (1988) we have a 50 times lower
neutron capture cross section for this isotope, so that its importance as a
neutron poison has been heavily reduced;

o as for the "a-nuclei”, not only the enhancements of °0, *°Ne, **Mg and
28Gi, but also those of 23, 3°K, *°Ca and **Ti must be included. In order to
check this point, we performed calculations of neutron captures in a [Fe/H]=-
1 star, choosing a factor—of-2 enhancement for all the a-nuclei. In Table
6.5 column 2 shows the results at the end of core helium burning, while in
column 3 we present the corresponding results when S, K, Ca and Ti are
simply scaled to their solar values. The Table gives, besides the n. values, the
neutron exposures 7 at 30 keV, the maximum value of the average neutron
density, and the overabundances with respect to the initial ones (i.e. the
solar abundances properly scaled according to the Fe content) for the most
interesting isotopes. The Table clearly demonstrates the importance of S,
K, Ca and Ti as neutron poisons. In particular, the mean neutron density is
slightly reduced in the case shown in column 2, and this affects the production
of such branching-dependent isotopes as 3°Kr and ®*Kr: their overabundances
decrease from 1202 to 908 and from 558 to 413 respectively. The same effect
is felt by the two s—only isotopes of Sr: %St goes from 444 to 312 and *"Sr
from 395 to 276.
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In conclusion, though a comparison of our results with PHN90 is not easy to
accomplish, we think that such an increase of n, values as they found for interme-
diate metallicities (in both their cases B and C), is mainly due to their neglecting
the poisoning action of *¢0.
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6.4 THE PRIMARY/SECONDARY NATURE OF
THE s—PROCESS

The results of the previous section can provide us a critical tool to discuss in a
deeper way the behaviour of the heavy elements as a function of metallicity. In the
history of the Galaxy, the chemical enrichment of the interstellar medium depends
on the way successive generations of stars have been contributing. A commonly used
rough approach to the study of abundance buildup is the so—called Simple Model of
galactic evolution (Talbot and Arnett, 1973; Tinsley, 1980; Chiosi and Matteucci,
1984), in which the instantaneous recycling approximation is made, that is the time
scale of stellar evolution is considered as negligible with respect to the age of the
Galaxy. A further assumption is that the yield of a stellar generation is constant
for primary species, and proportional to Fe for secondary ones. In this framework,
the elemental abundances in the interstellar medium are given by [el/Fe]=const for
a primary element, and by [el/Fe]=[Fe/H] for a secondary one.

The ”primary” or "secondary” nature of the s—elements is a still debated prob-
lem; since neutron captures on heavy nuclei depend on initial Fe, in principle one
would expect a secondary origin for them, and consequently to observe a linear
increase of [el,/Fe| versus [Fe/H] in metal-poor stars. However, the true scenario
is much more complicated. Indeed, the instantaneous recycling approximation is
commonly accepted for massive stars, at least in the disc, but is no valid for low
mass stars with long lifetimes. Moreover, our results of § 6.3 indicate how the yield
from a stellar generation to a given element depends on the metallicity in a complex
way, due to the differential effect of primary or secondary neutron poisons and to
the increase of the 2?Ne/%®Fe abundance ratio in stars of metallicity lower than the
solar one. As a consequence, the correlation between the nucleosynthetic process
due to a whole generation of stars and the chemical enrichment of the Galaxy must
be examined with extreme caution, and for every element.

Observations of s—abundances in the atmospheres of dwarf stars with different
metal content clearly put into discussion the predictions by the Simple Model,
showing that in the disc phase it is [el,/Fe]~const, while in the halo we must
distinguish between the heavy ”s—elements” (as Ba) and the lightest ones (as St or
Y), both being underabundant with respect to iron, but with different trends (Spite
and Spite, 1978, 1985; Magain, 1989; Zhao and Magain, 1990). Figure 6.10 shows a
collection of observational data for [Sr/Fe], [Y/Fe] and [Ba/Fe] versus [Fe/H] taken
from Pagel (1991). |

Before entering the problem of the evolutionary behaviour of s—species, we must
stress two fundamental points:

o First, what we observe is the elemental abundance, and generally it is not pos-
sible to get information on isotopic ratios. Moreover, when we speak about an
” s—element”, we refer to something that in the solar—system is mainly supplied
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by the s—process, but that can also receive minor contributions from other
sources: the e—process (that we define as a combination of nuclear statistical
equilibrium processing and explosive nuclear burning) or the r—process, both
processes being currently assumed of primary nature. This is particularly true
in the atomic mass range 60 < A4 < 90. Each of the mechanisms at work will
leave a signature on the element’s production as a function of metallicity, so
that a comparison between the theoretical results and the observations is not
easy to perform.

Furthermore, we saw that there is not a unique site for the s—process. In fact,
we have to deal with the weak and the main component, that behave in a
different way as a function of [Fe/H]. The atomic mass region from Fe to Zr sees
an overlapping of the two contributions; actually, all the s-isotopes produced
by the weak component are more or less affected by the main component (see
Chapter 5).

In massive stars, the neutron source is provided by the ??Ne(a,n)**Mg reaction
and is of secondary origin, its efficiency depending on the initial CNO content
of the star. According to the results obtained § 6.3, the s—process in such
stars behaves as "secondary” down to [Fe/H] ~ —2. On the other hand, as
we saw in Chapter 3, the main component is ascribable to the s—processing
occurring in low mass stars during He thermal pulses on the Asymptotic Giant
Branch, mainly through the operation of the **C(a,n)'*0 neutron source. As
pointed out by Clayton (1988), this n—source is in principle of primary nature,
since the *C is synthesized from proton-captures on 12, that is produced
by He burning in the star. Also from an observational point of view, the
fact that [Ba/Fe]~0 in the disc, and in general the constancy of r/s trends,
must be interpreted in the light of a combined effect of the not instantaneous
recycling approximation and of a varying efficiency of the neutron poisons
with metallicity. Other important and poorly known factors do play a critical
role, such as the efficiency of the *C—pocket, the effect of the variations of the
overlapping factor between subsequent pulses, and of dredge-up mechanisms

(Gallino et al., 1990b).

The double site of the s—process implies a differential evolutionary history for
the weak and the main component. Indeed, while massive stars contribute
to the chemical enrichment of the Galaxy in the halo, low mass stars are
currently believed to participate only to the chemical enrichment of the disc,
because of their longer lifetimes. Consequently, when we are dealing with
the weak component in the disc, we must take into account that there is an
interference from the main component.
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6.5 COMPARISON WITH OBSERVATIONS

The main check on the predictions of our results has to be looked for through a
comparison with the observational data coming from stars of different metallicity.
In order to do that, we need first to evaluate the e-, r—, s=weak and s—main contri-
butions to the solar system chemical composition. In particular, being the s—process
(despite all its uncertainties) the best known among the quoted mechanisms, we can
evaluate the e— or r—contributions as: N,, = Ng — (NZ*¥ + N**"). Furthermore,
if we want to examine halo stars, it is also important to have an estimate of the
relative e—contribution from type II (short-lived stars) and type I (long-lived stars)
supernovae. For this purpose, we adopted the Thielemann, Nomoto and Hashimoto
(1990) yields for the nucleosynthesis products ejected by a 20 My star, assumed
to be a typical SNII. Indeed, a fair consistency is found between their theoretical
expectations and observations for what concerns the enhancement of the a—nuclei
with respect to Fe. As for the yields provided by models of various types of SNI,
they are affected by much larger uncertainties (see Thielemann et al., 1989, and
Matteucci, 1988). Anyhow, the subdivision of e-contributions from SNI and SNII
must be taken as only indicative.

Table 6.6 shows the massive star s—contribution (columns 3 and 7) to the solar
abundance of elements from Co to Zr, assuming that in the disc the s—process in
massive stars is secondary—like. The method we adopted to obtain these numbers
is the same as in the previous Chapter. From Table 6.6 we see that the elements
most contributed from the weak s—component are Ga and Ge (by less than 50
% anyway). Unfortunately, we have no observational data concerning these two
elements at different metallicities. In all the remaining cases, other nucleosynthetic
mechanisms are more efficiently working, so that the secondary imprinting due to
the weak component is smaller. In particular, we expect important e—contributions
to Co, Ni, Cu, and Zn, while the heavier elements must be totally understood in
terms of s— and r—processes (with low contributions from the p—process). The s—
main contributions from TP—AGB stars of low mass are given in columns 4 and 8 of
Table 6.6 (from Gallino et al., 1990b, with an updated revision for %Kr and *Rb).

Table 6.7 shows the elemental contributions to the solar abundances of interest-
ing chemical species, coming from the weak and the main s—process (column 2 and
3 respectively) and from SNII (column 4). In the last column our predictions for
SNI, that are simply given by: 1 — (N¥e@* 4 N 4 NSNIIY /Ny, are presented. In
the Table we made the further assumption that the r—process is coming from type
11 SN only, probably from the less massive star range (~ 10 Mg ), with longer evolu-
tionary times (Mathews and Cowan, 1990). This is not in contradiction with recent
computations of nucleosynthesis products of the propagating shock wave during the
supernova explosion in a 20 Mg star (Thielemann, Nomoto and Hashimoto, 1990),
where no signature of an incoming r—process has been found.

The question is open about the behavior of the r—process in the halo. As a
matter of fact, the observations of a typical r—element such as Eu as a function

107



of [Fe/H] seem to show a roughly flat overabundance, with a possible decreasing
trend at metallicities [Fe/H]<-2.5 (Cowan, Thielemann and Truran, 1991). The
fall could be explained in the light of a not instantaneous recycling approximation
scenario, where the bulk of Fe is produced by stars more massive than those that
are responsible for the r—process. In such a hypothesis, the same decreasing pattern
at very low metallicities should characterize all the heavy elements, that in Table
6.7 are seen to have even a small r~contribution (Rb, Sr, Y, Zr).

In order to deduce information from the data of Table 6.7, we must recall that
Fe is currently assumed to be produced up to ~ 30 % of its solar value by SNII,
the remaining percentage being ascribable to long lived SNI. Moreover, we must
keep in mind that the s—contributions coming from massive stars cannot play any
role during the halo phase, in comparison to even a small primary r—contribution.
The observed patterns at low metallicities must be essentially understood in terms
of primary nucleosynthesis only (Truran, 1981; Cowan, Thielemann and Truran,
1991).

Starting from the above considerations, the results of Table 6.7 allow us to
conclude that, in the halo:

¢ Co should be slightly underabundant with respect to Fe, as confirmed by the
observations of Gratton and Sneden (1991);

e Ni should be more than a factor 2 higher than Fe, which is in contrast with
the observed trend recently derived by Gratton and Sneden (1991), who found
that [Ni/Fe]~0. However, the estimated yield of this element from type II SN
is strongly dependent on the position of the mass cut in SNII, that is a very
debated point (Thielemann, Nomoto and Hashimoto, 1990, see also § 2.2);

o Cu receives only a small e~contribution from SNII, so that it must be under-
abundant. Sneden, Gratton and Crocker (1991) did find an underabundance
of Cu, but also a linear increase with [Fe/H], with [Cu/Fe|~-0.2 at [Fe/H|=-1
(see Figure 6.11). They interpret this trend by assuming a very large s—process
contribution from massive stars. But, according to the present knowledge of
nuclear cross sections, this explanation appears unlikely, and we would rather
think in term of a differential production of Cu and Fe by type I SN;

o 7Zn can be reconciled with the observed flatness (Sneden, Gratton and Crocker,
1991; see Figure 6.12) inside the range of present uncertainties;

e Rb is efficiently produced by the rprocess, so that we expect it to be over-
abundant in comparison to Fe, with a typical [Rb/Zr]=40.3;

o Sr should roughly go as Fe, being possibly underabundant; for this element
the existing observational data are affected by a large spread, but nonetheless
a decrease at [Fe/H]~-2.5 is evident (Cowan, Thielemann and Truran, 1991;
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see Figure 6.10), confirming our opinion that the instantaneous recycling ap-
proximation does not work also at very low metallicities;

o Y shows about the same features as St, and the predicted trend is in reasonable
agreement with the observations (Spite and Spite, 1978; Pagel, 1991; see
Figure 6.10);

o 7r should behave approximatively as Fe, the overabundance of this element
observed by Magain (1989) being probably due to an underestimate of Fe
(see discussion in Gratton and Sneden, 1991), with a possible decrease at
[Fe/H]<-2.5
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6.6 IMPROVED CALCULATIONS OF GALAC-
TIC CHEMICAL EVOLUTION

The next step is to insert our theoretical prescriptions for the elemental yields in a
detailed model for the chemical evolution of the Galaxy. In this way, we can follow
the element’s behaviour as a function of time also from a quantitative point of view,
and perform a better comparison with observations.

We are now entering the problem for Cu and Zn, for which new results have been
recently derived by Sneden, Gratton and Crocker (1991), based on high resolution
spectroscopy. Figure 6.11 is taken from their paper, and gives the behaviour of Cu
as a function of [M/H],.g, i-e. the mean of the abundances of Fe and Ni, weighted
by the number of lines observed for each species. They chose to combine Fe and Ni
abundances in order to increase the number of transitions used in the metallicity
estimate, and thus to reduce the scatter. From the data in the Figure, a linear
relation can be identified between [Cu/M] and [M/H],.¢; according to the authors:

[Cu/M] = +0.38[M/H]qug + 0.15.

As for Zn, its trend as a function of metallicity is shown in Figure 6.12. The solid
horizontal line is placed at the mean Zn abundance, [Zn/M]=+0.04. These data
strongly suggest that Zn exists in solar ratio in stars of all metallicity down to

[M/H],,, ~ -3.

The code used to make calculations of galactic chemical evolution is essentially
the one described in Matteucci and Francqis (1989), that has proved to well re-
produce the observations of the a—elements (O, Ne, Mg, Si, and S). The galactic
model assumes two components: the halo and the disc. The first one is treated as
an homogeneous sphere of primordial gas, where instantaneous mixing of gas but
not its instantaneous recycling is assumed. The disc is formed out of the residual
gas from the halo through infall of primordial material on timescales of the order of
1 Gyr (but the possibility of infall of chemically enriched material can also be con-
sidered). The halo phase is rapid and when the iron content of the Galaxy reaches
[Fe/H]=-1, the disc phase begins. The Star Formation Rate is a function of the gas
density, and the rate of type I SN is computed taking into account the evolutionary
time of the progenitor stars.

In order to follow the chemical evolution of the element ¢, we must insert into
the code the nucleosynthetic yields in terms of mass in ¢ that is ejected by stars of
different masses of the same generation. Furthermore, we must know the behaviour
of the element as a function of metallicity, i.e. if it has a primary or a secondary
nature.

As for massive stars, we calculated such values using our results in the case
of solar composition. The results are shown in Table 6.8. As can be seen, the
contributions from a 15 Mg star are much lower than those from a 25 or a 35
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Mg star: this is due to the fact that in a 15 My star only a small fraction of the
He—processed core does not suffer photodisintegration of the s—nuclei, as discussed
in § 5.2. According to our previous analysis of § 6.3 we can assume that in such
stars Cu and Zn follow a secondary-like trend down to [Fe/H]~ —2; then, for lower
metallicities, their production falls because of the primary neutron poisons.

But massive stars can also give e—~process contributions coming from equilibrium
processes or explosive burning. We took the corresponding yields from the calcula-
tions of a 20 Mg supernova model by Thielemann, Nomoto and Hashimoto (1990),
that are shown in Table 6.8. They are assumed constant for all massive stars. Two
sets of data corresponding to different choices for the mass cut are presented : M.,
= 1.63 Mg (SNIIa), and M., = 1.59 (SNIIb). In the case of a mass cut at 1.63
Mg , one can derive:

(Cu/Fe)/(Cu/Fe)e = 0.08
(Zn/Fe)/(Zn/Fe)y = 0.30.
If we now believe in the standard prescription that ~ 30 % of Feg comes from

type II SN,
Cu/Cug = 0.03
Zn/Zng = 0.10

We can now estimate the s—yields coming from TP-AGB stars, referring to the
best—fit model of Gallino et al. (1990b), that is valid for stars in the mass range
1-3 Mg . The metallicity of this typical star in order to reproduce the solar-system
main component is ~ 1/3 of the solar one. The major problem here is to evaluate
how much s—enriched material from the He shell is mixed up to the envelope trough
the dredge—up episodes and is subsequently ejected by mass loss.

The problem is not so easy, since the envelope enrichment is a gradual process
and one has to take into account that the He shell is moving outward in time, the
pulses overlap and the chemical composition changes, while the envelope is reduced
by stellar winds. 4

As a first approximation we can calculate the amount of matter that must be
brought to the surface to make the star become a carbon star (that is: with a surface
ratio C/O=1). Since carbon comes from the same production region where also the
s—nuclei come from, this evaluation will tell us how much s—enriched material is
saved in the envelope and thus dispersed in the interstellar medium.

We obtained M= 1.6 x107% My as the ejected s— and C-enriched matter from
the typical TP-~AGB star which accounts for the main component. Consequently, if
we take the s—abundances obtained by Gallino et al.(1990b) for such a star, we get
the data in Table 6.8. These yields from low mass stars are much smaller than the
ones from massive stars, but we must remember that an integration over the Initial
Mass Function has to be performed, that gives more weight to the less massive
stars. As a consequence, the contribution coming from massive stars and from low
mass stars inside the same stellar generation is comparable. The behaviour of Cu
and Zn synthesized by the s-process in low mass stars is secondary-like.
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The last production site we have to consider is type I SN, where in principle
some Cu and Zn can be formed. The yields, taken by Thielemann, Nomoto and
Yokoi (1986), are shown in Table 6.8 (the case labelled SNIc). As for the ratios
with respect to the solar values, we have:

(Cu/Fe)/(Cu/Fe)g = 0.02

(Zn/Fe)/(Zn/Fe)y = 0.05
that means:

Cu/Cug = 0.01

Zn/Zng = 0.03.

These results are quite lower than according to our prescriptions (the case SNId
in Table 6.8), that are based on a global fit of the solar-system composition. But
as we have already stressed, the results of nucleosynthesis calculations in type I SN
are affected by large uncertainties.

The results that we have obtained so far by inserting the data contained in Table
6.8 inside the code for the calculation of the galactic chemical evolution are very
preliminary. The main problem is that Cu and Zn tend to show a similar behaviour
as a function of metallicity, at odd with the observations. However, the theoretical
curves are very near to the observational trends, and we expect that with a bit of
effort to improve the whole picture, a final agreement will be found.
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Z=0.02 | Z=0.001

Y=0.28 | ¥=0.25
M. (Mg) 8.876 9.142
M,, (Mg ) 6.295 | 6.359
logT. (K) 8539 | 8.542
logp, (g cm™®) | 3.524 3.520
Xo 0.17 0.15
Xo 0.80 0.84

Table 6.1: End of core He burning in a 25 Mg, star of different chemical compositions

a—enh. [Fe/H]
0| «a 0.01-031-06]|-1.0}-13]|-16|-23]-2.6]-3.3
1 1 57| 58 | 57|54 | 49 | 42 191203

1.2 | 1.2 6.1
151156 6.5 | 6.4
2 2 70| 70 6.8 6.3 | 5.5 | 2.8 |18 | 0.4
3 2 89 | 84 | 74 | 3.8
5 2 12.1 1 10.8 | 5.7
8 2 8.4 | 5.4
Table 6.2: n. values at the end of core He burning
a—enh. [Fe/H]
O | « 00}-03|-06-1.0}-1.3|-16}-23-2.61]-3.3
1 1 80| 72|65 | 58|51 4319]| 12|03
1.2 1.2 7.7
1.5 1.5 7.6
2 2 7.4 | 6.6 | 5.7
3 2
5 2 5.8
8 2 5.5

Table 6.3: n, values at the end of shell C burning.
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THIS WORK PHN90
*Ne || 7.7E-2 | T.7E-2 | 7.7E-2 1.4
21Ne 0.1 0.1 0.1 1.5
uMg | 24 3.1 3.8 4.1
Mg 6.5 6.5 6.5 4.7
Mg | 5.9E-2 | T.0E-2 | 8.0E-2 || 8.4E-2
285i 2.1 2.4 2.8 2.9
2951 8.9 8.3 7.9 7.8
8051 10.1 8.0 6.7 6.3
56Fe 11.1 12.0 12.8 13
5"Fe 40.4 37.6 35.6 35

Table 6.4: Neutron capture cross sections (mb) in He burning conditions

a b
T, 6.76 7.35
7 (mb™1) 0.233 | 0.246
e (x108cm™2%) || 0.816 || 0.831
58T 72 66
Ge 388 464
Se 379 479
80Kr 908 1202
82Kr 413 558
86Sr 312 444
87Sr 276 3985

(a) standard choice
(b) excluding 3%S, 39K, “°Ca and *®Ti enhancement

Table 6.5: Results at He exhaustion for [Fe/H] = -1
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Sun MS, LMS, Sun MS, LMS,

Cob9  1.00 6 1 ,
Se76 0.09 71 29
Ni58 0.68 0 0 77 0.08 27 13
60 0.26 1 0 78 0.24 45 20
61 0.01 11 2 80 050 12 17
62 0.04 7 1 82 0.09 0 0
64 0.01 33 9 Se 1.00 25 13
Ni 1.00 102

Br79 0.51 10 18

Cu63 0.69 19 6 81 0.49 11 13
65 0.31 32 5 Br 1.00 11 16
Cu 1.00 22 6

Kr80 0.02 83 10

Zn64 0.49 6 0.2 82 0.12 51 52
66 0.28 19 3 83 0.12 16 18
67 0.04 28 5 84 0.57 13 25
68 0.19 34 T 86 0.17 17 94
70 0.01 0 0.8 Kr 1.00 19 37
Zn 1.00 8 2

Rb85 0.72 11 23
GaB9 0.60 45 10 87 0.28 22 81
71 0.40 43 15| Rb 1.00 14 39
Ga 1.00 44 12
Sr86  0.10 21 66
Ge70 0.20 57 14 87 0.07 13 76
72 0.27 64 16 88 0.83 7 80
73 0.08 33 11 St 1.00 9 77
74 037 29 12
76 0.08 0 0 Ysg 1.00 4 85
Ge 1.00 43 12

Zr90 0.51 1 65

As75 1.00 17 7 91 0.11 3 90
92 0.17 3 95

94 0.18 2 100

96 0.03 0 65

Zr 1.00 2 78

Table 6.6: s—contributions from massive stars (MS,) and from low mass stars (LMS,)
to the solar—system abundances. In columns 2 and 6 the atom percent of each species
is given
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s—weak | s-main | SNII (e,7) | SNI (e)
Co 0.06 0.01 0.21 0.72
Ni 0.01 0.00 0.75 0.24
Cu 0.22 0.06 0.07 0.65
Zn 0.08 0.02 0.15 0.75
Rb 0.14 0.39 0.47 -
Sr 0.09 0.77 0.14 -
Y 0.04 0.85 0.11 -
Zr 0.02 0.78 0.20 -

Table 6.7: Contributions to the solar—system from different nucleosynthetic sites

M/Mg M(Cu)/Mgy M(Zn)/Mg

Massive Stars

15 6.83(-7) 5.81(-7)

25 3.58(-4) 6.39(-4)

35 4.74(-4) 8.00(-4)
TP-AGB Stars

1-3 2.8(-7) 3.6(-7)

Supernovae

SNIla 3 31( 6) 3.06(-5)

SNIIb 5 (-5) 9.74(-5)

SNIlc 1 05( 5) 3.24(-5)

SNId 2.61(-4) 6.30(-4)

SNITa—mass cut at 1.63 Mg —from TNH90;
SNIIb—mass cut at 1.59 Mg —from TNH90;
SNIc—from Thielemann et al.(1986);
SNId-according to our prescriptions

Table 6.8: Yields from a whole stellar generation
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Figure 6.1: The average o —element abundances as a function of metallicity [Fe/H];
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Figure 6.3: n,. values at the end of core He burning in stars of 25 My and different
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while in panel b) it is ~2.3
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Chapter 7

CONCLUSIONS

In this thesis we treated the problem of the origin of the s—elements, concentrating
our attention on the atomic mass region from iron to strontium, where the weak
component is believed to play the major role.

Since this component has long been ascribed to the nucleosynthesis occurring
in massive stars, we reanalyzed the mechanism of n—captures in such stars with the
most updated evolutionary models and nuclear inputs, in order to see whether it is
possible to reproduce the solar—system distribution of the s—elements in the atomic
mass region of interest.

We first ran evolutionary calculations of a typical massive star of 25 Mg and
solar composition, under canonical prescriptions. The n—capture process occurring
during both core He—burning and shell C-burning was analyzed, studying the effects
of variations within the present uncertainties of the *C(a, ~)!80 and 22Ne(a,n)**Mg
rates as well as of other nuclear inputs.

The nucleosynthetic mechanism during core He burning is characterized by a low
mean neutron density, which never exceeds 106 ¢cm~3. In agreement with previous
investigations, we found a good production of the s-isotopes in the atomic mass
range 70-90, the actual neutron exposure depending on some critical parameters
such as the 2C(a,v)!*0 and 22Ne(c,n)** Mg rates. Important contributions are
found also for several light n—rtich species and for the heavy rare isotopes 152Gd and
180T, Using the rates by CTFH7Z85, the process is characterized by a total neutron
exposure T = 0.206 mb-! and by a number of neutrons captured per 56Fe seed N
= 5.665.

A discussion of the nuclear stages following core He burning shows that during
the He shell burning neutron captures do not occur, because of the too low tem-
perature. On the contrary, a good contribution to the s—elements is given by shell
carbon burning, that can spread convectively over almost all the CO core. The
average neutron density here is very high at the beginning, (of the order of 10%
cm™?), but then decreases rapidly, following an exponential law. Even if the neu-
tron exposure in this phase is low (7 =~ 0.06 mb~1), nonetheless the final abundance
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of the s—isotopes is noticeably affected.

The evaluation of the chemical composition of the stellar ejecta is not an easy
task, and requires a very careful analysis of the evolutionary model in order to
know how much He—processed and how much He+C-processed material is present.
Moreover, one has to take into account that the subsequent Ne and O burning
stages, by demanding high burning temperatures, lead to the photodissociation of
the elements heavier than Fe. The same process is induced by the passage of the
shock front during the supernova explosion.

The presupernova chemical structure however depends on the stellar mass, each
star contributing in a different way to the chemical enrichment of the interstellar
medium. This means that the s—yields from massive stars must be calculated by
performing an integration over the Initial Mass Function of the contributions of a
whole stellar generation. In order to estimate these yields, we assumed a Simple
Model for the galactic chemical evolution, and required the solar abundance of **O
to be reproduced, since oxygen is synthesized in massive stars in the same region as
the s—isotopes. The calculation is performed in a scenario where stars more massive
than 50 Mg eject s—processed material only through stellar wind, while their cores
collapse into black holes. This picture seems to be reliable according to the most
recent observational works.

But the isotopes in the atomic mass range we are considering are also contributed
by the s—process occurring in thermally pulsing AGB stars of low mass (which are
responsible for the main component), and marginally by the p-process. When all the
production mechanisms are included, we found that the solar—system distribution
of s—isotopes is fairly reproduced, with an error which is largely explained by the
uncertainties affecting the stellar models as well as the nuclear inputs. Hence we
could conclude that, under the assumptions we made, s—processing in massive stars
is suitable to completely account for the weak component.

The alternative picture, where stars with mass greater than 50 My are allowed
to successfully explode as supernovae, thus heavily contributing to the chemical
enrichment of oxygen, leads to strong overproductions of the s-only isotopes in the
atomic range 70-90 and must be discarded. In this sense, the s—process occurring
in massive stars proves to be a useful tool to put constraints on the way the Galaxy
has become metal rich.

We then investigated the process of nucleosynthesis occurring in massive stars
of different metallicities, for the elements affected by the weak s—component. We
found that a secondary origin for them is expected down to [Fe/H]~-2, when the
enhancement for the so—called o —nuclei is assumed to increase linearly in the disc
and to remain flat at [a /Fe]=0.3 in the halo. For lower metallicities, the efficiency
of the s—process sharply falls, due to the increasing strenght of the primary neutron
poisons. The possibility of a higher neutron—capture cross section of *0, within
a factor of 10 than currently assumed, would decrease even more the contribution
from the s—process by massive stars in the halo, while preserving the secondary-like
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behavior of the s—nuclei in the disc.

An observational check is not easy to undertake, since there is not a detectable
element whose production is mainly ascribable to s—processing in ‘massive stars.
In fact, we have to distinguish among several nucleosynthetic mechanisms which
must be responsible for the production of elements from Fe to Zr. Our predictions
account satisfactorily for the observed trends, when the r~process is considered to
be primary, and ascribed to type II supernovae, more likely of the lower mass range

Finally, we presented some preliminary results for the chemical evolution of Cu
and Zn, obtained with a detailed model for the chemical evolution of the Galaxy.

Many sources of uncertainty are still present in the kind of analysis we per-
formed, chiefly related to the stellar models and to the input nuclear parameters.
Presupernova models of different metallicities are missing; the models available
show differences related to the particular evolutionary code that is used. As for
the nuclear data, various neutron-capture cross sections are still poorly known. In
particular, in the atomic mass region between Fe and Zr, cross sections are typically
not known better than 10 %, while those characterizing unstable nuclei at branching
points along the s—path are mainly calculated theoretically, with an uncertainty of
50 %. Moreover, the *C(c,v)'®0 reaction rate is still given within a factor of 2,
while that of ?*Ne(a,n)**Mg is affected by a large error at the low temperatures we
are dealing with.

The way how carbon shell burning operates in stars of different masses needs
further investigation too, and the amount by which the nucleosynthesis that occurs
during the SN shock wave affects the results of hydrostatic He and C burning phases
must be better defined, especially for the less massive stars, with M<20 M .

More refined computations of s—processing in massive stars, introducing recent
improvements for the neutron capture cross sections of many isotopes, with a more
complete analysis of ¢ # 1/v trends, and a better estimate of the beta decay rates
at the temperature typical for C burning are in progress.
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The main results that I have obtained while working at this thesis have been
already published, or are in course of publication. A list of the papers follows:

* Raiteri, C.M., Busso, M., Gallino, R., Picchio, G., and Pulone, L.: 1991,
”s—Process Nucleosynthesis in Massive Stars and the Weak Component. I.
Evolution and Neutron Captures in a 25 Mg Star.,”, Ap. J. 367, 228.

e Raiteri, C.M., Busso, M., Gallino, R., Picchio, G.: 1991, ”s—Process Nucle-
osynthesis in Massive Stars and the Weak Component. II. Carbon Burning
and Galactic Enrichment”, Ap. J. 371, 665.

e Raiteri, C.M., Gallino, R., and Busso, M.: 1991,”s—Processing in Massive
Stars as a Function of Metallicity and Interpretation of Observational Trends”,
Ap. J., submitted.

e Raiteri, C.M., Busso, M., Gallino, R., Picchio, G., and Pulone, L.: 1990,
"s—Process in Massive Stars and the Weak Component”, Proceedings of the
Elba Workshop on Chemical and Dynamical Evolution of Galazies, Marciana
Marina, 3-13 September 1989, F. Ferrini, J. Franco, F. Matteucci (eds.), ETS,
Pisa, p. 302-308.

e Raiteri, C.M., Busso, M., Gallino, R., and Picchio, G.: 1990, ”Variations
in the **C(a,7)'°0 and **Ne(a,n)**Mg Reaction Rates and Their Conse-
quences on the Stellar s—Process Nucleosynthesis”, in "Nucles in the Cosmos”,
Baden/Vienna, 18-22 June 1990, p.281.

e Raiteri, C.M., Busso, M., Gallino, R., and Picchio, G. 1990, ”s—process Yields
from Type II Supernovae: Contributions to the Solar Composition from Iron
to Zirconium”, in "SN19874 and Other Supernovae”, Elba Workshp, Mar-
ciana Marina, 17-22 September 1990, in press.

o Raiteri, C.M., Gallino, R., and Busso, M.: ~1991, "Galactic Enrichment of
s-isotopes up to Zr”, MPA Yellow Reports of the VI Workshop on ”Nuclear
Astrophysics”, Ringberg Castle (Germany), February 19-22, 1991, in press.
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