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Preface

In the last two decades there has been considerable progress in the theoret-

ical understanding of the protostar phase in the star formation processes.

Model computations of the hydrodynamic evolution of protostars allow to
obtain evolutionary tracks of protostars (see e.g. Appenzeller and Tscharnuter,
1975). According to these computation the low mass protostars should appear
in the same general region of the HR-diagram where the T Tauri variables are
observed. T Tauri stars are very young objects in which matter is probably still
infalling and also being ejected from the stellar surface. Most authors suggest

that these objects are the protostars predicted by the theoretical computations.

In order to learn more about the final stages of the formation and the very
early stages of the evolution of the low mass stars we have started to study a
sample of T Tauri stars in the Chamaeleon 1 and Chamaeleon 2 dark clouds. In
particular, in the present work we will study the spectral classification problem
for these stars. In a previous study (Franchini et al. 1988) we have derived
the projected rotational velocities, v * sin¢, for the same sample of stars. In
order to locate in the HR diagram the studied stars and thus interpret their
evolutionary state, one has to know both bolometric luminosity and effective
temperature. The spectral classification that we want to obtain will give us
mostly informations on the effective temperatures; luminosity estimates must
be obtained by other methods. Still, as we will see, the Ty determination is a

very complex task.

We have used échelle spectra'obtained with the CASPEC spectrograph

attached at the 3.6 m ESO telescope. A large fraction of this study concerns
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the data reduction. Thus the analysis described in the last chapter of the thesis
is only preliminar and some of the results have to be completed and checked.
In the first chapter we make a brief review of the T Tauri stars in order to
introduce these objects on the basis of published observational and theoretical
studies. In Chapter II we will treat a particular aspect of the T Tauri stars
which is directly related to the classification problem : the activity of T Tauri
stars and its origin. In Chapter III we describe the data reduction procedures
adopted and in Chapter IV we describe the spectral classification criteria that

we have used and give the indications for future work.



CHAPTER I

Pre-Main Sequence Stars: T Tauri Stars

§1.1 Introduction

According to various recent catalogues (Herbig and Rao 1972, Cohen and
Kuhi 1979, Appenzéller et al. 1983, Finkenzeller and Mundt 1984) we know at
least 600 stars which are so young that energetically significant nuclear reaction
have not yet started in their interior. These stars derive all or most of their
luminosity from the compressional heating of a slow quasistatic gravitational

contraction (e.g. Appenzeller, 1980).

Today these “contracting” or “pre-main sequence” (PMS) stars are usually
divided into three distinct subgroups:
1. T Taurt stars - contracting stars with M /Mg < 35
2. Herbig - Ae - Be stars: contracting stars of 4 < M/Mo <T
3. post - T Tauri stars (PTT): M/M_ < 3 which are in an evolutionary state

between the T Tauri and the main sequence stars.

T Tauri stars and PTT are well recognized as PMS star by the presence of at-
mospheric lithium (which is destroyed when the star reaches the main sequence),
by their location in HR diagram and by their association with dense molecular
clouds where very young OB stars, IR sources, H,O masers, and other signs of

recent or ongoing star formation.

The identification of Herbig — Ae — Be stars (which are the more massive
than the PMS) is more difficult because the lithium criterion cannot be applied.
Strom et al. (1972) and Finkenzeller and Mundt (1984) demonstrate by the
presence of circumstellar dust and other observational characteristics that these

objects are contracting stars too.



All known or suspected contracting stars have relatively low masses: M /M <
7. This observational results is in good agreement with theoretical calculations

which indicate that the contracting star should occur only if

tKH > tacc

where tg g is the Kelvin-Helmoltz time scale and t,.. is the hydrodinamic ac-
cretion time scale which is of the order of or longer than the free-fall time scale

t¢r (as defined e.g. in Appenzeller, 1980 and Spitzer, 1968)

Since txg ~ M™3, and t5¢ depends only on the initial density but not on the

mass the condition:

lkg >t5y [1.1]

is obtained only for low mass stars.

In massive stars where

tgg <tff [1.2}

the nuclear reactions start already in the hydrostatic cores of the hydrodynam-
ically collapsing protostars. Then, these massive protostars arrive to the main
sequence without a quasistatic contraction phase: they are not caracterized by

the so called pre-main sequence phase.

We will discuss in this chapter the largest subgroup of the known contracting

stars: the T Taurs stars.

The T Tauri stars show a large variety of spectral peculiarities and variability.
They are relatively faint; the brightest has magnitude 10; most of the T Tauri
stars are fainter than 12th magnitude. High quality observations are required
in order to understand their charactericts. In the last few years, due to the
possibilities of the modern instruments and the availability of sophysticated
data reduction packages this has been done. As a result a coherent picture is

emerging, although many major problems are still unsolved.
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There are recent reviews to consult (e.g. Kuhi, 1983, Cohen 1984, Bertout
1984, Appenzeller 1985, Cohen 1988, Shu et al. 1988). In this chapter, we will
try to give a general description of these objects in order have a general idea of

the recent developments in this field.

§1.2 Spectroscopic Characteristics

There is little doubt today that T Tauri stars are young stellar objects of age

from 10° to 107 years.

Herbig (1962) gave the classification criteria of T Tauri stars on the basis of
their spectroscopic caracteristics. According to him the T Tauri stars display
G, K, M, subgiants optical absorption spectrum superimposed by H, emission
and other emission lines. Subsequently Walker (1972) showed that they display
an infrared excess relative to their main sequence counterparts, and Giampapa
(1984) showed that the ultraviolet line fluxes are up by a factor 10 with re-
spect to the corresponding fluxes in the Sun. X-ray luminosities of a factor 103
larger than the solar luminosities were measured by Gahm (1980), Feigelson and

DeCampli (1981).

Other characteristics of the T Tauri stars are:

1. close association with dark clouds which leads to their identification with
stars on pre-main sequence tracks which have recently become visible;

2. clear signs of mass loss and, in some cases of mass infall;

3. photometric variability with irregular light changes up to a few magnitudes
and sometimes regular photometric modulation;

4. line spectrum variability, particularly in the stronger absorption lines and

emission lines, with time-scales from minutes to years.

Most of the T Tauri stars have a classificable photospheric spectrum (Cohen
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and Kuhi 1979). They are K or M stars, as espected from their position in the
H-R diagram.

A closer inspection of the absorption line spectrum often reveals some abnor-
malities, especially in the stronger lines. In addition, the photospheric spectrum
may be “filled in” by an apparently external source of continuum light, which
acts differentially in the stronger and the weaker lines. This is what would be

expected if the upper photosphere were a “hot chromosphere”.

The lines which are classically ascribed to the chromosphere and transition
region tend to show strong emission. These lines are the H and K Call resonance
lines (Fig. 1.2), the CaIvinfrared triplet lines, and the h and k Mg II resonance
lines (Fig. 1.3). Other strong optical lines are seen in emission in the more active
stars, including Nal, Mgl, Hel, Fel and Fell, and others. To ascribe all these
lines to classical stellar activity is an oversimplification. In particular, some of
these lines also show narrow Doppler shifted components and the widths and
shapes of these lines sometimes are quite different than would be expected from

a classical active stellar chromosphere.

The Balmer lines are often found in emission, H, is usually particularly

intense.

H, is the best studied feature of T Tauri spectra. The profile of this line
can be very different: symmetric, asymmetric, double peaked with absorption
components, etc. Fig. 1.4 shows some examples of H, profiles taken from our
sample. It is usually the most prominent feature in the spectrum, with emission
equivalent widths sometimes as high as 1004 (typically ~ 10711 erg-em=2 .51
for a star with V' = 10.5) or more. The profile extends over several hundred
km/s on both sides of line center. The higher Balmer lines can be in absorption,
even when H, is reasonably strong. All the Balmer lines can be variable. The

higher Balmer lines sometimes show inverse P Cygni profiles. An individual star
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can display a variety of profile types.

The photospheric spectrum of these stars ranges from almost normal to com-
pletely absent (Fig. 1.1). The latter spectrum is that of the so called ”extreme”
T Tauri star caracterized by a anomalous activity compared to main sequence
stars and the other “normal” T Tauri stars. It seems that the photospheric lines
weéken as though an extra source of continuum light were present. This extra
continuum is stronger in the blu part of the spectrum and is caracterized by the
fact that the lines which are t}{e strongest in a normal star tend to fill in faster
than the weak line (see section 2.2). These two effects are called blue veiling and
differential veiling respectively. The blue veiling can be seen seen at increasingly
long wavelengths in the extreme stars. Eventually the absorption lines are com-
pletely masked. For this reason it could be difficult to assign a spectral type to
the underlying star by using the photospheric spectrum. (e.g. Cohen and Kuhi,
1979, Vogel and Kuhi, 1981, Finkenzeller and Basri, 1985, etc).

This aspect of the activity of the T Tauri stars is particularly important for
the present work. We will treat more accurately this point and we will present
some of the accepted interpretations of the “veiling” problem. We note, however,

that many questions are still open.

In the IUE spectral range lines (e.g. CII, CIV, Sill, SiIV, OI etc.) are often
found strongly in emission. The observed value for the UV line fluxes is of the
order of 10 times the solar value. But the lines corresponding to the highest
temperature diagnostic (e.g. NV which corresponds to about 2 - 10° K) are
weak or even absent in the strongest H, emitters or where there is evidence of
strong winds. Thus it is thought that mass loss could explain the lack of high
temperature UV lines: the maximum temperature in the outer atmosphere does

not reach coronal values. The available energy goes into driving a strong wind.
The UV spectrum (after dereddening) tends to show an excess compared
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to inactive main sequence stars. This will be treated with more accuracy in
Chapter II where we will present the observational evidences and some of the

possible interpretations.

Observations with the Einstein satellite in X-rays have shown that at least
in a number of TTS, the atmospheric gas reaches temperatures of order 10°K
(Gahm 1980, Feigelson and De Campli 1981, Walter and Kuhi 1981). In those
stars for which X-rays have been detected, the observations imply that the

extension of the corona is small compared to the stellar radius.

Bouvier and Bertout (1985) found that the ratio of X-ray flux to Call K line
flux and the rotation period is related (Fig. 1.6). Although the sample used by
Bertout and Bouvier was too small, and the uncertainties in the fluxes too large

they noted a trend toward higher activity at shorter rotation periods.

Mendoza (1966) discovered that many T Tauri stars have strong “excess”
radiation in the 1 — 3 u region. The continuous emission rises well above the
value expected from fitting a normal spectral energy distribution to the visual
part of the spectrum. Mendoza proposed a model in which this excess arises in an
optically thick circumstellar (CS) dust shell. The recent studies have confermed

this idea.

In order to summarize the overall picture which is emerging, Basri (1987)
has arranged the T Tauri stars into several distinct classes. Table 1.1 reports
the observational properties of these classes and Table 1.2 gives the underlying
physical motivations for the class distinctions. As Basri says - the T Tauri stars
are very iconoclastic and many exceptions to most statements can be found, so

the tables above should not be taken too literally.

Basically, the proposed model is that the newly emerging stars themselves
have fairly normal, deep photospheres covered with very strong magnetic stellar

activity. As one moves to the more active classes, one begins perhaps to see
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increasing amounts of circumstellar material arranged primarily into bipolar
outflows and equatorial disks. As the disks becéme more prevalent, one moves
from the regime of “passive” (namely a disk which merely reprocesses the stellar
light) orbiting material to continuing accretion into the star through the disk
(section 2.2.3). As the accretion rate increases, the luminosity of the disk and
its accompanying boundary layer (where the disk meets the stars) begins to
overwhelm the stellar spectrum. First the disk appears in the infrared, then it
begins to dominate the emission lines and the UV and blue region. In the most
extreme cases, the star is no longer visible and all the light comes from the disk,

boundary layer, and outflow regions.

So far, it is evident how the different physical regions and processes contribute
to make the T Tauri phenomenon very complicate. In order to understand
this, it is necessary to identify the processes which are operative on a given
stars and to be able to separate their various effects in the spectrum. All this
requires observations in the optical, infrared, and ultraviolet spectral regions
which include both the overall continuum distribution and detailed line profiles.
Even more, due to the variability, it is desirable to obtain all the data at the
same time. The possibly to obtain this one has greatly increased these last years
with the advent of the large telescopes, the échelle spectrometer, the efficient

CCD detectors.

81.3 The Evolutionary State and Ages of the T Tauri Stars

Usually it is possible to determine the evolutionary state and age of an in-
dividual star by locating the star into H-R diagram, namely by comparing the
effective temperature and the bolometric luminosity observed with the corre-

sponding theoretical values obtained with the evolutionary model computations.
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But, even if the procedure is usually accepted for the most phases of stellar evo-
lution, in the case of contracting stars this procedure has been criticized, since
neither the “observed” stellar parameters neither theoretical models of PMS

objects appear to be reliable.

The surface temperature of stars are normally determinated by a quantita-
tive analysis of the photospheric absorption spectra by comparing it with the
spectrum of a “standard star” of known photospheric temperature. But for the
“veiling” problem (Chapter II and IV) a comparison with standard absorption
spectra may be misleading. In second place the spectral type is usually con-
verted into effective temperature by using a temperature scale appropriate to

main sequence stars of luminosity class V (Cohen and Kuhi, 1979).

In order to obtain the bolometric luminosity we must integrate the emitted
radiation over a wide range wavelengths. Due to the variabitity of these stars
we should have all the data obtained simultaneusly at the same time. Usually
this is not possible. Moreover, for the T Tauri stars the meaning of “stellar
luminosity” is a bit subtle due to the presence of extended envelopes or disks

(section 2.3).

On the other hand from a theoretical point of view the evolutionary tracks
for PMS stars are not fully reliable. In fact they depend on the initial condition.
Unfortunately relatively little is known on these initial conditions and all pub-
lished conventional PMS computation are based on arbitrarily assumed initial
models. In addition there are unexplained discrepancies between the computa-
tional results obtained for similar initial conditions by different authors. This is
illustrated by Fig. 1.7 where computed (hydrodynamic) evolutionary tracks are
compared. All the tracks assume that rotation and magnetic effects are negligi-
ble and all start from qualitatively similar initial conditions. While the tracks
labeled AT and SST agree resonably well in the L—T. 7 f range characterizing the

T Tauri stars, the computations of WN resulted in considerably higher effective
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temperature during the T Tauri stage. These discrepancies seems due to a subtle
differences in the radiative transfer approximation during the earlier hydrody-
namic phases. All the published models use crude approximations during the
hydrodynamic phase so that none of these models may realistic. Furthermore,
neglecting the effects of the magnetic fields alone may result in drastic changes

of the evolutionary tracks.

Due to uncertainties discussed above, evolutionary ages and mass values de-
rived from HR didgrams of T Tauri associations remain unreliable and may
be affected by large systematic errors. In Fig. 1.8 the H-R diagram of the
Taurus-Auriga stars of the Taurus-Auriga complex and the approximate PMS
evolutionary tracks are also included. From this figure it is possible to see that
small uncertainties on the bolometric luminosities produce a small effect on the
mass estimate for most stars in Taurus-Auriga since they lie on the convective
(almost vertical) tracks. However, small errors in temperature can move stars
from one convective track to another. It is, therefore better to use the derived
masses and ages for statistical purposes. Ages have even more problems than
masses. By considering Fig. 1.9, typically T Tauri stars can be caracterized as
roughly 1 M, age between a few 10° and 10° yr (in Taurus-Auriga). However,
Stahler (1983) has shown that these ages tend to be significant understimated
of the age of the youngest stars and that one should augment these ages by the

duration of accretion phase.

We have pointed out only few of the several problems unsolved about the
evolutionary state of the T Tauri stars; in order to improve this situation, more
accurate theoretical models of the atmospheres and the interior of contracting

stars are nedeed.

These improved models must include the effects of the T Tauri chromo-

spheres, surface magnetic fields, and rotation.

11



urumey

*70%-8T ©3 dn "181< 181 > i B [=30%
y3Liq z1303ds S[2A9] "TeA §590X3
‘oura1gxa 9e[j auios ‘sadols ‘Iea Jy31s
a10W §530X3 118 ‘538590Xa JeuoIsIE20 [euLIou parerjuj
paaiasqo i poaIesqo sarep 8uoijs sarep Buoijs
I2M3J IoM3J 9BUOIOD JUIOE ‘[eu0IO0D [euoi0d sfe1-y
s|qeLIeA s[qeLIeA ("rea) yo< "mba yg >
“sduwios peorq ‘s3uim "wifse ‘BqR JIm "Wie UOISSTUId Heam
Buoxys L1ea Ispeoiq ‘uifse ‘peoiq I0 ul pa[[y [euriou oH
210w §590X3 2IOW U2AD sIejs "G ‘Juod pue
Pu® ¢ SHJ ‘JuU0> ppe 10 T SN 998 0 SINd 395  aarjde ayI| saul] AN
OH 91| ’ ‘ws uifse ‘dwos peoiq uolssiua “wAs UOTISSTUId
uoIsSIuIa proiq [euUOIsTRID0 molreu  dujauruifs
proaq L1sA A13sow snjd 8uoxys MOLIRU II &0
papiaa Burprea 3urpry auy ut pally saul]
i Ay {(291) °nyq [e1IUBIBYIP saurf 3uoiys jewiou -diosqy
¥ SNd € SWNd ¢ SHd I SNd 0 SINd

§1e1S 20UdNbag UIRA[-a1J JO SOIISLIBLORIRY)) [EUOIIRAIOSAQ :T'T S[qEL

12



101331 $SO| §SBUI PIPUIIXI [ropeyn

() s99f ‘syoafqo HY ‘smop rejodiq o)
1 SN Sunjsew ysip 3AIPY £1T4S WNNUTJUOY) ¥ SINA

*707 = 1 ~ *heq [umop) Buruaag

smoy (jacjodiq) Buoiys (SLL
ASIp 21T + T SN SLL teisse(d £ SNd

161> [s0g Butyreg

§so] ssewr Juoi)s (s11
ysip aatssed + T SN unTy, L ¢ SWd

(3snp queuusal) wmmo_ 10

§S0] SSEUI 2JeIIPOUI 0F MO] 231130y

TUOIOD “"SOLIOIYD JAIIE JIOUL (SLIN
YOTI] BAIJIIAUOD UO une], I, payeN 1 SINd

dn Suruuids [,1no paddass gsuf,

- U010 ‘sreydsouwtoryd aalpoe (sT1d
}orI) 2AljRIpRI une], T, 9s0d 0 SINd

£1}S1Ia)OR IR [qren

Sutuga(g ("a1qvy
[eosAydg swe N ssT[D)

sielg eouanbag UIBJA[-9IJ JO UOIIRIYISSB[D[EISAYJ :Z'T °[qBL

13



1

T 4
51 RWAUR | 'Z | { [M\MM/\MM
| ' ,: A
! " | n ol
2 \/\ 'Uk\/\wf WV\”MMWW m 1
v’\% PN

_35

T ) TMJL/L ft\/ N ALY
. lf - : MW)[/\H g |
I -
! I 3

h

S N S N B RN

J—

Av

voiNwL

,
1
W
N

—0—+ N o\

FV CEP o T 528
4 M
) .—_4 /’J'/\,\/WJ /" \M./"’M | {24
. 2 // | _ Y A i
0 _L w DU SV /\ﬂ\//\f{’\/\ . 20

I
O
I\
é

o1 V536 AQL \W e1CYGB |

81 m“vmwwmf 18
44 /ﬂf 44

1 1 1 ! | 1 ]
4200 4400 4600 4800 5000 5200 5400 5600 5800 6000 6200 6400 6600 6800A

N o

Fig. 1.1: A sequence of K7 photospheres (surface temperature 4000 K) beginning
with the normal star 61 Cyg B, showing the effect of increasing emission
lines upon the underlying stellar absorption features. The continuum star
RW Aur completes the sequence, although no photospheric type can be
assigned. The absorption near 50004 is not photospheric; it arises from
circumstellar cool neutral sodium gas (Cohen and Kuhi, 1979).

14



L AL ] R LB ‘ 1 ¥ ¥ ¥ l B ] L ] l T T T T l T T T I‘E

N Oct. 19.4, 1981 -

1000 p— ]

(%] — =

- - —
=z

2 -~ -

o - i

© = o~

500 - —

= 100kmAs ]

P ,-——' -

s 1 1 J - l " ) 1 l I3 ' L 1 i 1 l 1 1 3 L I o, 1 1 r

3928. 3 ’ 3933.3 3938.3
T 1 L) ‘ L] ¥ ¥ 1] I T 1 T 1] ] i ¥ T 1 ¥ ¥ I T 1 i

- UZ Tauk CG IIK 5

288 |~ Oct 195, 1981 —

158 | _

) 5 7

2 L .

=z . -
b

o o -

© 1p8 - ]

S8 | ]

Fig. 1.2: Line profile of the Call K hne of the T Tau, UZ Tau E. The 1nterstellar
absorption is indicated by “

15



Fig. 1.3:

—~
| v
ol G'W ORIONIS
12.0 + | i
[ November 1980
n
fl\l 9.0 4
L E
@]
6.0 4
0
o
o
O]
~ 3.0 F 4
X ) .
- A
T oo v (R 1
| ! !

15.0 [ , ' [

2780 2790 2800 2810 2820

WAVELENGTH ( A )

MglI h and k line profiles for the T Tauri star GW Ori. Observed fluxes are
given, in units of 107'% erg em™? s—! A~1. The lines are broad, and each
emission component is cut by a narrow absorption component. The other
small, narrow spikes are noise (Catherine et al., 1986).

16



Intensity (1@#*%3 FLUXD

Intensity (10%*3 FLUX)

80, 60

g [ T T T 7 T T T | T
g i

s —
S}

m_

L 5z 24 .
© [ _
5]
®
%;— —
R ! \\

o -
I}
= ;
P ]
®
5
\x\/\m ~
R B R R R
=, 570 &, 5208
T MAVELENGTHY >
[T I I S R I B N A B B A ]
Sz 3E& i
L a\
JI’\
b J‘{‘ —
|
i
. | \ i
I
| t {

L | |
Ia
sl t
<+

{
L // .
i - \,

F ..Jt_\_m\rﬂst\’ T e
@

g ]

oy -

¢ |
R BN R T B ! b
540 £.259 2. 560 . 570 . 558

&5 Position C1o#¥#23 UARUELENGTH?

7 171 T T T | I 1T 1T
S_ -
—~_ -~
e oz C ]
<
[
© [ .
~ I -
x
3
I o ~
L
®
%) g . —
¥ @ ©
% 0©
® <L .
z
n . -
o
W
= - o
[
o
c ofF ]
= ®
®
S ]
IS
oL ]
®_ _____/_J/ —
@
& —
® ‘ | | N N l S N 1 1 L1
6. 540 €. 359 S. SER 6. 579 €. 580
Position (10%%3 WRUELENGTHD
| ! T T T I T 1T l 1 177
. Sz 19 4
©
®
®| ]
S
53]
~
x
=
3 - .
o
]
* - -
b3
g
7 e
L8
nw S -
c .
$ 9
c N n
i
_—"“‘\/\J‘—\k/—\._—w-—‘/\,x o
®
IS)
& ]
©
RN N N NN N S N NN N SNV NN NN N
6. 548 6. 558 5. 560 S, 579 5. 580
Position (10%%3 WRAVELENGTH)>

Fig. 1.4: H, lines proﬁies of our sample.

17



3500 o .
fa3 .
2
Z zsee -
Mg”
) S'Snlﬂ : W
2100 o g‘; Snllv C}V X [ { ,J‘VH

106 - MH'IN\; u J :"ﬂ""ﬂ Mﬁ _

™

T T T
IR NN tepe 2100 20 2100 3000

MAYELENGTH (8)
FLUX IS IN ERGS/CH/CH/S/R =10we-16

Fig. 1.5a: IUE low dispersion spectrum of the T Tauri star RU Lupi. The spectrum
is a combination of short and long wavelength spectra (Catherine et al.,

1986).
AR PUR 510008 L L9312
3008 o |
« mg
Z 2400 :
1809 |
1200 |
s ch f\]
.s' n‘n “s‘ “‘“ ‘ }) ‘)‘V‘Wﬁrﬂc‘fﬂlﬁ~
cee ,
st
I O

T

T
1800 isce 2188 21o0 Joco

HAYILLEKCTH IR}
FLUX 1S IN ERCS/CR/CHIS/R miOme-16

Fig. 1.56: IUE low dispersion spectrum of the T Tauri star RW Aur. The spectrum
is a combination of short and long wavelength spectra. The position of the
main emission lines is given. Note the weakness of the emission features in
RW Aur when compared with RU Lupi (Catherine et al., 1986).

18



Jnn

"L +R29

FK 2

-

G

ON R 44
[ ) ’
‘_+_‘ |= 6

gp -

""_

W I’ )
‘ OF 7
i { i
1 1.2

i 1

1.4 1.8

0.4 0.6 0.8
tog(P)

Fig. 1.6: Ratio of X-ray flux to Call flux versus rotation period for T Tauri stars.

UL, L1551 1§55
A

G— Teff

Fig. 1.7: Computed 1 M evolutionary tracks in an H-R diagram. The tracks labeled
SST, WN, and AT are taken from Stahler et al. (1980), Winkler et al.
(1980), Appenzeller et al. (1975), respectively. (In the case of the SST
track the section 4-10% < tefpp < 3- 10% K is assumed to be very short-lived

and unosservable).
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Fig. 1.8: The H-R diagram for stars in the Taurus—Auriga dark clouds. A series of
convective-radiative evolutionary tracks are also shown. Filled circles, stars
observed in the infrared region. Crosses, stars observed only in the optical

region. Their true bolometric luminosities will exceed the values plotted
(Cohen and Kuhi, 1979).
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Fig. 1.9: Interpretive H-R diagram for Fig. 1.8. Shown are lines of constant radius,
isochrones, convective-radiative tracks for stars of different mass, and error
bars in log T for tipical stars of different spectral type (Cohen and Kubhi,
1979).



CHAPTER I

The T Tauri Phenomenon: The Veiling Problem

§2.1 Observational Evidences of Veiling

In section 1.2 we have seen which are the main spectroscopic caracteristics
of the T Tauri stars. The absorption spectrum is characteristic of K~M main se-
quence stars and the emission spectrum is dominated by Fell emissions. Indeed,
as seen in Fig. 1.1, it is perfectly possible for the emission lines to mask com-
pletely any absorption lines, at least at low to moderate spectral resolution. In
some cases, even at high-dispersion we fail to get evidence of absorption features.
There is a continuous range of spectra between pure absorption line spectrum
and emission dominated spectrum. This is in essence the “vetling” problem for
the T Tauri stars. As we have seen before it produces two effects:

a) the blue veiling, i.e. a stronger continuum in the blue part of the spectrum;
b) differential veiling, which makes the lines which are strongest in a dwarf star

to fill in faster than the weak lines.

2.1.1 Blue Veiling

The veiling of T Tauri spectra was described by Joy as apparently due to an
overlying continuous emission which fills in the photospheric absorption features
in the blue (A < 5000A) spectral region. Herbig (1962) discusses two compo-
nents of this emission continuum: the component noted by Joy and a strong
ultraviolet (A < 38004) continuum component. Kuhi (1970) shows (from scan-
ner observations) that the ultraviolet continuum very likely arises from Balmer
continuum emission and from the crowding of the Balmer emission lines near the

series limit. Fig. 2.1q,b illustrate the spectral energy distribution (including the
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emission lines) for several stars all classified as having the same spectral type.
(Kuhi 1974). A standard G5 V star is included for comparison. The continu-
ous energy distributions does indeed resemble that of a normal dwarf except for
those stars having a strong emission line spectrum (e.g. RW Aur and DG Tau).
A strong excess radiation is evident shortward of A ~ 45004 as well. The rich
emission-line spectrum makes it very difficult fo say exactly how much of the
flux measured at a supposed continuum wavelength is really due to emission-
lines. Despite the “blueness” of the emission continuum, there is no preferred
wavelength which defines the onset of veiling. Rather, the perceptible veiling
may, in some cases, be restricted to the blue. In the other cases it extends well
beyond 5000A. These data strongly suggest that the observed spectrum of a
typical T Tauri star is the sum of a photospheric spectrum of a late type star
and an emission continuum bluer than the photosphere. The contribution of the
emission continuum relative to the photospheric continuum spans over a wide

range of values.

The nature of the ultraviolet and blue continuous emission can be seen more
clearly if we subtract the spectral energy distribution of a standard star from
that of the T Tauri star of the same spectral type (Kuhi, 1974). With such
a subtraction we make the assumption that the region producing the excess
continuous emission is optically thin to the underlying photosperic radiation.
If the emission is produced in a large envelope, this is very likely to be the
case. However, if it is produced in a chromosphere, then it has, very likely,
optical depth greater than one; thus the subtraction can only give an indication
of the peculiarities of the T Tauri spectrum. Fig. 2.2 shows the results of the
subtraction in four different spectral observations of DG Tau, a star with a

considerable ultraviolet excess.

On the optically thin assumption, a temperature of the emitting region can

be computed from the ratio of the flux differences at A3320 and 23620 between
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the T Tauri and the standard star assuming that the emission is free-bound
(level 2). Such temperatures are all in excess of ~ 50000K. Viceversa on the
optically thick assumption, all the radiation comes from this region (i.e. none
from the photosphere) and the temperature derived from the ratio of the flux at
A3320 and A3620 typically ranges from 7750 to 8710K. These values are clearly
lower limits for the temperature of the emitting region, since the optical depth

is probably not inﬁnitély large.

The strength of the ultraviolet and blue veiling emission correlates positively
with the emission line'strengtli. Qualitative confirmation of the correlation be-
tween the ultraviolet continuum flux and H,, is provided by the spectrum scanner
observations of Kuhi (1974). He uses the dereddered continuum fluxes Fy3g20
and the H, fluxes to illustrate this point (Fig. 2.3). The flux at 23620 will be
predominantly the excess ultraviolet radiation for those stars with large emission
and primarily the photospheric radiation for those stars with very little emis-
sion. A correlation between Fy3ggo and F(H,) exists, but there is a great deal
of scatter. The same correlation between H, strength and the blue veiling emis-
sion is demostrated also in Fig. 2.4 where Rydgren (1976) presents histograms
illustrating the distribution of observed H, equivalent widths for the T Tauri
stars located in the Taurus and g Oph clouds. The H, equivalent widths are
mean values computed from the spectrum scanner observations of Kuhi (1974).
The atched regions in these histograms indicate the stars with strong blue veil-
ing (no blue photosperic absorption features). It appears that spectral veiling
just sufficient to hide the blue part of the photospheric spectrum corresponds
to a particolare H, equivalent width. These data strongly implies a close con-
nection between the origin of H, emission and the ultraviolet emission: Balmer

free-bound emission is the obvious suggestion.

Many T Tauri stars show a discontinuous increase in their spectral energy

distributions just shortward of the Balmer limit. This feature is apparent in
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Kuhi’s (1974) spectrum scanner observations and more dramatically in Rydgren
et al. (1976) spectra. For those stars, it is certain that the ultraviolet emission

arises from Balmer continuum radiation.

The evidence presented above indicate that the ultraviolet continuum results
from Balmer continuum emission together with unresolved Balmer line emission
near the series limit, and that the blue veiling is due to a related continuous
emission process with a spectral distribution somewhat bluer than a late-type
photosphere. It is extremely tempting to identify the blue veiling with Paschen
continuum emission. The B-V color of optically thin Paschen continuum emis-
sion from a hot gas is on the order of 0.5 mag; this is fully compatible with
the observed properties of the blue veiling. This leads Rydgren et al. (1976) to
the following working hypotesis: the veiling emission observed in T Taur: spec-
tra ts free-bound and free-free hydrogen continuous emission from a hot ionized

envelope surrounding the star.

2.1.2 Differential Veiling

We said that the photospheric absorption features of T Tauri stars are often
much weaker (or “veiled”) than in the standard stars with same spectral type.
But as illustrated by Fig. 2.5, in the standard stars only the weak lines occur
in absorption, while the strong lines appear affected by chromospheric emission
(e.g. Cram 1979). The photospheric absorption spectra of the weak-emission
T Tauri stars usually appear normal. In most cases the spectrum in the blue
spectral range gives higher value of T,f; than the red spectrum. This effect
is illustrated in Fig. 2.6 where Appenzeller (1985) compares two sections of
the spectrum of the mild T Tauri or PTT star ROX 3 with the spectra of
standard stars of known effective temperature. It is possible see that ROX 3,

discovered by Montmerle et al. (1983) as an X-ray emitter, shows only very
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little chromospheric emission. In fact, H, is the only (weak) emission line. On

the other hand, the great strength of the Li I resonance blend clearly proves the
PMS character of ROX3.

As shown in Fig. 2.6 the strength of the ground-state lines of Cal and Crl
relative to the G-band and the Fel lines and other criteria which are usually
used in the blue spectral range indicate for ROX 3 a spectral type near K4
and definitively earlier than K9. On the other hand, the TiO bands in the
red part of the spectrum are much stronger than in the K4 star and have a
measured strength which is in close agreement with the corresponding values in
MO standard. Hence even in this marginal T Tauri star the effective temperature

values derived from blue and red classification spectra differ by as much as 660

K or 15%.

82.2 The Origine of the Veiling

Whatever causes the “T Tauri phenomenon”, its manifest effect upon the
optical spectrum is to produce emission in spectral lines that, in normal stars of

the same photospheric temperature, would be purely in absorption.

There has been, and still is, a good deal of controvery in the literature as to
the nature of this masking of absorptions features; one asks if this is due solely
to emission at specific line wavelengths or if it represent “veiling” by a genuine

continuum.

The opinion is that the emissions described above are due to a possible con-
tamination of continuum emission from the atmospheric layers overlying the

photosphere (maybe a chromosphere or a circumstellar envelope).

Several authors (e.g. Appenzeller, 1983; Kuhi, 1983) discuss how the presence of
this extra continuum could produce this “veiling” of the photospheric absorption

spectrum by filling the lines and thus, making the star to appear hotter.

25



This opinion is confirmed from the continuum energy distribution of the T
Tauri stars. Fig. 2.7 shows the observed continuum energy distribution of the
star T Tau between 140 nm and 11 ¢m. As shown by Bertout (1980). This
spectrum is readily explained by a superposition of three components:

a) radiation from a normal late type stellar photosphere;
b) free-free and free-bound emission from a thiﬁ ionized circumstellar envelope;

c) thermal radiation from circumstellar dust.

Although the well investigated “prototype” T Tau is probably a special case,
where most of the dust radiati(;n is produced by a cool companion, the presence
of the three emission mechanisms seems to be a general property of the T Tauri
stars, and in most cases a superposition of these three mechanisms results in a
good fit of the observed energy distribution. However, some T Tauri stars with
strong emission spectra show an excess in the blue spectral range, which cannot
be explained by a superposition of a normal photosphere and the radiation of
the ionized envelope (see e.g. Strom, Strom and Grasdalen 1975). Usually the
same stars also show a strongly weakened or “veiled” photospheric absorption
spectrum. Two mechanisms have been suggested to explain this phenomenon:
a) an additional absorption line free blue continuum light source, which dilutes

the photospheric radiation;

b) the existence of “deep chromospheres” (section 2.2.1) i.e. an atmospheric
temperature minimum occuring already at a density and optical depth much

(i.e. ~ 100 times) higher than in the Sun.

As additional light sources viscous accretion disks or extended hot layers
heated by turbulence (Ulrich 1983) have been suggested. The deep chromo-
spere model has been studied by Dumont et al. (1973) and Cram (1979). A
temperature minimum at a high optical depth may be caused either by exces-
sive mechanical or magnetohydrodynamic heating from below or by accretion

shocks. One of the most important theoretical contribution to the problem of
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the origin of the blue continuum and the veiling in T Tauri spectra are the syn-
thetic spectra computed and reproduced by Cram (1979), which ksupports the
deep chromosphere hypothesis.

None of the models proposed above can explain all the emission properties
described in section 2.1 and we can anticipate that the observed energy distri-
bution of the T Tauri stars could be explained by a combination of:

i) a late type photosphere,

ii) a “deep chromosphere” (in some cases possibly resulting from an accretion
shock), \

iii) a partly ionized and (again at least sometimes) dusty circumstellar envelope.,

iv) accretion disks.

Now let us see in more detail what observational evidences can be explained

by the different proposed models.

2.2.1 Photosphere and Chromosphere

Part of the T Tauri phenomenon could be explained by a model involving
a small emitting region lying close to the star where the temperature increases

with the geometrical heigh i.e. a chromosphere.

Such a model was first proposed by Herbig (1970) who suggested that the T
Tauri temperature minimum was located deeper in the atmosphere at 75000 ~
107! or 1072 as compared to 1072 for the Sun. Fig. 2.8 shows schematically
the temperature profile for this model. Weak lines form deep in the atmosphere
and appear in absorption, while strong lines form in the rising temperature zone

and appear in emission.

If a star has a sufficiently dense chromosphere 7, = 1 for a strong line is
reached already in the chromosphere, where the positive temperature gradient

allows the formation of emission lines only. On the other hand for weak lines
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the small line absorption coefficient may allow to look down into the deeper
photospheric layers where the temperature gradient is normal. Hence in contrast
to the standard star spectra, in the T Tauri stars an increase with temperature
of a line absorption coefficent may result in a weakening or disappearance of the

corresponding absorption line.

Fig. 2.6 can be explained on the basis of the assumption of a T Tauri star

with dense chromosphere.

In more extreme T Tauri stars the strong Cal and Crl ground state lines
tend to occur in emission. In the case of ROX 3 the lines appear in absorption,
but they are probably contaminated by chromospheric emission. In addition,
because of the high line absorption coefficient, these lines are probably formed
relatively high in the photosphere near the temperature minimum, where the flat
temperature gradient weakens the absorption strength. In the weaker Fel lines,
where we look deeper into the photosphere, these effects are less pronounced.

Hence, the chromospheric effects mimic a higher effective temperature.

Chromospheric TiO emission is very unlikely. But the high optical depth of

the temperature minimum will certainly influence the molecular bands as well.

So, on the basis of chromospheric model, it is possible to explain several
characteristics of the T Tauri stars. But for this model the H,, line is a problem
in most stars; its strength typically requires a chromosphere with much greater
mass column density than is implied by the other diagnostics. Its breadth is
even less likely to come from a classical chromospheric temperature distribu-
tion; opacity broadening can be ruled out. Dumonit et al. (1973), Heidmann
and Thomas (1980) used a very schematic deep chromosphere - type model to

reproduce the ultraviolet continuum and the flux in H,, with limited success.

Calvet, Basri and Kuhi (1984) also showed that as the chromosphere becomes

sufficiently deep, the continuum picks up a contribution from it. This drives
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the Balmer continuum into emission and yields a “blue veiling” contribution
from the Paschen continuum at wavelengths short enough to provide sufficient
contrast in the Plack function between photosphere and chromosphere. They
have constructed semi-empirical homogeneous models for the photosphere and
chromosphere of TTS by taking into account the observed fluxes in Call , MglI k,
H,, the UV lines and the continuum energy distribution. The basic photospheric
parameter used are Ty = 4000K and log g = 3.5, which correspond to a typical
T Tauri in the Taufus—Auriga cloud (Cohen e Kuhi 1979). In the costruction of
these models, the position of the temperature minimum is adjusted to reproduce
the observed width of the Call k line. The transition region location, my,, is
in agreement with densities determinated from ultraviolet line fluxes (Cram,
Giampapa, and Imhoff 1980) and is adjusted to produce fluxes in Call k and

Mg II k comparable to observations.

The most important results from this study are the following:

1. the photospheric - chromospheric temperature profile of TTS, shown in
Fig. 2.9, are characterized by a deep temperature minimum, in agreement
with early estimates for the positions of this minimum (Herbig 1970, Du-
mont et al. 1973).

2. The chromospheric temperature profile is characterized by a plateau at T ~
6000K, similar to that found for the Sun (Vernazéa et al. 1981) but less
broad and extending to deeper column density.

3. The continuum energy distribution of TTS is determinated by both the
photosphere and the chromosphere. (Fig. 2.10). A late-type photosphere has
its maximum continuum flux at A > 8000A. Accordingly, the photospheric
contribution of the flux dominates in the red region of the spectrum, unless
the chromosphere has an extremely deep transition region. On the other
hand, the photospheric flux in late-type stars falls sharply atA < 4560A4,

because of the effect of line blanketing. For this reason, radiation from the
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chromosphere becomes increasingly important as the wavelength decreases,
creating an excess of flux over the normal photospheric level which could be
identified with the “blue excess”observed in TTS. Because of the wavelength
dependence of line blanketing, this excess is differential, increasing toward

shorter wavelengths. Fig. 2.11 shows this effect.

At infrared wavelengths, longer than ~ 3u, radiation from the chromosphere
is dominant again. However it cannot account for the IR excess observed in
TTS (Mendoza 1966, 1968; Cohen and Schwartz 1976, Rydgren, Strom and
Strom 1976, Rydgren and Vrba 1981). This excess must be due to thermal
emission from a dust distribution around the star (Cohen and Kuhi 1979;
Rydgren and Vrba 1981), as confirmed by a correlation existing between
the IR excess and degree of polarization (Bastien 1982), and the indication
that the polarization arises from a dust distribution located outside the main
emission-line region (Bastien and Handstreed 1979).

The energy output from the chromosphere is determinated mainly by the
location of the beginning of the transition region. Moreover, changes in m;,
determine changes in the ultraviolet continuum flux which may account for
the observed short-term variability.

Neither the large observed H, fluxes neither the steep Balmer decrement
observed in TTS can be obtained by the chromosphere, except in the case of
the less active stars.

One would ask the origin of the energy needed to produce such a chro-
mosphere. The values implied become appreciable fractions of the stellar
luminosity when the continuum is changed substantially. The effects on the
line spectrum are always more dramatic than in the continuum because the
lines are optically thicker, so one would not expect large continuum excesses
to be associated with anything like a normal photospheric spectrum. Thus,

although the chromospheric model could explain even the extreme T Tauri
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stars in principle, in practice there are serious objections to this. In the
strong emission lines other than H,, one must be careful in ascribing it to
chromospheric origin. Most of the modelling work has dealt with prediction
of the integrated line flux, and this can be done successfully for many of the
observed Call and Mgll line fluxes, for example. On the other hand, a chro-
mosphere which lies near the stellar surface would be expected to produce a
relatively narrow and symmetric line profile. The surface velocity fields could
be tens of km/ é, but are unlikely to be hundreds of km/s. Thus, a crucial
part of identifying where a line is coming from is to obtain a resolved line
profile. This has been done for a number of stars at Mgll, Hg, and Nal D, for
fewer stars at Call, and for a big number of stars at H,. The Mgll profiles
tend to be fairly similar to H,, while the Call profiles look chromospheric in
the less active T Tauri stars and more like H, in the more active stars. In
looking at lines of different optical depths (e.g. the k line and the IR triplet

of Call) one can see the broad component increasing in the thicker lines.

An example of these effects is given in Fig. 2.12 for the classical T Tauri
star BP Tau with observations obtained with the Hamilton spectrometer at the
Lick Observatory. It appears reasonable to suppose that most T Tauri stars
have a chromospheric emission component in their strong lines, but that this
component can be overwhelmed by an envelope contribution in the more active
stars. This means that analyses of line fluxes should really be completed with
high resolution work, in order to distinguish where the different components of

the line profiles are produced.

2.2.2 The Envelope

The strong emission lines which cannot be explained by chromospheric emis-
sion because of their strength, breadth, and shapes presumably arise from a

region of formation outside the stellar surface. Such region is generally called
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“envelope”. Even if several spectroscopic and photometric (optical and infrared)
observations of T Tauri stars (e.g. Rydgren 1976) have allowed to understand

several envelope properties it remains one of the mysteries of the T Tauri stars.

What is fairly clear is that mass loss produces part of the envelope profile;
in fact there is often either a narrow or broad blueshifted absorption component
superposed on the broad emission. It is almost certainly a mistake to think that
a single paradigm will fully explain the profile observed. Among the possible
regions which may contribute to there are:

1. a turbulent boundary layer .(see section 2.2.3);

2. a spherical or bipolar outflow or wind;

3. an extended “chromosphere” or heated region (section 2.2.1);

4. cooler shells or patches of circumstellar matter due either to remnant inflow
or piled out outflow;

5. extended structures in the stellar atmospheres such as magnetic loops.

To explain the observation a variety of models involving an hot extended
envelope with some kind of “ad hoc” velocities have been calculated. This
envelope is taken to be:

- in ezpansion, to reproduce the emission line profile (Kuhi, 1964; Kuan, 1975);

- static, to reproduce the general emission characteristics (Rydgren, Strom, and
Strom, 1976);

- infalling, to reproduce observations indicating infall (Ulrich, 1976; Appenzeller,
and Wolf, 1977; Wolf, Appenzeller, and Bertout, 1977; Mundt, 1979). No
detailed spectrum calculation has been done yet. An appealing feature of
this type of model is that it can account in a natural way for the source of

energy for the emission with the kinetic energy of the infalling material.

We can try to characterize the envelope properties taking H, as the canonical

envelope diagnostic.
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It is clear from variety of profiles observed that there is not a single phe-
nomenon responsible. Most of the lines have widths of a few hundred km/s. If
it is due to Doppler motions, they might involve orbital motions, turbulence,
outflow, inflow or some combination of these. It is interesting that the line tipi-
cally extends as far as to the red as to the blue although it is usually asymmetric.

When one wings is more extended it is usually the blue wing.

Forbidden line emission, which must arise over a region of tens or hundreds
of AU in size, is seen in a significant fraction of the stars (Cohen and Kuhi 1979),
but almost never in the redshi%ted wing. The lack of receding emission and the
predominance of negative radial velocities has been interpreted as due to the
presence of an absorbing screen or disk (Appenzeller et al. 1984) (Fig. 2.13q,b).
Since the red wing is seen in H,, one must either suppose that the disk does
not extend all the way to the star (within a few stellar radii), or that the red
emission comes from both sides of the equatorial plane. The former possibility is
difficult when, as discussed in next section, we see the boundary layer emission
from the star-disk interface. The latter possibility implies that H, does not arise

purely from a simple expanding geometry, either spherical or bipolar.

One alternative is that the H, line is broadened by turbulence. This would
have to be highly supersonic, and so it is not likely to be microscopic in nature.
One possibility is that it is due to the wave motions that drive the wind, as pro-
posed by Hartmann, Edwards, and Evrett (1982). They were able to reproduce
many of the properties of observed profiles with this model. A variety of other
models have been reviewed by Bertout (1984). Another possibility is that the
turbulence is due to the violent motions of the gas, near an accretion boundary
layer (a région where the disk meets the star). If so, however, one should expect

somewhat different profiles from stars which are no longer actively accreting.

Observational tests of accretion (though it has been suggested for many years

as a possibility) are necessary to conferm the accretion hypothesis; we cannot yet
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say whether H, shows convincing evidence for boundary layer emission. Even if
accretion itself is not occuring, the orbital velocities in the disk near the star are

still a few hundred km/s, leaving the possibility of generating broad profiles.

Apart from theoretical analyses of the line formation, there are often more
direct reasons for thinking that H, arises somewhere within a few stellar radii of
the surface. The line can be quite variable, with sometimes dramatic changes in
the whole profiles (including the far wings). These can occur as rapidly as within
a few hours, or an timescales rgnging from a day or a few days, to weeks, months
or years. Some examples of tﬂe changes observed can be found in Mundt and
Giampapa (1982), Hartmann (1982), or Basri (1987). The most rapid changes

must be occurring near the star, perhaps in discrete structures (magnetic 7).

The only way to finally distingue all the possible effects will be through
repeated high resolution coverage of a number of diagnostic lines together. This
has became possible width the advent of échelle CCD spectrometers. With these,
we may be finally able to resolve ambiguities about the geometry and location of
the emitting and absorbing regions that go into making up the envelope profiles
seen in the T Tauri stars, and derive the physical properties of the various

envelope components.

2.2.3 Disks

‘One of the most exciting developments of the last few years in T Tauri
research has been the increasing evidence that many of these stars are surrounded
by equatorial disks of gas and dust probably a remnant of the original cloud. For
a few stars there is direct imaging information from the infrared (e.g. Beckwith et
al. 1984) suggesting an anisotropic continuum distribution. There has also been
a series of observations which fairly directly observe the effects of a disk in the

spectrum of FU Ori stars. For these stars, the disk is so active that it influence
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the stellar temperatures, completely masking the light of the underlying star
and changing the apparent spectral type. More commonly, the disks are too
cool to display stellar absorption lines in their spectra. They are typically not
very massive (< IMO) but they can still be major contributors to the infrared
continuum. It is now thought that the infrared excess observed in most T Tauri
stars is primarily due to a disk. Adams et al. (1987) assume that all of the
(intrinsinc) luminosity of the outburst source FU Orionis comes from a star with
surface temperature T, = 7000 K. They find that a stellar luminosity 400L
with A, = 2.4 is required in order to reproduce the spectrum; the result is shown
as the solid curve in Fig. 2.14a. Inclusion of the emission from a circumstellar
dust shell yields a somewhat better fit to the observed data, the dashed curve
in Fig. 2.14a.

The spectrum of FU Orionis can also be explained if Adams et al. (1987)
make the assumption that all of the luminosity of this source arises from a
Keplerian disk, presumably through some accretion process involving a disk. In
this picture, the star radiates due to the heating by the disk. If they assume
an intrinsic disk luminosity Lp = 400L, (where the intrinsic stellar luminosity
L. has been set equal to zero for semplicity) and A, = 2.4 mag, they obtain an
almost identical fit so the observed spectrum, as shown by the radial curve in
Fig. 2.14b. Also shown (dashed curve) is a theoretical model including emission
from a circumstellar dust envelope using the same parameters as in the stellar

outburst model.

Another good piece of evidence of disks in some systems is a comparison of the
bolometric luminosity of the system compared with the bolometric luminosity
of the star. This comparison can best be made when the underlying T Tauri
star shows an unveiled spectrum in the optical. In section 2.2.1 evidence that

the deep photospheres of these stars are normal was presented.

If a normal photospheric spectrum is seen, then by comparison with other
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stars with similar photospheres but no signs of circumstellar material the stellar
bolometric luminosity can be found. One difficulty is to properly determine the
extinction in the presence of possible continuum excesses. One technique is to
compare the spectral slope only in the part of the spectrum where there is no
veiling. The extinction which forces this to match the standard spectrum is
adopted. Ideally one should use a high resolution spectrum to properly measure
the veiling at each wavelength and remove it first before maching the continuous.
This has only recehtly become practical and will be tried in the near feature.
For some stars it is difficult to do this well enough that a well determined value
for the extinction can be found. Another problem not fully solved is whether
standard extinction curves can be used for the T Tauri stars. The indications
are that this is largely true in the optical, but the UV extinction (especially
below 23004) is more debatable (Herbig and Goodrich, 1986).

Once one has the intrinsic stellar continuum, extrapolated outside of the
optical by use of standards, the bolometric luminosity is determinated. The
actual observed bolometric luminosity (including especially the far infrared) will
be equal to or greater than the purely stellar value. If it is greater than L,,
this may be evidence for an anisotropic distribution of dust. A disk captures
stellar light that would not normally go towards the observer, reprocesses it to
the infrared, and send it to the observer. One can show that for a flat disk
seen pole-one will obtain a bolometric luminosity of 1.25L,. If the disk is not
flat, but flares up on the outside, this can be as high as 1.5L,. Thus a careful
determination of the intrinsic stellar luminosity is very valuable for detecting the
presence of a disk. So we must be careful when we speak of “stellar luminosity”.
Its meaning in fact is a bit subtle. One point is the treatment of extinction. If the
extinction occurs near the star, it will heat the dust up and the radiation removed
from the line of sight will be returned to it in the infrared. One potentially

counts this energy twice if the optical light is fully dereddened and all infrared
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light is also counted. If the extinction occurs sufficiently far from the star then
this is not a problem. Another problem is that one does not actually observe
a luminosity - one measures a flux and deduces or infers a luminosity, usually
under the assumption that one is looking at a full hemisphere of a star and that
the other hemisphere looks the same. In the presence of a large disk, the full
stellar hemisphere can only be seen from the pole. Only half a hemisphere can

be seen from near the equator.

By “stellar luminosity” one usually means the inferred luminosity from the
observed flux with the assumpi;ion of no occultation. But, to complicate matters
further, an observed flux may contain direct starlight and also contain light re-
processed through the disk which normally would not have been included in the
observed flux (and therefore in the inferred luminosity) because it was not headed
in the observer’s direction. A large flat disk intercepts 24% of the starlight over
the whole sky seen from the star, but this is not relevant for the conversion of an
observed flux to an inferred luminosity. Such a conversion cannot properly be
done (except in a statistical sense) without knowledge of the inclination angle
of the disk. Thus when Basri (1987) refers to “stellar luminosity” he means
the luminosity that is inferred from starlight without the presence of the disk.
Looking at a passive disk system pole on and comparing that with the observed
bolometric luminosity (which includes both direct starlight and reprocessed ra-
diation) will cause one to decide Ly,; = 1.25L, (presuming that disk light and
starlight are separable and being sure to correct the inferred disk contribution
for the unseen side). At other angles, the amount of starlight observed will be
less because of occultation by the disk, and the amount of disk light observed will
also be less (if the disk is optically thick) because the disk is seen increasingly

edge on.

Above it has been assumed that the disk only acts as a “passive” reprocesser

of stellar light. But it is evident that, if accretion is continuing through the disk
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then additional light will be added from the release of gravitational potential
energy. Lynden - Bell and Pringle (1974) worked out the general properties of
a simple accretion disk which can be applied to the T Tauri stars. It turns
out that the spectrum from such a disk has almost the same shape as from
a flat reprocessing disk. This means that in the infrared one does not know
whether active accretion is occurring unless the bolometric luminosity is greater
than the limits above. For a number of observed systems among the classical T
Tauri stars these limits are exceeded, so that is already excellent evidence for
continuing accretion. Fortunatialy there is a good way to cheek on this and also
detect accretion in lower luminosity system. This involves the boundary layer
where the matter from the disk finally encounters the star. The luminosity of
accretion in the disk is only half the available energy; if the material (assumed
to be in Keplerian orbits) encounters a slowly rotating star the other half of the
energy available will be released in bringing it to a stop. Bertout, Basri and
Bouvier (1988) suggested that the UV excess observed for many stars may be

due to this release.

If one makes a simple model for the boundary layer, one finds that an optically
thick region with emitting area of ~ 2% the stellar surface will radiate with
(backbody) temperatures in the 8-10 thousand degree range. Depending on the
accretion luminosity it will veil the starlight into the blue part of the spectrum.
Because as much luminosity comes out in the UV as from the infrared disk (which
can be comparable to the stellar luminosity), one expect a major impact on the
spectrum. Indeed the infrared spectrum of T Tauri systems a few microns is
entirely from the disk in this model. The reason why the UV continuum appears
to drop steeply is that extinction has a rapidly increasing effect toward shorter
wavelengths; one has to ask how the star would have appeared with the some

extinction but without the UV light from the boundary layer.
The first major study of T Tauri boudary layers using IUE observations has
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just been made by Bertout, Basri and Bouvier (1988). The study of continuum
excesses in different parts of the spectrum is complicated for the T Tauri stars
by the problem of variability. If one wants to compare the UV flux to the optical
flux, and each varies by several tenths of a magnitude or more then observations
from same epoch should be used. This is particularly important if one wants
to mach the observations to a single self-consistent model. Some progress can
be made by knowing the range within which each part of the spectrum varies.
These authors use éimultaneous optical and UV spectrophotometry along with
optical and infrared photomef,ric variability studies to deduce the properties
of disks and boundary layers in the context of the simple model. They pay
particular attention to the question of to what extent the active chromospheres
on these stars can account for the UV excess (see section 2.2.1). They conclude
that there is a good evidence on a number of “ordinary” T Tauri stars where
active accretion is present. The accretion rates are at order 10~"M_yr~!. In
BP Tau, since one can see the chromospheric component of Call K, it would
be difficult to argue that the very strong UV excess observed come solely from
the chromosphere which produces that not particularly strong line (though the
low broad wings of the K-line might indeed be associated somehow with the
boundary layer). Thus Basri (1987) believes there is good evidence for both
active and passive disks among the T Tauri stars, and that is a major motivation

for the classification in Tables 1.1 and 1.2.

Many of the details of how a boundary layer should actually look in both the

continuum and in emission lines are not yet known.

Several problems have still to be solved:
1. will the emission come from an optically thick or thin region or some of each?
2. will all the energy be released as radiatibn, or is some of it converted to
mechanical energy?

3. what is the real size of the boundary layer?
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4. what effect will the stellar magnetic fields have on the disk as it approaches

the star (the Alfvén radius is at a few R,)?7

Anyway, the idea, which is coming out is that the layer is probably secure,
because one has a big quantity of UV energy to explain in any case for some
stars. The blackbody model for the emission is much more dubious, indeed the
observations show that excess luminosity often appears as Balmer line and con-
tinuum emission which indicates that it cannot be the whole story. Presumably
material is decelerated in shocks at high temperatures. Depending on the op-
tical depth to the surface of t};e boundary layer this radiation will be partially
thermalized to lower temperatures, and then the temperature structure of the
boundary layer where it is becoming optically thin will further determine the
emergent spectrum. The stellar magnetic fields would interact with the disk.
It is also of interest to work out in more detail whether the effect of the disk
on the underlying stellar atmosphere has interesting observable consequences.
Could it, for example, be partially responsible for the appearence of very deep

chromospheres in some stars?

The general picture presented in this chapter shows many problems of the T
Tauri phenomenon that have been solved but shows that much work still is to

be done before these peculiar stars are fully understood.
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Fig. 2.1a: The spectral energy distributions from A3320 to A7530 of T Tauri stars all

classified as dG5. The lowest curve is that of a standard G5 V star on an
arbitral scale (Kuhi, 1974).
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Fig. 2.1b: The spectral energy distributions from A6056 to A11100 (corrected for red-
dening) of the same T Tauri stars shown in Fig. 2.1a.
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Fig. 2.3:

Fig. 2.4:
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The flux at A3620(F), in erg sec™! cm™3) vs the emission flux in Hy (F(H,)
in erg sec™! ¢m~?%). Individual observations for all the stars in Taurus

Auriga are plotted.
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spectrum) very weak photospheric lines are observed in absorption. The

stronger lines occur in emission. (Appenzeller, 1985).
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Fig. 2.6 Comparison of a blue and a red spectrogram of the “mild” T Tauri or PPT
star ROX 3 with standard spectra. All spectrograms were obtained by J.
Bouvier using the Image Dissector Scanner at the Cassegrain spectrograph
of the ESO 1.5 m telescope. Note that the blue spectrum of ROX 3 resem-
ples that of a K4 standard, while the red spectrum agrees closely with that
of an MO standard.
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Fig. 2.8: Schematic temperature profile showing temperature rise above the photo-
sphere corresponding to the chromosphere. Arrows show regions where
weak and strong lines form.
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Fig. 2.9: The distribution of temperature vs. mass column density is shown for the
three different chromospheric models (Calvet, Basri, and Kuhi, 1984).
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Fig. 2.10: The continuum surface fluxes calculated for models A and B of Fig. 2.9 are
shown along with radiative equilibrium photosphere adopted from Carbon
and Gingerich (1969). Note that the presence of a chromosphere shows up
largely as an ultraviolet excess. The units for all fluxes and source functions
in the figures are ergs cm™% s Hz"1.
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Fig. 2.11: Calculated continuum surface fluxes for several cases showing both the con-
tributions of the chromosphere and line blanketing to the observed contin-
wum. The lowest curve is just the blanketed photosphere which Calvet et al.
(1984) adopte from Carbon and Gingerich (1969).The jumps longward of
the Balmer continuum are due to their approximate treatment of line blan-
keting. Addition of the chromospheric contribution from models A and B to
this curve leads to the middle curves, while adding those to the unblanketed
photospheric continuum (not shown) leads to the upper curves.
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Fig. 2.12: Emission lines in the classical T Tauri star BP Tau. Lines from HI (upper
panel) and Call (lower panel). The spectra have been shifted and nor-
malized arbitrarly, but the relative velocity scale is the same for each line.
Observations were obtained with the Hamilton CCD échelle spectrograph
at Lick Observatory. The two échelle frames contain almost the entire spec-
trum from 3850A — 8700A (Basri,1987).
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Fig. 2.14: FU Orionis: data from Smith et al. (1982); (a) the disk is passive and only
radiates photons intercepted from the (outbursting) star with temperature
T, = 7000 K; (b) the disk is active and provides all of the outburst luminos-
ity in an accretion process through a Keplerian disk. The dashed curve in
both figures shows the emission from a surrounding dust shell with a cover-
ing faction equal to 0.1). Both cases require L = 400.0 Lyand A, = 2.4mag

(Adams et al., 1982).
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CHAPTER II1

Data Reduction

§3.1 Introduction

We aim at determining the spectral types and effective temperatures of a
group of T Tauri stars members of the Chamaleon 1 and 2 dark clouds. In order
to achieve our goals we have collected ESO-CASPEC medium-high resolution
spectra of 15 T Tauri stars members of the two clouds and of 6 spectral type

standard stars.

The spectral range covered is between A5750 and A6570 and the resolving
power is —Aax = 20,000. The spectrograph CASPEC on the ESO 3.6 m tele-
scope is a very powerful instrument for mediun-high dispersion spectroscopy.
The optical layout of CASPEC is outlined in Fig. 3.1. In the standard con-
figuration, which is presently offered to the observers, an échelle grating with
31.6 lines/mm, a cross disperser at 300 lines/mm and the so-called short camera
(291 mm, f/1.46) are used. As it is well known, the role of the cross disperser, a
low dispersion grating or prism whose dispersion is perpendicular to that of the
échelle, is to eliminate the overlapping of the orders (e.g. Kitchin, 1984). Very
high spectral orders must be used to obtain high resolving power. (1985). A thin
back illuminated RCA chip is used as a detector; it is 512 rows by 320 columns
device with pixel size of 30 - 30um. This size corresponds to 1.22 arcsec in the
direction of the disperser and to 0.7 arcsec perpendicular to it. The columns
of the CCD are normally in the direction of long dimension of the slit. An ex-
ample of a spectrum is shown in Fig. 3.2. The CCD detectors are presently the
most commonly used detectors for aétronomy. Useful references for astronomy

applications are in Ford (1979), Timothy (1983), Mac Kay (1986).
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In this section we discuss the reduction of our échelle data in order to put
in evidence some of the important problems which we have encountered in this

study.

§3.2 Echelle Reduction.

For the reduction of our échelle data we have used the échelle package inside
MIDAS (1988). We will describe the standard reduction (STANDARD) method
and an alternative method (IUE-like) that we have both used to performe the
échelle reduction and to check the results. Useful references available are Ponz

and Brinks (1986) and D’Odorico and Ponz (1984).

We have also used the échelle package inside IRAF (1987) only for one star
(Sz 17) of our sample. The aim is to compare the two packages to see if there
are some differences or one of them give a more conveniente method for the
échelle reduction. Preliminarly we can say our test has shown that there are no
significative differences in the results and the two échelle reduction package are

equally efficient.

3.2.1 MIDAS Reduction

In this section we descrive the reduction method used with MIDAS. However
we must emphasize that the reduction strategy is the same for all échelle data

reduction packages, IRAF included.

In order to properly reduce the échelle spectrum of an astronomical source
(OBJ) we must obtain the following sequence of échelle images (to be taken with

the same instrumental configuration):
i) short exposure of dark (BIA)

ii) wavelength calibration image (WLC) (Fig. 3.2)
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iii) flat field image (FLT) (Fig. 3.3)
iv) astronomical objects (OBJ) (Fig 3.4)
v) dark image (DRK)
Optionally, if we are interested in obtaining internally consistent fluxes (rel-

ative), we observe a calibration standard stars. The reduction of the standard

star needs the same sequence of images as the OBJ, namely:
i) short exposure of dark (BIA)

ii) wavelength calibration image (WLC)

iii) flat field image (FLT)

iv) standard star (STD)

v) dark image (DRK)

At very last step of the OBJ reduction process we use the response of the
STD reduced in the same way as the OBJ in order to get internally relative

fluxes (section 3.2.1.6).

The WLC image is the spectrum of the Thorium calibration lamp, while
the FLT image corresponds to the spectrum of the Quarz lamp, both taken with
the same configuration as the object(s). For the wavelength calibration we used

the Atlas of Thorium emission lines (of D’Odorico et al. 1986).

The main goals of the data reduction procedure is to extract the orders and
to find the dispersion relation in one dimension. In order to achieve these goals
we perform the following steps:

1. determination of the correspondence between the space (A, m), i.e. wavelength
A and spectral order m and the space (z,y) i.e. column z and row y in the
raw image. The aim is to identify the position of the order on the raw image
and to define the wavelength scale of the reduced spectrum;

2. estimate of the image background;
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3. correction of the interference fringes produced within the silicon. These
fringes are especially important at long wavelengths (A > 6000A);

4. order extraction;

5. wavelength calibration;

6. correction of the photometric profiles of the spectral order by the instrumental
effects;

7. conversion of the counts into relative fluxes.

The steps summarized above are for the STANDARD reduction method.
There is an alternative method applicable to the échelle reduction. The only
difference from the standard method concerne points 6 and 7. It uses a different
way to correct the instrumental effects (point 6) and it does not use standard
stars (point 6). Table 3.1 shows the process scheme in a typical reduction ses-
sion: italic fonts indicate optional operations. We now describe this with more

accuracy.

3.2.1.1 Order Definition

As said before the first point is to find the order position in the raw image.

This is defined by the following equation

Y= fl(zvm)

where m is a given order and the function f; is approximated by a polynomial

of the form:

I J
y= fl(za m) ~ Z Z a'ijmimj {31}

t=07=0
the coefficients a;; are evaluated using least square techniques on a grid (z, yx),
i.e. column number z, and line number y; of points located within the spectral
order of the image. These points in the grid are found automatically by a

maxima—following algorithm, normally using the flat image, as follows:
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- A first guess of the order is found on a trace perpendicular to the dispersion
direction done in the middle of the flat field image, in this way we define the
set of points (z,,Yom), m being the relative order number.

- For each order, a maxima—following algorithm finds the series of points located
on the order at z, = z,+n-Axz for points on the right half of the order, and
at z_, = £, — n - Az for points on the left half of the order, where n=1,2,..

integer and Az is the step of the grid.

This set of points forms th‘e basic grid with the geometric positions of the
orders. Typical values of the standard deviation of the residuals of this approx-
imation are below 0.5 pixel. Good results are obtained with I=1, I=2, that
is, each order is approximated by a straight line with distances between orders

changing gradually.

Experience has shown, however, that it is hard to accomplish a global good
fit for all regions within a frame. Polynomial degrees too low will not take
into account small spatial variations on the slight distortions introduced by the
spectrograph camera. On the other hand, polynomial degrees too high will
introduce the well known wiggling effects which make the software slit run across
the signal like a drunken driver speeding on a highway. In general both effects
are worst at the extreme ends of all orders and at the uppermost and lowermost
orders of a particular frame. In the finally reduced spectrograms this can lead
to ugly wiggling at wavelengths where the orders usually overlap and a loss of

calibration at the very beginning and end.

The algorithm used to detect the position of the orders is also used in the de-
tection of the comparison lines during the wavelength calibration. This method
works as follows: let us consider a vertical (almost perpendicular to the orders)
trace in the row image in order to obtain one dimensional scan h(z) like in
Fig. 3.5. This allows to detect emission lines of width, say, w pixels which is

the expected order width. Then the algorithm filters the scan with a running
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median filter, using a window of 2 - w + 1 pixels, to obtain the resulting scan
hq(z) without the emission features. The orders (or lines if you are using the
algorithm for wavelength calibration) are detected if h(z) — h(z) is greater than
a given threshold ¢{. The combination of these two parameters, w and ¢, pro-
vides a clean way to detect emission-like feature and during the reduction it is

convenient to check both.

3.2.1.2 Background Definition,

The background depends mainly on the characteristics of the detector, but
includes the additional components of the scattered light in the optics of the
spectrograph. The determination of the background is one of the critical as-
pects of the échelle spectra reduction (e.g. Finkenzeller and Basri, 1986) and
particular care has to go in estimating the background in either FLT, the OBJ

or (optionally) the STD for two reasons:

it affects the determination of the relative fluxes of the object spectrum, and it

affects the accuracy with which instrumental effects can be corrected for.

The background of a CASPEC image consists of:

- a constant of CASPEC introduced by the electronics (BIA);

- an optical constant due to the pre—flashing of the CCD (when a preflashing is
used);

- the dark current;

- the scattered light;

- the diffuse light in the interorder space coming from adjacent orders.

The BIA can be measured by obtaining a series of DRK exposures of short
duration which are averaged to reduce the effect of the read-out noise of CCD.
If preflashing is necessary to improve poor charge transfer efficiency, a set of

preflashed DRK exposures must be obtained in a similar manner. To monitor
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the dark current, it is convenient to obtain a set of DRKs of similar exposure
times as the object and standard frames. Regarding the general scattered light
and the diffuse light in the interorder spacings, a analysis of a flat field image
shows that, in the long wavelength range and for a high level of exposure, most
of the background contribution is coming from scattered light. For images taken
at shorter wavelengths, and /or with a lower exposure level, the diffuse light from

adjacent orders is the main component of the background.

After a BIA frame (or a preflashed BIA), has been constructed, it should first
be subtracted from the FLT, OBJ and STD frames. Due to time limitations one
has, in general, only a few long DARK exposures, for each exposure time. As no
fine scale structure is present in these frames, the noise level can be suppressed by
applying a suitable filter. The resulting DRK exposures can then be subtracted
from the OBJ and STD frames. The remaining background is estimated from
points located in the interorder space. These points are used to approximate
the observed background by a polynomial of two variables, r and y as:

I J
B(z,m) =~ Z Z bijz'y’ [3.2]
i=0 j=0
where b;; are the coefficients of the polynomial.

In our case we have observed that the background of flat field images was
generally well modelled by 2 — D polynomial of degrees I = 3 and J = 3. The
number I refers to the degree of the polynomial in the z-direction (along the
dispersion); the number J is the polynomial degree in the y-direction (perpendic-
ular to the dispersion). Fig. 3.6 shows a trace perpendicular to the dispersion
direction through a flat field frame and the background fitted to the interorder
locations. For OBJ exposures of low signal-to-noise ratio we must use a poly-
nomial of a lower degree. If the BIA and DRK components are subtracted from
the OBJ frame, a plane is very often a good approximation to the backgroundk

component. The value I =1 and J = 1 is usually appropriate for faint sources.
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The fitting of this background can be very difficult to impossible if in addition
the object spectrum is complex with strong lines. When working with bright
objects it is easy to see how errors of the order of 10% in the intensity measure-
ments near strong lines (either emission or absorption) could occur. It is clear
that the background subtraction for faint sources is very delicate. For these
reasons, together with the fact that the entrance slit of CASPEC is rather small
and refraction in the earth’s atmosphere can differentially affect the throughput
of CASPEC it is not possible to obtain an absolute calibration for CASPEC
data.

It has to be noted that small errors in the determination of the background
are carried through the whole rest of the reduction and are even amplified at the
edges of the orders; if no BIA and DRK are available, the background definition
migh be sligltly less accurate because the modelling procedure has to take into
account these contributions too. For this reason a useful tip to the observers
is to gather a set of short, optionally pre-flashed, DRK exposures which can
be averaged to produce a BIA frame. Further one needs a set of long DRK
exposures which, after smoothing to reduce the noise, can be substracted from

the OBJ frames.

As explained above, the contribution to the background by the scattered light
is determined by the points located between the orders. The accuracy with which
the background can be determinated depends on the exposure level of the frame
and on the interorder space. If the interorder space is too small, the background
level will be over estimated by an unknown amount. Given sufficient space
between the orders, the systematic deviations are estimated to be less than 1%.
Fig. 3.7 shows a trace perpendicular to the dispersion direction through an object
frame in the blue region of the spectrum and the total estimated background.

Fig. 3.8 shows the individual components which contribute to this background.
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3.2.1.3 Flat Field Correction

As the use of CCD has become more and more common in astronomy, the
procedure of flat—fielding a CCD image, namely to correct for offset values in
the pixel intensity read—out, due to deviations from linearity and due to chip
defects, has become an art in itself. An additional feature which is particularly
bothering in échelle spectra taken with the thinned, back illuminated RCA CCD
is the fringing effect, due to reflections in the thin silicon layers of the CCD. They
produce an interference pattern whose variations depend on the wavelength of
the incident light and the CCD thickness. The effect is as high as 50% at
XA > 6000A (York et al. 1981). Some tests have confirmed that this effect
is constant for a given setting and it can be effectively corrected by dividing
the object image by a flat field exposure taken with the same instrumental
configuration. Before the actual division is carried out, the background levels
obtained in the way described above, both in the object image and flat field,

have to be subtracted.

With CASPEC the FLT images is accomplished by illuminating the entrance
slit of the spectrograph with a built-in incandescent lamp. A well-known prob-
lem when using the incandescent lamps is that its light path through the optics
is slightly different from the one taken by the stellar light. In the most general
case this results in a small positional offset of the stellar and flat field orders
on the chip. For a proper pixel to pixel division, the flat field orders should
be appreciably wider than the stellar signal in order to ensure complete overlap
by the flat. This is shown in Fig. 3.9 where we have overlapped a part of a
vertical trace of the OBJ image and a same part of vertical trace of the FLT
image: here it is possible to put in evidence a slight shift of the order center
of the OBJ to respect the order center of the FLT (~ 1 pizel). Note that the
FLT order is much larger than the OBJ order; if it were not, the stellar signal

pixel would be divided by lower underexposed flat field pixels and give rise to
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spurious noise spikes. Therefore it is advisable to use a slit as long as possible
for the flat without crowding the orders and to choose the flat field exposure
for the order tracing algorithms (see section 3.2.1.1) rather than the stellar sig-'
nal. Use of the stellar signal to trace the orders can be problematic if there are
deep absorption lines in the spectrum. The fact that there is subtle, but not
negligible, mechanical flexure in the spectrograph when moving the telescope
from a program object to the standard star does not help. All these factor may
cause the software ‘slit to miss some fraction of the stellar signal, resulting in
subsequent calibration problerris. Finally, when the slit height is too small, there
can be digital sampling error as the software slit slants across the frame, leading
to a few percent ripple in the measured total counts. These problems largely
disappear if one is able to use a sufficient slit height which can be done longward

of 5000A where the interorder spacing is adeguate.

The method of dividing the object image by the flat field in the pixel-pixel
space gives better results than the alternative method consisting in the division
of the extracted orders of the object and flat field images. This last method has
to used when the FLT order are not wider than the OBJ orders. The accuracy
achieved when dividing by the flat-field in the pixel-pixel space depends on a

number of factors, such as the wavelength range and the intensity of the signal.

The flat field correction procedure will also correct, at least in a first order
approximation, for the blaze effect (see sections 3.2.1.6 and 3.2.1.7). If one
corrects for the instrumental response using a standard star, it is necessary
to take into account differences in the flatfield exposure belonging to the OBJ
and the one corresponding to the STD. This is done by normalizing the flatfield:

namely it is produced a smoothed versions of the FLT and then they are divided.
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3.2.1.4 Other Extraction

Individual échelle orders are extracted by averaging the pixel values over a

numerical slit running along the orders. Due to the instrument configuration, the

slit runs perpendicular to the CCD-columns. The center of the slit is defined by

equation [3.1]. The actual extracting methods includes as parameters the length

of the numerical slit in pixels, an optional offset to shift the center of the slit

and an angle if the slit is not perpendicular to the CCD columns (not relevant

in CASPEC). Three methods may be used to performe the actual integration

on the numerical slit.

In order to simplify the explanation let us assume a numerical slit consisting

of three pixels.

1.

Nearest neighbour method: the number of counts collected by the numerical
slit at a given position is the sum of the pixel values closest at the actual slit

elements. No interpolation is performed. The number of counts is simply

D:wl-D1+w2-D2+w3-D3 [33]

where D; are pixel values, and w; = 1/3.
Linear interpolation with constant weights method: the number of counts at

a given position is given by:

D=w((1—a)D1 +D2-|-D3+GD4)) [34]

where the value is the offset between the image pixel and the slit pixel, and
w =1 or w = 1/3. The first case corresponds to simply adding all the flux
entering the numerical slit; the second case corresponds to a weighted average

with S0 w; = 1.
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3. Linear interpolation with weights proportional to the order profile method: this
is similar to the previous one, but the weights of the slit elements are propor-
tional to the normalized profile of the order perpendicular to the dispersion

direction. The number of counts is computed as:
D= wl-((l——a)-Dl +a-D2)+w2-((l—a)-Dg+a-D3)+w3-((1—~a)-D3+a-D4) {35]
with 3% w; = 1.

Due to the inclination of the orders in the actual data format, the first method is
not suitable for CASPEC. Orders extracted with this method present a periodic
variations of about 10% of the signal. This periodic feature is substantially
reduced in the second method if the slit consists of 5 to 7 pixels, but in this case
the signal/noise ratio is not optimal due to the uniform pixel weight. The orders
extracted with the third method have a better signal /noise ratio and, for a slit
of 5 to 7 pixels, the actual weights, computed for each order, take into account

the variation of the order in the image. The method is still under test.

3.2.1.5 Wavelength Calibration

The dispersion relation in one dimension is given by

In the reduction procedure the orders of the WLC image (obtained with the
same instrumental configuration and the same position of the telescope as the
scientific frame) are automatically defined via the flat-field exposure, and ex-
tracted using a sampling step of 1 pixel. They are then used to compute the
dispersion coefficient for each order in three steps:

1. The calibration lines are identified with a detection criterion which is based

on the width of lines and their intensity above the background: an algorithm
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consisting of a median filter and a threshold as explained at the end of section
3.2.1.1.

2 The actual position of the lines is defined as the centre of gravity of the
two brightest pixels relative to the third brightest. Initial guesses for the
wavelength calibration is obtained by entering manually the identification of
a few lines in the 2-D WLC frame, and then improved by comparison with
the reference catalogue of Thorium line (D’Odorico et al. 1987).

3. The dispersion coefficients are computed by means of a regression analysis,
by relating the identified lines to the Thorium-Argon line catalogue available
in the system. A polynomial of degree 3 is sufficient to obtain, for each order,
a good approximation of the wavelength scale in CASPEC. The residuals are

computed as:

AAzz\;ab—,\cz}\lab—(a0+a1-x+a2-az2+a3-x3) [3.7]

The r.m.s of the residuals in a well calibrated image is about 0.03 4, less than
1/4 of a pixel at 50004. In practice, it is very easy to make the wavelength
calibration. The program will display the wavelength calibration spectrum and
ask you to identify two lines and their orders. This is easy to do using the
cursor, the hard copy of the spectrum and the catalogue of Thorium line. It
is convenient to identify lines near any two diagonally opposite corners of the
display. The program will then try and identify lines it has previously found.
In this procedure it uses both the position of the lines and their intensity. If it
cannot find a solution it will ask you to help it by identifying additional lines
and checking the existing identifications. The wavelength calibration is a very
critical step in the procedure so it is a good idea to “vaste” some time at this
step to make sure that you get a good wavelength calibration.

It is convenient to obtain r.m.s. scatter of 1 + 2 -10"2A4. Fig. 3.10 shows

the behaviour of the residuals for the calibration image centred at 62004. If
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the wavelength correction has to a greater error it can happen that the different
orders will have different calibrations. Then when they are merged you will have

“ghost” images of spectral features.

The width of the pixels in A, which is a function of the position, has been
computed from the dispersion coefficients in a set of images covering the spectral
orders 70 to 140. Table 3.2 summarizes the results for our spectral range. The
dispersion coefficients for each order are in eq. [3.7]. These are used to rebin
the extracted orders at a constant wavelength step. We have rebined at 0.154
to be sure that instrumental resolution is not lost. It is not useful to oversample
too much the CCD pixels along the dispersion because this process does not

introduce any additional informations.

Tests to monitor the precision and stability of the instrument show that small
variations of the dispersion coeflicients are expected depending on the telescope
pointing (Ponz and Brinks, 1986). It is recommended to take flat-field and
wavelength comparison frame before or after each OBJ (STD) exposure. The
reduction procedures have been optimized in such a way that, for a given in-
strument configuration, only the first set of dispersion coefficients have to be
computed interactively. Subsequent dispersion coefficients are computed using
the previous one as guesses, in a completely automatic mode. In those cases
where one needs a good overall relative calibration and one wants to ensure a
good overlapping of the orders, standard stars should be included in the obser-
vations, at least one for each instrument configuration, with the corresponding

flat-field and wavelength comparison exposure with the following sequence:

DRK—STD+—FLT+—WLC—OBJ—FLT— WLC
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3.2.1.6 Response Correction Using Standard Stars (Standard Method)

The extracted orders, resampled using the dispersion relation described in
3.2.1.5 section, give the observed spectrum (in counts) as a function of the
wavelength for each order. Tn these profiles two instrumental effects are present:
i) the blaze effect of the échelle grating;

ii) the fact that the efficiency of the whole instrument is not uniform with respect

to the incident wavelength.

For a given configuration the blaze effect is a function of the position in the
order, while the instrument response is, essentially, a function of the wavelength.
The solution adopted is to use a standard star to correct for both, blaze effect
and instrument response, simultaneously. The STD, observed with the same
configuration as the OBJ, is reduced using the corresponding normalized flat-
field frame. After that, correction factors are calculated by comparing the flux
value in a table containing absolute fluxes for the standard stars to the observed
counts of the STD which are sampled at the same wavelength intervals as the
fluxes in the table. The resulting response is normalized to an exposure time of

one second.

The observed flux is computed as

D
Fy=Ry- % [9]

where F) is the absolute flux (in erg cm=2A471s71), R, is the compute response
(in erg cem™2A~1DN~1), D is the extracted Data Number (in DN) and ¢ is the

exposure time in seconds.

To illustrate now well this correction works we show in Fig. 3.11 a comparison
between the observed standard star Kopff 27 and the corresponding tabulated
absolute fluxes taken from Stone (1977). In this figure the standard star obser-
vation is treated as if it was a science frame. The response of the instrument,

as derived on the basis of the same standard star observation, was applied to it.
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The accuracy of the flux calibration, i.e. the correction for the blaze effect and
the chromatic response, can be judget from the following figures: F ig. 3.12 shows
three adjacent orders extracted from a raw observation, reflecting the influence
of the blaze effect; Fig. 3.13 shows the same three orders after subtraction of the

background, flat-fielding and flux calibration using a standard star.

3.2.1.7 Response Correction Using the Blaze Function (IUE-Like Method)

If no standard star is availaible with the same instrumental configuration as
the object frame under consideration, a different approach is also available at this
stage as an alternative to the method described above. It consists of correcting
for the blaze effect introduced by the échelle grating by using a suitable model
for the blaze function. In this approach, no correction for the chromatic response

of the instrument is applied.

The échelle blaze function is an old problem in the reduction of IUE high
resolution spectra. In our case the problem is even more complicated given the
different possible configurations of the instruments. The blaze function R()) at

wavelength A is approximated by:

.2
sin”(raX)
R(A) = —= 3.8
() (raX)? 54
A
where « is a “grating constant” and X = m(1— cg\m) ), in which m is the order

number, and A.(m) is the central wavelength of order m. Both parameters m
and A (m) are related through the “grating constant” k by Ac(m) = 71% The
parameter o is not dependent on the order number and can be considered a
constant for a given exposure with values between 0.5 and 1 depending on the
actual alignment of the instrument; the parameter & is a function of the order

number with mean values given in Table 3.3.
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This correction can be done by two different methods. We have to compute
the parameters k£ and a:

i) The first method is a modification of the method suggested by Ahmad (1981);
his algorithm approximates the blaze function by a sinc squared and finds
the function parameters by a non-linear least squares fit to the order profile.
The method is suitable for objects without strong emission or absorption
features and can be used to get a first estimation of the blaze parameters.

ii) The second method was proposed by Barker (1984). He uses the overlapping
region at adjacent orders to estimate, in a few iterations the parameter k
of the blaze function which is, as before, assumed to be a sinc square. The
method works well, provided that order are overlapping and that there is a

very good estimation of the parameter o, assumed to be a constant.

3.2.2 IRAF Reduction

As we have said at the begin of section 2.1 the studies that we have performed
using the IRAF package are only preliminary. We had the opportunity to reduce
only one star (Sz 17) and the method used does not give an intensity calibrated
spectrum. Moreover we did not performed the blaze correction. Thus we are
able to compare the IRAF results with those obtained using MIDAS in the IUE-
like method before performing the blaze correction. In other words, looking at
the scheme of Table 3.1, with IRAF procedure we have only performed the steps

written in capital letters.

The main difference between our IRAF and MIDAS reductions is in the
background subtraction procedure. In fact, in the MIDAS reduction we did not
subtract the BIA and the DRK instead the background estimated from points
located in the interorder space. As seen before (section 3.2.1.2) this is non

perfectly correct but neither is a bad approximation because the BIA is almost
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a constant and the dark current, which is proportional to the exposure time,
too. We also add that, to avoid cosmic ray problem, background images should
be combined with a median filter routine; in our procedure we did not filter any

frame.

In the IRAF reduction we have filtered the 2-D DRK image of 30 minutes
to eliminate some cosmic spikes and then we have estrapolated the resulting
image to 5 sec to define the BIA image which has been subtracted from the flat
field and object image. After%that, the filtered DRK of 30 minutes has been

subtracted from the object image.

§3.3 Comparison Between Standard and IUE-Like Reduction

A first reduction of the data has been performed in 1986 using the standard
reduction. As we have described in section 3.2.1, in order to have a correct
reduction in this way one should follow the scheme indicated at the end of
3.2.1.5 section for each instrument configuration. We did not have the images of
the standard star for each T Tauri star of the sample. So, it was not perfectly
correct to use a few images of standard stars for all the stars observed during
observing run. The instrument response evaluated using the standard star was
not perfectly correct for all the stars. And in fact we have observed that not
all images, calibrated using the STANDARD reduction, were corrected for the
instrumental effect. Fig. 3.14 is a tipical example in which it is possible to put

in evidence the ripple effect, i.e. the bad linearization of the orders.

For example we can observe the star Sz 24 has been observed with two
different exposure time (60 and 30 minutes): Fig. 3.15 and Fig. 3.16. On the
top of each figure we have reported the star reduced with the IUE-like method

and on the bottom the star reduced with the standard method. It is curious to
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observe that in both procedures the short exposure maintains the order effect

and that the long exposure is ok. Probably this is a problem of S/N ratio.

The same effect could also be seen in the star Sz 30 (Fig. 3.17). In the
standard method the order effect is evident in the highest orders (near the H,
region). Using the IUE-like method we have an improved spectrum even if the

order effect is not completely disappeared.

Another point that we like stress concerns the problem of broad absorption
features (one order or more) which can missed during the reduction process. In
our sample we have a few spectra which contain a broad molecular band due to
TiO (the head of the band is at 62404). In Sz 30, for example we clearly seen
the depression of the continuum due to the molecular band but we cannot say
if the slight emission inside the band is due to superimposed emission or is an
order effect (Fig. 3.18). We have indicated the wavelengths of order edges to

check if the order effect is responsible.

In the IUE-like method it is more convenient to use the method which uses
the overlapping region of adjacent orders than one which is based on Ahmod
(1981). In this last case the order effect is evident at the highest order (between
9 and 14). This agrees with the observation that this method works well for
objects without strong emission or absorption features. In the high orders we
have the strong H, which characterizes the T Tauri stars. (See for example

Fig. 3.19).

§3.4 Comparison Between MIDAS and IRAF Reduction

As said in section 2.2, we have reduced only Sz 17 by using IRAF. In this
reduction we have used the scheme of Table 3.4. At first glance we did not
observe, as of course one should expect, any substantial difference. In Appendix

A we have reported all the extracted orders of Sz 17.
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In order to make the comparison we have normalized the orders by dividing
each order by the number of counts at the same wavelength coordinate for the

IRAF and MIDAS spectra. In this way we get the same scale.

The different scale of the procedure were due to the fact that a different
width of the numerical slit has been used during the orders extraction. By
observing the plots of the extracted orders we can observe immediatly the blaze
effect. In fact we did not perform the correction of the blaze function but we
have only divided by the normalized flat field. A more accurate analysis of the
orders shows a slightly behaviéur of this effect at the edges of the orders. This
is probably due to the different way used during background correction. Small
errors in the determination of the background are carried through the complete
reduction process and are amplified at the edges of the orders. The greater
differences are at the end of the orders while in the middle the coincidence is

very good.

Preliminar measures of equivalent width of several lines show that there are

negligible differences between the two extraction softwers.

The reason we have spent time in comparing the two methods is due to
the fact that it is very important for very weak object to define accurately the

continuum and the shape of spectral features.

Just to give an example let us consider the normalization problem. Let us
consider the spectrum of Fig. 3.20 which is a spectral type standards star. It is
characterized by a strong TiO molecular band which extendes over about three
orders. In this case it is very dangerous to normalize the spectrum order by
order because it is very easy to mask the molecular bands and to define a wrong
continuum. Not only in this extreme case but in general we believe that the best
method to normalize the spectra is to consider the whole spectrum and to take
some well defined points of the continuum to interpolate a smooter continuum.

If this method is not possible, we can always normalize order by order by taking
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into account all the points discussed above.

In our particular case it will be very important to define the exact continuum

if we want to find some criteria for the spectral classification of the T Tauri stars.
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Table 3.1:
FLT WLC
4 Y
FIND ORDER EXTRACT
POSITION ORDERS
y v
subtract IDENTIFY
background LINES
4 Y
define COMPUTE
blaze DISP. COEFFIC.

72

STD
!
subtract
background
!
flat field
correction
Y
extract
orders
¥
sample tn

wavelengths

4

compute

response

CASPEC Reduction scheme

OBJ

Y
SUBTRACT

BACKGROUND
U
FLAT FIELD
CORRECTION
ks
EXTRACT
ORDERS
)
SAMPLE IN
WAVELENGTHS
U
multiply by
response

or
fit blaze

4
MERGE ORDERS



Table 3.2

ORDER CENTRAL WAVELENGTH RESOLUTION
. A A/pixel
84 : 6770.8 0.210
85 6691.1 ' 0.208
86 6613.2 0.205
87 6537.2 0.203
88 6462.9 0.201
89 ' 6390.2 0.199
90 6319.2 0.196
91 6249.8 0.194
92 6181.9 0.192
93 6115.4 0.190
94 6050.4 0.188
95 5986.7 0.186
96 5924.4 0.184
97 5863.3 0.182
98 5803.5 0.180
99 5744.9 0.178
Table 3.3

GRATING K o

lines/mm
31.6 568746 0.8
51. 344705 0.8
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Table 3.4:

WLC

{
EXTRACT

ORDERS
4
IDENTIFY
LINES
4
COMPUTE
DISP. COEFFIC.

IRAT Reduction

FLT

Y
FIND ORDER

POSITION
¢

subtract

background
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scheme

OBJ

¢
SUBTRACT

BACKGROUND
4
FLAT FIELD
CORRECTION
4
EXTRACT
ORDERS
4
SAMPLE IN
WAVELENGTHS

{
MERGE ORDERS
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Fig. 3.3: A CASPEC flat field image.




Fig. 3.4: A CASPEC observation obtained of the T Tauri star Sz 3. The exposure

time is 60 min and the central wavelength is 62004. Note the strong emis-
sion of H,.

Counts

Pixels

Fig. 3.5: A order extracted from the WLC image.
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Fig. 3.7: Trace perpendicular to the dispersion direction through an object frame
in the blue range accessible to CASPEC showing the estimate background
(Flux in Counts).
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Fig. 3. 8 Components contributing to the background displayed in Fig. 3.7. The
upper trace labelled “background” is the addition of the bias, bottom curve,

dark, middle curve, and the fitted residual background due to scattered light
(Flux in Counts).
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CHAPTER IV

Spectral Classification Criteria

§4.1 Introduction

In a previous work (Franchini et al., 1988) we have determined the pro-
jected rotational velocities of the same sample of T Tauri stars that we are
studying in this work. In order to understand the location of T Tauri stars
in the Hertzsprung-Russel diagram in terms of theory of stellar evolution of
pre-main sequence objects, one has to know the physical parameters that char-
acterizes them; in particular the effective temperature and the luminosity. In
this work we discuss the determination of the spectral types which are effective

temperature indicators.

In this Chapter we will comment, on the basis of spectral characteristics of
T Tauri stars previously described (Chapter II), the different criteria which are
usually used in literature to determine the spectral type. In fact, we have seen
that sometimes spectral classification of T Tauri stars could be very difficult due
to the very strong activity which characterizes them. Then we will present the
preliminary results obtained for our sample and the different criteria that we

have used.

§ 4.2 Spectra Types Classification

Spectroscopically T Tauri stars have been classified as dwarfs G-M stars
(e.g. Joy 1945 and 1949, Herbig 1962 and 1977, Herbig and Rao 1972, Cohen
and Kuhi 1979 and references therein). Their surface temperatures are normally

determinated by a quantitative analysis of the photospheric absorption spectra
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or by a detailed comparison of the spectra with those of “stantard stars” of
known photospheric temperature. We have discussed before how the compari-
son to a standard star could be misleading due to the “veiling” problem. The
photospheric lines of the T Tauri stars can be weaker than those of the stan-
dard stars. We have also seen that the reasons of this behaviour is probably the
presence of deep photosphere which produce a .weakenz'g or desappearance of a

absorption line if the line absorption coefficient increases with the temperature.

Consequently, for strong-emission T Tauri stars reliable effective temper-
atures can only be determinated from a model-atmosphere analysis which in-
cludes the chromospheric layers. A comparison with standard absorption spectra

may be misleading.

In weak—emission T Tauristars and PTTs the photospheric absorption spec-
tra usually appear more normal. But, as has been known for many years, even in
these cases a comparison with standard star spectra often results in contradict-
ing effective temperature values when different criteria are used (Herbig, 1977;
Walker, 1978, 1980). We have seen, for example, in the case of ROX 3 - a PMS
star which show little chromospheric emission - the T, ff value results higher in |
the blue spectral range than in the red range. In the blue range Appenzeller
(1985) uses the ground-state line of Cal and Crl and the Fel lines and some oth-
ers criteria. In the red range he uses the TiO molecular bands. The presence of a
very deep chromosphere produces the emission of Cal and CrI groundstate lines
in the very extreme T Tauri stars; then in ROX 3 the same lines are in absorp-
tion but they are probably contaminated by chromospheric emission. Moreover,
since these lines have high line coefficient absorption they are probably formed
relatively high in the photosphere near the temperature minimum where the flat
temperature gradient, weakens the absorption strength. For the weaker Fel lines

we look deeper into the photosphere so that these effect are less pronounced.

The chromospheric effects mimic a higher effective temperature. In the red
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~range usually it is possible to use the TiO band (chromospheric TiO emission
is very unlikely), so that the effective temperatures derived from this criterion
are probably less affected by the dense chromosphere. However, higher optical
depth of the temperature minimum will certainly influence the molecular bands
as well. Therefore, a T Tauri star and a standard star of equal TiO band strength
need not to have the same effective temperatureA, and neither the criteria used in
the blue spectral range nor the TiO bands can be expected to provide a reliable

effective temperature of T Tauri stars.

So we can point out that in “veiled” spectra the spectral type estimation
can only be of approximate nature. But in spite of these difficulties the quoted
spectral type should at least give a rough idea of the temperature of the pho-
tospheres of the observed stars. Moreover, their uncertainties and systematic
errors may be less than available values computed by models and evolutionary

tracks of PMS stars.

4.2.1 First Rough Spectral Classification

Some dwarf stars, spectral types ranging from G2 to MO has been observed
with the same equipment as that used for the Chamaeleon 1 and Chameaeleon 2
stars as spectral type standards. In Table 4.1 all the observed stars are reported:
identification of the stars are given in columns 1 and 2; red magniﬁudes (m,),
taken from Schwartz (1977), are in column 3; columns 4 and 5 report respectively
the published values of the luminosities and rotational velocities (Franchini et

al., 1988).

In Fig. 4.1(a-d) we have reported all the observed spectra of the Chal and
Cha2 dark clouds and the standard stars in a relative scale: we have normalized
all the the spectra to the continuum at the same wavelength (A ~ 5974 A4) and

then we have shifted the spectra in order to overplot them. All the spectra
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have been reduced with the IUE-like method described in Chapter II. Only
the star Sz 3 has been reduced with the standard method and in fact it is
possible to observe the slope due to the normalization relative to the calibration
standard star F 56. In Fig. 4.2 we have reported the spectra having spectral
type ranging from G2 to M5 and luminosity class V (Jacoby et al., 1984) to

make a comparison.

We have used these spectra to determine some criteria for spectral classifi-
cation on the basis of metallic lines ratio and/or molecular bands. In this choice
we have taken into account all the considerations we have discussed in section

2.2.

From the spectra in Fig. 4.1d and Fig. 4.2 we can observe the effects of the
different photospheric temperatures over the Na I D lines and the TiO molecular

band (A = 62404) for instance.

Care is exercited in the use of the D Na I since some strong lines stars exibit
sodium emission (Fig. 4.3). Stars in which TiO bands are seen offer the most

secure classification.

A first rough estimation of the spectral type has been performed by eye by
comparing the spectra of the T Tauri stars Fig. 4.2(a-c). In this way we have
been able to put some lower or upper limit to the spectral type. These first

results have been reported in column 2 of Table 4.2.

In this kind of estimation of spectral type we have essentially considered
the presence and the strength of the TiO band and the strength emission lines

as indicator of veiling.

Taking into account our standard star spectra and those of Jacoby et al.’s
(1984) library we can see that only for stars cooler than K4 it is possible to
observe and then to use the TiO band. For the stars hotter than K4 this band

disappear and we have to consider other criteria . Maybe, the Na I D lines could
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be a good criteria for the K stars if no emission are present.

In our opinion, the standard star HDE 260655 (MO0) seems hotter then the
standard star HD 121271 (K7). This appears at first glance by comparing the
two spectra. The TiO band and the Nal D lines are stronger and wider in
HD 121271 (K7) star than in HDE 260655 (MO0). This is confirmed also by all
other quantitative criteria used for the spectral classification (see below). We
would like remember that the standard star HDE 260655 has been classified as
MO V by Jacoby etv al. (1984) while the star HD 121217 is reported to be K7 V
by Buscombe’s (1981) and has been classified as K5/MO0 V by Houk (1978,1982).

In this preliminary study we have considered as MO V the star HD 121217 and
we have neglected, for the moment the star HDE 260655. We intend to check

the spectral type of the two stars with more accuracy.

By comparing columns 2 of Table 4.2 with Table 4.3, we see that, even if
we cannot give a precise estimation of the spectral types, our results are not
in contrast with those available from literature. The only consistent difference
is the star Sz 9 which is classified MO by Appenzeller et al. (1983) while it
should not be cooler than K4. In fact we do not observe a strong TiO molecular
band as for MO stars and the star does not seem to be characterized by intense
activity (see Fig. 4.1a). Moreover, even if the TiO is affected by veiling, this one

generally is not so strong to produce a difference of about five spectral classes.

It is evident that this kind of identification is only qualitative and that it is
necessary to calibrate the bands heads against spectral types using monochro-

matic ratios of flux at the band head to adjacent continuum.

4.2.2 Spectral Type Criteria

At the moment we have performed only preliminary studies and we have

used the following criteria to identify the spectral type:
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i) Nal D strength: only for the stars where the photospheric spectrum is
well defined and no emission are present. Usualiy this method could be usuful
for the G-K stars. We have measured the equivalent width for the two lines D,
and D for all the standard stars available . Then we have fitted these point and
used this relationship to obtain for the T Tauri stars the spectral type given the
equivalent width of the Nal D lines (Fig 4.4). In Table 4.4 we have reported the
equivalent width of the Nal D lines (EW (D;) and EW (D;)) Tor the standard
stars. It is possible to observe that for the star HD 121271 the equivalent widths
are greater than for the star HD 260655. This conferm our suspicion about the

spectral classification of these two stars.

i) Fel(5778.54)/VI(5776.74): By using the “Photometric Atlas of the
Solar Spectrum” (Minnaert et al., 1940), the “Photometric Atlas of the Spectrum
of Arcturus” (Griffin,1968) and the tables of the “Solar Spectrum 29354 to
9770A4” (Moore et al., 1966) we have looked for a number of absorption lines,
which are particularly sensitive to the effective temperature and are free from

blend and not affected by near emission.

We have observed the behaviour of the Fel(5778A) and VI(5777A) for the
Sun G2 V and Arcturus K2 5: from Fig. 4.5 we can observe the ratio of these
lines decreases by decreasing the effective temperature. So we have measured the
equivalent widths for the two lines (where both where measurable: Table 4.5)
and we have constructed the plot of Fig. 4.6. Since we have only five standard
stars and for two of them it was not possible to measure the equivalent width of

VI, we have used the equivalent width of Sun and Arctur.

It is correct remember that this criterion should not be used for the stars
affected by strong activity: due to veiling, different lines could show differential
chromospheric filling-up of their absorption cores. This is confirmed with the fact

~that the spectral type obtained using this criterion is essentially in agreement

with the spectral type obtained using the previous criteria if the stars are not
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affected by veiling (see Table 4.2). The worst agreement is obtained when the
star is strongly veiled: in Table 4.2 we have reported all our results even when

the star is characterized by strong activity.

1ti) Cal 6162 A: This criterion is generally good to identify the G2-KO stars
but not cooler stars because of the blend due to the fact the TiO molecular
band becomes stronger as one goes to cooler spectral types. Anyway we have
measured the equivalent width by integrating the profile of the line between the

same profile extremes in order to take into account equally blend effects.

Concerning the agreement of the results with the previuos one, we note that
the worst is for Sz 30, due both to the fact that it is not suitable for cool stars

and to the presence of strong “veiling”.

4.2.3 Effective Temperature by the Curve of Growth

As last method to estimate the spectral type we have used the curve of
growth analysis of the Fel lines. This methods, allows to derive the effective
temperature (needed to locate the star in H-R diagram and discuss the star
energy distribution) and then to convert effective temperature to spectral clas-
sification by using appropriate temperature scales for luminosity class V (Cohen
and Kuhi 1979) (See Table 4.6). In this way it is implicitily assumed that this
conversion from spectral type to effective temperature (or viceversa) can be

made even though it is likely that a T Tauri star is not a normal star.

‘However, this procedure should result in a temperature scale that should
be the most accurate system available until better model atmospheres are cal-
culated. We note that it is not clear what T.sf should mean in a star with
different emitting regions, each carrying significant amounts of flux, e.g, pho—_
tosphere, chromosphere, extended atmosphere, circumstellar dust (see section

2.2.3). The formal definition of T% s requires the bolometric definition and the
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radius. Even with an estimate of Lp,; it is uncertain which value of radius R
to use in the calculation of T,f;. The answer requires a physically consistent

model for the emitting regions.

The equivalent widths of a number of Fel lines were used to derive a curve of
growth for each program star. We divided the iron lines into groups, according to
their excitation potential, and searched for the excitation temperature capable of
bringing all the groups to the same curve of growth (see Gray 1976, p339). The
effective temperatﬁre was then obtained by assuming the same ratio between
excitation and effective temperature that holds for the Sun. Column 6 in Table
4.2 report the spectral types obtained in such a method after a conversion of the
derived effective temperature into spectral type according to Table 4.6 (Cohen

and Kuhi, 1979).

As we have commented for the Fel/VI criterion, this criterion could not be
suitable for T Tauri stars affected by “veiling”. In fact we can observe that the
best agreement is obtained for the stars Sz 6, Sz 9, Sz 19 and Sz 41 which do

not show veiling effect and strong activity.
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Table 4.3 Spectral Type Classification
Sz Appenzeller Appenzeller Appenzeller
(1977) (1979) et al. (1983)
3 K2 V K2 V MO:
5 KO: KO: MO:
6 KO K2
9 K2 Vv MO
17
19 G2 V G2
24 Gl Vv Gl Vv K2
30
34 GK K5:
36 K2 MO
41
51
54
59
61
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Table 4.4

Standard EW(Dl) EW(DZ)
Stars ;
Amstrong Amstrong
HD 70854 G2 V 0.7 0.55
HD 97841 G6 V 1.3 0.96
HD 130042 KO V 1.7 1.19
HD 137303 K4 V 4.0 2.7
HD 260655 K5/M0 Vv 8.6 5.4
HD 121271 MO V . 6.2 4.9
Table 4.5
Star EW(VI) EW(FelI) log(FeI/VI)
Sun 0.0015 0.016 1.03
HD 70854 0.016
HD 97841 0.96
HD 130042 0.013 0.028 0.33
Arcturus 0.05 0.07 0.15
HD 137303 0.022 0.026 0.07
BD 260655 0.054 0.047 -0.06

103




Table 4.6

ErFecTiVE TEMPERATURE SCALE ADOPTED
FOR YOUNG STARS

Spectral Type log T Spectral Type log T
09.5.. 4.519 GS5........... 3,753
BO........... 4.490 G8........... 3.736
BOS5S.......... 4418 KO........... 3.719
Bl........... 4.354 Ki........... 3.708
B2.. ......... 4.312 K2........... 3.695
B3........... 4.253 K3 ... . ... 3.679
BS........... 4.140 K4........... 3.661
B6........... 4.111 KS........... 3.643
B7........... 4.086 K6........... 3.623
B8........... 4.053 K7........... 3.602
BY........... 4.025 K7-MO....... 3.598
AO........... 3993 MO........... 3.593
A2 ... ... ... 3.960 MO.S.......... 3.580
Al ... 3.938 Mi........... 3.566
AS. ... . ... .. 3917 MIS.......... 3.555
A6........... 3.907 M2........... 3.544
AT........... 3.897 M2.5 3.535
FO........... 3.847 M3.. .. ....... 3.526
F2........... 3.826 M35.......... 3.518
FS. ... ....... 3.806 M4, ... ....... 3.509
F8........... 3.778 MS........... 3.494
GO........... 3.771 MSS5.......... 3.483
Gl........... 3.766 Mé6........... 3.471
G2........... 3.761
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Sun

Arcturus

Fig. 4.5: Fel(5778) and VI(5778) for the Sun and Arcturus. We can observe that the
ratio of these lines decreases by decreasing the effective temperature.
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- Fig. 4.7: Illustration of excessive emission of Sz 19 in the UV (a); at Hg, Mgl B,
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top) a spectroscopic standard (1); the standard convolved with a rotational

finction of v x sint = 30km/s (2); Sz 19 (3); and the ratio (3):(2).

Note

that the two residual components of the Nal D obey a flux ratio of 2.0, and
indicate the presence of an interstellar absorption feature, too (Finkenzeller

and Basri, 1985).



Conclusions and Future Work

The results of this preliminary work have been reported in Table 4.2. We
have seen how spectral lines are unreliable indicators of spectral type for PMS
stars with T Tauri émission characteristics. Strong absorption lines, which tend

“to have cores that form high in the stellar atmosphere, are sometime weak or
“filled in”, while neighboring lines of photospheric origin are normal in strenght.
This is generally interpreted as evidence for the presence of a chromospheric
temperatﬁre rising in T Tauri stars. The net effect is too weaken the stronger
lines, making G and K stars appear of earlier in spectral type than would be
indicated by the continuum. The lines remain narrow as their equivalent width
are reducted by the superposed continuum emission. M stars, on the other hand,
would still be recognizible as such because of the presence of molecular bands,
although perhaps the bands would be weak. There are sometimes systematic

differences among spectral types determined by various authors.

The moderate strength features selected for classification in our region
58004 — 6800A are apparently less affected by the T Tauri phenomena than the
features in the blue usually used in the classification (Cohen and Kuhi 1979).

The classification presented here is only preliminary. Most of the time has
been spent for the data reduction, which is the first important point to start for

the quantitative measurements.

All the criteria and methods used will be checked with more accuracy. First
of all we would underline that all the equivalent width of the lines used to obtain
the relationship used for the spectral classification have been measured using the

order by order normalized spectra. As we have described in section 3.2 we believe
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that it is easier to make some mistake to identify the continuum points needed
for the interpolation of the continuum than if you use the complete spectrum.
Especially for the cooler stars the possibility of this obstacle is greater. Then

what we propose is:

1. To normalize again the newly calibrated spectra processing the whole spectra
at least for those stars where the order effects are not visible and the calibra-
tions are the best. For the other stars, namely for the stars where the orders
corrections are ﬁot good, we are forced to repeat the normalization order by

order taking care the presence of bands in our spectral range.

2. After this delicate step we will repeat all the measurements of the equivalent
width to obtain new curves of growth. In particular we hope to be able to
construct the curves of growth using only the weakest absorption lines which
are less affected by veiling. This means to use the linear branch of the curve
of growth.

3. To check, using Jacoby et al.’s (1984) library, the spectral type of the two
standard stars (HD 121217 and HD 260655) in order to construct a complete

sequence of standard stars.

4. To measure with the new data reduction and with the greatest accuracy
possible the strength of the TiO molecular bands for the stars cooler than
K4.

5. To look for other criteria for the classification, like Fel/VI, using metallic
lines ratios. Especially for lines with same excitation potential, which are
presumibly formed in the same region and are similarly veiled, this could be
a powerful criterion.

6. At the end to double-check the obtained results we would like to make the
difference between the TTSs spectra and the standard stars spectra and min-
imize the residuals. This technique has been used by Finkenzeller and Barsi

(1985). They use both difference and plots to make a comparison between
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the spectra. The underlying assumption for this technique is always that the
solar atmosphere of the program star and the standard resemble each other
sufficiently that a direct comparison is meaningful. This is often taken to
mean that they resemble each other at large optical depths, while the surface
or extended parts of the atmosphere might‘be different. One can easly get
a spurious ratio signal if the broadening mechanisms are sufficiently differ-
ent, the temperature structures are never homologous, or the line formation
physics is sufﬁciently different due to a variety of factors like gravity, abun-
dances, atmospheric inhomogeneities, and so on. With this technique the
standard star has to be convolved with a rotational function to match the
v * sin¢ of the target star. After this, both objects, T Tauri and standard
have to be moved to the same reference wavelength frame; namely that of
the stellar photosphere. Unfortunately, the resulting wavelength shift also
affects the ever-present telluric-lines. Ideally, those lines should be removed
ab initio, but this is rather hard to accomplish. As results, virtual features
can appear in the ratio plots. In this way any chromosphere activity will then
show up as excessive emission, related to particular lines. This approach has
been already performed by Finkenzeller and Barsi (1985) to study the activ-
ity and veiling of T Tauri stars. In Fig. 4.7 it is reported a their example
where a nonrotating standard star, the same star convolved with a rotational
function, a T Tauri star, and the direct ratio of these are plotted. The first
striking point to be seen, in looking at the ratio plots, is the high degree to
which the weak and and medium strength photospheric lines divide out. Only
the stronger absorption features in the standard star appear to fill up in the
T Tauri stars. This phenomenon is easily seen in the UV and infrared lines
of neutral and ionized calcium, in the Balmer lines, in the sodium doublet,
and in a number of iron lines. The stronger features are observed by Finken-

zeller and Barsi (1985) in the IOS spectra at lower resolution. They note also
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that the ratio spectra bear a close resemblance to solar chromospheric limb
spectra. The lines which show up are those expected to be formed above the
deep photosphere in the stellar atmosphere. The qualitative explanation is

given in section 2.2.
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